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Exoplanets are now known to be ubiquitous throughout the Galaxy.
From the Kepler survey, we expect nearly every main-sequence star to form
planetary systems during its formation phase. However, the detection limits of
Kepler are confined to planets with short orbital periods, comparable to those
in the inner solar system. Thanks to the long observational time baseline of the
McDonald Observatory Radial Velocity (RV) Survey, we can identify gas giant
planets in the outer regions of extrasolar planetary systems. The statistics of
such planets are not well known, and are important for understanding the
physics behind planet formation and migration. In this dissertation, I detail
the discovery of five giant exoplanets on long-period orbits–so-called “Jupiter
analogs.” For two systems of giant planets discovered through our survey, pairs
of planets follow closely-packed orbits, creating the possibility for dynamical
instability. I therefore examine the orbital resonances that allow these planets
to avoid gravitational disruption.
x
Because we see an abundance of small, potentially habitable exoplanets
in the Kepler data set, current and upcoming exoplanet surveys concentrate
on finding Earth-mass planets orbiting stars near enough to facilitate detailed
follow-up observations. Particularly attractive targets are cool, low-mass “M
dwarf” stars. Their low masses (and thus higher RV amplitudes from exo-
planets) and close-in habitable zones allow for relatively quick detection of
low-mass planets in the habitable zone. However, the RV signals of such plan-
ets will be obscured by stellar magnetic activity, which is poorly understood
for M stars. In an effort to improve the planet detection capabilities of our
M dwarf planet survey, I have conducted a detailed investigation of the mag-
netic behavior of our target stars. I show that, while stellar activity does not
appear to systematically influence RV measurements above a precision level
of ∼ 5 m/s, activity cycles can occasionally produce RV signals in excess of
10 m/s. Additionally, I show that long-term, solar-type stellar activity cy-
cles are common amongst our M dwarf targets, although they are significantly
less frequent than for FGK stars. In the case of GJ 328, I have discovered a
magnetic activity cycle that appears in the RV data, causing the giant planet
around the star to appear to be on a more circular orbit than indicated by
the activity-corrected data. Such corrections are essential for the discovery of
Earthlike exoplanets.
xi
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Chapter 1
Introduction
Beginning with the first discoveries of planets orbiting nearby main-
sequence stars [136, 156], the identification and characterization of exoplanets
has relied on the radial velocity (RV) method of detection, which involves
the measurement of Doppler shifts in stellar absorption lines caused by the
gravitational influence of an orbiting planet. Although the RV technique was
initially limited in precision to only the most massive, close-in exoplanets (the
so-called “hot Jupiters”), the implementation of wavelength calibration data
taken simultaneously with stellar spectra (e.g. [34, 71, 220]) soon allowed for
extremely precise velocity determination. While these advances have allowed
for the discovery of much less massive planets (the GJ 581 system, for ex-
ample, [157]), there remain two categories of planets whose frequencies and
properties are vital data for understanding exoplanet formation and distribu-
tion, yet remain underrepresented in the know planet population. The first is
the “Jupiter analog” family–gas giant planets whose orbits have not migrated
significantly inward from their formation locations in the protoplanetary disk
[233]. The second category, considered the “holy grail” of exoplanet discovery,
is terrestrial planets in the circumstellar habitable zone (HZ; [119]), sometimes
referred to as “Earth analogs.”
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While current RV precision allows for the discovery of giant planets at
practically any orbital distance, confidently determining the orbit of a Jupiter
analog requires semi-constant observational coverage over at least one full pe-
riod, thus requiring continuous data over a decade or more. With an abun-
dance of available time year-round on the 2.7 m Harlan J. Smith (HJST) and
9.2 m Hobby-Eberly (HET) Telescopes, the McDonald Observatory Planet
Search Program is one of only a few RV programs worldwide capable of de-
tecting long-period gas giants. As the program’s time baseline has just reached
12 years, approximately the orbital period of Jupiter, we see evidence of a large
population of giant planets at periods P ≥ 10 years. Determining the occur-
rence rate of Jupiter analogs and how the properties of their host stars (i.e.
mass, temperature, metallicity, etc.) is important in the quest to understand
planet formation. For example, giant planets at shorter orbital distances have
been shown to exist preferentially around stars with higher masses [115] and
greater heavy-element content [76]. These correlations are understood within
the model of planet formation via core accretion, in which Jovian planets
form by first building a rock/metal core through collisional accretion of heavy
elements, and later attracting gaseous material through gravitational attrac-
tion. Thus, more massive stars, with correspondingly larger protoplanetary
disks, and more metallic stars should prove especially conducive to gas giant
formation. Do these rules hold for more distant planets? The disk instabil-
ity model of planet formation [26], in which giant planets form rapidly via
direct collapse of a locally overdense, gravitationally unstable region of the
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protoplanetary disk, can be much more efficient at large distances in the disk.
Planets formed through disk instability may show differing dependencies on
stellar mass or metallicity. Furthermore, it may be the case that some prop-
erty of the host star or its surrounding environment controls whether planets
that form beyond the ice line (where low temperatures allow for the conden-
sation of volatile elements, making those elements available for accretion onto
a planet) remain at large radii or migrate inward. Only the identification of
a statistically significant number of Jupiter analogs can conclusively answer
these questions.
In the following two chapters, I will describe the discovery and char-
acterization of four Jupiter analogs identified through the McDonald RV pro-
gram. For two of the stars in our survey, we see evidence for two giant planets
in each system. The presence of multi-planet systems is not surprising, as the
Kepler survey has shown systems of multiple planets to be quite common in
the Galaxy (e.g. [208]). As for many of the Kepler planets, the planets we
find in multiple systems follow orbits that cause them to interact gravitation-
ally. In order to remain stable against collisions or orbital decay, these planets
must orbit within mean-motion resonances. Similar orbital resonances may
have contributed to the architecture of our outer solar system, as a first-order
resonance for Jupiter and Saturn could have pushed Uranus and Neptune out-
ward [216]. In the case of exoplanets, demonstrating dynamical stability has
become a critical part of validating the discovery of a multi-planet system
[98, 104, 105, 235]. I have therefore included detailed modeling of the orbital
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dynamics for the planets around HD 155358 and HD 204313, showing that the
orbital fits derived from our data are consistent with stable, resonant orbits.
HD 204313 represents a particularly interesting case, as the 3:2 mean-motion
resonance offers only a very narrow range of parameters where stable orbits
are possible.
One of the primary motivations for any exoplanet search is the push
to discover Earthlike planets. As of this writing, Kepler has shown small,
terrestrial planets to be abundant in the Galaxy [7], and has identified a small
number of planets tantalizingly close to the “Earth-mass in the habitable zone
of a Sun-like star” benchmark [20, 21]. Because the mission of Kepler is to
provide a statistical estimate of the frequency of terrestrial planets, and not to
provide detailed characterization of any individual systems, it is essential for
RV programs to locate Earth analogs around nearby stars to facilitate more
complete analysis.
For a number of practical and astrophysical reasons, planets around M
dwarf stars–the coolest, least massive stars–are particularly attractive targets
for RV surveys focusing on Earth analogs. As the most common stars in the
Galaxy, M dwarfs very likely represent the most numerous habitable environ-
ments. Most of the closest stars to the Sun are also M dwarfs, ensuring Earth
analogs found in those systems would be well-suited for space-based imaging
or spectroscopic follow-up, or perhaps even robotic missions to visit the plan-
ets. From an observational standpoint, the HZ lies much closer to M dwarf
stars than their solar-type counterparts. Additionally, their lower mass leads
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to a larger reflex velocity from the mass of an orbiting planet. These com-
bined factors means a terrestrial planet in the HZ around an M dwarf would
be detectable at the ∼ 1 meter per second level (within the limits of current or
near-future instruments), whereas a similar planet in the HZ of the Sun would
only produce an RV signal of ∼ 10 cm/s.
As illustrated by the purported discovery of a 1M⊕ planet around α
Cen B [66, 94], the limiting factor for identifying planets with RV amplitudes
K ≤ 1 m/s will not be instrumental precision, but the RV noise (sometimes
called “jitter”) introduced by magnetic activity on the stellar surface. Stel-
lar magnetic variations may influence RV measurements in a number of ways.
Starspot modulation may introduce signals connected to stellar rotation as
spots cover red- or blueshifted regions of the star. Granulation on the stel-
lar surface causes a perceived blueshift, as hotter outflowing plasma covers a
larger surface area than cooler, inward-flowing gas. A star may also appear
redshifted as the presence of more magnetically active regions inhibit convec-
tion, reversing the granulation effect (see, e.g. [132]).
Stellar magnetic activity and its effects on RV measurements are par-
ticularly poorly understood for M dwarf stars. Traditionally, RV surveys have
relied on the Ca II H&K absorption lines to trace stellar activity [6, 111, 189].
However, due to the lack of blue flux from M stars, there is often insufficient
S/N to extract meaningful information from the H&K lines. In the case of
the High Resolution Spectrograph on HET, we do not even have the spectral
coverage to acquire these lines. Fortunately, as shown by [86], the Hα and Na
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I D absorption lines are responsive to magnetic activity in M stars, offering
alternative tracers for RV work. Using these lines, I have utilized the spec-
tra acquired from the HET M dwarf planet survey to examine the magnetic
activity of our targets, and the resulting influence on RV.
The final two chapters of my dissertation detail the results of my M
dwarf activity survey. In Chapter 4, I describe the magnetic properties of
our targets as traced by the Hα line. We find that at the precision of our
RV measurements (approximately 5 m/s for most stars), most M dwarfs do
not show activity-induced RV signals reflected in Hα. The Hα data offers a
wealth of insight into M dwarf activity, though, with a significant fraction of
our targets exhibiting long-term magnetic cycles and trends. Such cycles only
occur for stars of massM∗ ≥ 0.4M⊙, though. Since the mass cutoff matches the
point at which low-mass stars can no longer maintain a radiative interior, my
result suggests M dwarf activity cycles are powered by the dynamo resulting
from differential rotation between the radiative and convective layers, which is
generally accepted to be the mechanism maintaining the 11-year solar cycle.
More promising for RV work is the Na I D feature. While my in-
vestigation of these lines in our M dwarf data is not yet complete, the case
of GJ 328 shows an interesting example of their application. Our RV data
show evidence for a Jupiter analog planet in a 12-year orbit. Analysis of the
sodium feature reveals a magnetic activity cycle with a 5-year period. The RV
measurements are correlated with the Na tracer, which is normally a cause
for concern when claiming exoplanet detections (e.g. [183]). However, as de-
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scribed fully in Chapter 5, the planet and the activity cycle actually create two
distinct signals in the RV data, and the removal of the activity signal causes
the orbital fit of the planet to become more eccentric. The results of this work
suggest it should be possible to use spectral activity tracers to identify and
remove activity-induced RV signals in order to detect the low-amplitude RV
modulations caused by terrestrial exoplanets.
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Chapter 2
Jupiter Analogs and Resonant Giant Planets
2.1 Background
Beginning with the first radial velocity exoplanet detections [136, 156],
exoplanet surveys have identified a large number of gas giant planets on very
short orbits (see [19, 219, 238] for complete details). However, to answer the
fundamental question “how common are planetary systems analogous to our
solar system?” requires years of data from dedicated exoplanet surveys to
achieve the observational time baseline necessary to detect the true Jupiter
analogs–those giant planets which do not undergo significant inward migration
after the dissipation of the protoplanetary disk. Planets with periods greater
than approximately 2 years are particularly valuable, as they are outside the
detection limits of space-based transit searches such as Kepler [18] and CoRoT
[3], whose mission timescales are too short to confirm such detections.
Identifying long-period Jovian planets is essential to constraining theo-
retical and observational results on the true distribution of giant planets versus
orbital separation. [48] find approxmiately 10.5% of FGK stars host gas gi-
ant planets with periods between 2 and 2000 days, and [233] claim a 3.3%
occurrence rate for ”Jupiter analogs,” which they define as giant planets with
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e < 0.2 and P ≥ 8 years. While microlensing surveys (e.g. [89]) derive a higher
giant planet fraction, their results are roughly consistent with RV surveys if we
consider the differences in sensitivity between the two methods. Microlensing
planet searches are particularly sensitive to planets near the Einstein radius
(typically 2-4 AU), where core accretion models [11] and extrapolations of RV
results [48] agree there should exist a significant population of Jovian planets.
The expansion of the time baselines of RV surveys to include these long-period
planets is essential to reconcile the statistics of RV and microlensing planet
searches.
A more complete census of long-period gas giants also places strong
constraints on theories of planet formation and migration. The frequency of
Jovian planets offers information on the efficiency of core accretion in proto-
planetary disks [27, 62, 151], and the mass-period distribution will test predic-
tions that planets with m sin i ≥ MJ do not migrate as far as Neptune- or
Saturn-mass planets [27, 55]. Additionally, enlarging the sample size of giant
planets allows for a more robust examination of correlations between the prop-
erties of exoplanetary systems (e.g. planet frequency, mass, eccentricity) and
those of their stellar hosts, such as metallicity [76], mass [116], and galactic
dynamics [67].
The McDonald Observatory Planetary Search [42] has been conducting
a high-precision radial velocity survey to identify substellar companions around
FGK stars with the Harlan J. Smith 2.7 m telescope since 1987. Since our
migration to a cross-dispersed echelle spectrograph in combination with an I2
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absorption cell in 1998, and with the addition of the Hobby-Eberly Telescope in
2001, we have successfully monitored hundreds of stars with velocity precision
of∼ 3 m/s, giving us a 14 year observational time baseline. As a result, we now
see evidence of planets with periods of 5 years or more, a demographic that is
still underrepresented in exoplanet discoveries, accounting only 38 of the 518
planets listed in the exoplanets.org database (as of 5 January 2012). In this
chapter, we present two such objects–HD 79498b and HD 220773b–a shorter-
period Jovian planet around HD 197037, and updated orbital parameters for
the two-planet system surrounding HD 155358.
2.2 Sample and Observations
The McDonald Observatory Planet Search Program currently monitors
over 250 (mostly FGK) stars with the 2.7 m Harlan J. Smith Telescope for
RV variations due to planetary companions. The survey is magnitude limited
to V ∼ 10, and regularly achieves RV precision of 3-6 m/s. The large number
of nights provided for our program results in excellent temporal coverage and
long observational time baselines for our targets; the objects presented here
each have 30-120 data points over 7-10 years. Thus, our sensitivity is more
than sufficient to detect RV signatures comparable to that of Jupiter, which
would require observations at our level of precision over 12 years.
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2.2.1 2.7 m Telescope Observations
The velocities for HD 79498 and HD 197037 were obtained with the
Smith Telescope’s Tull Coude´ Spectrograph [217] using a 1.8 arcsecond slit,
giving a resolving power of R = 60,000. Before starlight enters the spec-
trograph, it passes through an absorption cell containing iodine (I2) vapor
maintained at 50◦ C, resulting in a dense forest of molecular absorption lines
over our stellar spectra from 5000-6400 A˚. These absorption lines serve as a
wavelength metric, allowing us to simultaneously model the instrumental pro-
file (IP) and radial velocity at the time of the observation. For each star,
we have at least one high-S/N iodine-free template spectrum, which we have
deconvolved from the IP using the Maximum Entropy Method, and against
which the shifts due to the star’s velocity and the time-variant IP are mod-
eled. Our reported RVs are measured relative to this stellar template, and are
further corrected to remove the velocity of the observatory around the solar
system barycenter. All radial velocities have been extracted with our pipeline
AUSTRAL [71], which handles the modeling of both the IP and stellar velocity
shift.
2.2.2 HET Observations
Our RV data for HD 155358 and HD 220773 were taken with the High
Resolution Spectrometer (HRS; [218]) on the queue-scheduled 9.2m Hobby-
Eberly Telescope (HET; [185]). As with the 2.7 m observations, the HET/HRS
spectra are taken at R = 60,000 with an I2 absorption cell. The fiber-fed HRS
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is located below the telescope in a temperature-controlled room. Separate
stellar templates were obtained with HRS for these stars. Details of our HET
observing procedure are given in [43].
While we use HRS spectra exclusively for obtaining RVs for HD 155358
and HD 220773, we have I2-free spectra from the 2.7 m telescope for these stars
as well. These spectra serve two purposes. First, they allow us to determine
the stellar parameters for all five stars using the same instrumental setup.
Also, the Tull 2.7 m coude´ spectrograph provides Ca H and K indices, which
contain information as to the activity levels of the stars.
Tables 2.3-2.6 list the relative velocities and their associated uncertain-
ties for HD 79498, HD 155358, HD 197037 and HD 220773, respectively. Table
2.4 includes observations published in [44], but since all of our spectra have
been re-reduced with our most up-to-date methods, the velocities presented
here have a higher precision.
2.3 Analysis and Orbit Modeling
2.3.1 Host Star Characterization
We determine the stellar parameters of our targets according to the pro-
cedure described in [31]. The method relies on a grid of ATLAS9 model atmo-
spheres [133] in combination with the local thermodynamic (LTE) line analysis
and spectral synthesis program MOOGa [205]. Using the measured equivalent
aavailable at http://www.as.utexas.edu/∼chris/moog.html
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widths of 53 neutral iron lines and 13 singly-ionized iron lines, MOOG force-
fits elemental abundances to match the measured equivalent widths according
to built-in atomic line behavior. Stellar effective temperature is determined by
removing any trends in equivalent widths versus excitation potential, assum-
ing excitation equilibrium. Similarly, we compute the stellar microturbulent
velocity ξ by eliminating trends with reduced equivalent width (≡Wλ/λ). Fi-
nally, by assuming ionization equilibrium, we constrain stellar surface gravity
by forcing the abundances derived from Fe I and Fe II lines to match.
We begin our stellar analysis by measuring a solar spectrum taken
during daylight (through a solar port) with the same instrumental config-
uration used to observe our targets. The above procedure yields values of
Teff = 5755 ± 70 K, log g = 4.48 ± 0.09 dex, ξ = 1.07 ± 0.06 km/s, and
log ǫ(Fe) = 7.53± 0.05 dex. We then repeat this analysis for our target stars,
using the I2-free template spectra. We note that our derived metallicities are,
as is conventional, differential to solar. The high S/N and spectral resolution
of our stellar templates allow us to make robust estimates of each star’s ef-
fective temperature, log g, metallicity, and microturbulent velocity, which we
include in Table 5.1. We also include photometry, parallax data, and spectral
types from the ASCC-2.5 catalog (Version 3, [126], as well as age and mass
estimates from [37].
In addition to basic stellar parameters, we use the standard Ca H and
K indices to evaluate the hypothesis that our observed RV signals are actually
due to stellar activity. For HD 79498 and HD 197037 we have time-series
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Star Spec. V b B − V b MV Para-c Dist. Teff log g [Fe/H] ξ Massc Agec SHK log
(HD #) Type llax (pc) (K) (km/s) (M⊙) (Gyr) R
′
HK
(mas) ±100 ±0.12 ±0.06 ±0.15
79498 G5 8.03 0.70 4.58 20.4 49 5740 4.37 0.24 1.27 1.06 2.70 0.167 -4.66
155358 G0 7.27 0.55 4.09 23.1 43 5900 4.16 −0.51 0.50 0.92 10.70 0.169 -4.54
197037 F7 6.81 0.52 4.23 30.5 33 6150 4.40 −0.20 1.16 1.11 1.90 0.167 -4.53
220773 F9 7.09 0.63 3.66 20.6 49 5940 4.24 0.09 1.50 1.16 4.40 0.159 -4.98
Table 2.1: Stellar properties.
b[126]
c[37]
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measurements of the Mount Wilson SHK index. For each of these stars, we
obtain SHK simultaneously with radial velocity, so we include those values in
the RV tables. From the average value of these measurements, we derive (via
[169]) logR′HK , the ratio of Ca H and K emission to the integrated luminosity
of the star, which we include in Table 5.1. The activity indicators are discussed
in detail for each star below, but we note here that the sample overall appears
to be very quiet, and we have no reason to suspect stellar variability as the
cause of the observed signals.
As a second fail-safe against photospheric activity mimicking Keple-
rian motion, we calculate the bisector velocity spans (BVS) for spectral lines
outside the I2 absorption region. As described in [28], this calculation offers
information regarding the shapes of the stellar absorption lines in our spec-
tra. As photospheric activity that might influence RV measurements occurs,
it alters the shapes of these lines, causing a corresponding shift in the BVS.
Our BVS, then, offer a record of the activity of our target stars. Provided our
planetary signals are real, we expect the BVS to be uncorrelated with our RV
measurements. For each RV point, we have a corresponding BVS measurement
computed from the average of the stellar lines outside the I2 region.
2.3.2 Orbit Fitting
To determine the orbital parameters of each planetary system, we first
analyze each RV set using the fully generalized Lomb-Scargle periodogram
[240]. We estimate the significance of each peak in the periodogram by assign-
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ing it a preliminary false-alarm probability (FAP) according to the method
described in [209]. To conclude our periodogram analysis, we assign a final
FAP for each planet using a bootstrap resampling technique. Our bootstrap
method, which is analogous to the technique outlined in [131] retains the orig-
inal time stamps from the RV data set, and selects a velocity from the existing
set (with replacement) for each observation. We then run the generalized
Lomb-Scargle periodogram for the resampled data. After 10,000 such trials
for each data set, the FAP is taken to be the percentage of resampled peri-
odograms that produced higher power than the original RV set. Power in the
[240] periodogram is given by ∆χ2 ≡ χ20− χ2P , or the improvement of fit of an
orbit at period P over a linear fit, so a “false positive” result in the bootstrap
trial occurs when a random sampling of our measured RVs is better suited to
a Keplerian orbit than the actual time series. In Table 2.2, we include both
FAP estimates for comparison, but we adopt this bootstrap calculation as our
formal confidence estimate.
The periods identified in the periodograms are then used as initial esti-
mates for Keplerian orbital fits, which we perform with the GaussFit program
[113]. We list the orbital parameters of each planet in Table 2.2, and describe
the individual systems in detail below. As a consistency check, we also fit each
orbit using the SYSTEMIC console [160], finding good agreement between our
results in every case. An additional advantage of the SYSTEMIC console is
that it computes a stellar “jitter” term–a measure of random fluctuations in
the stellar photosphere–(e.g. [183]) for each star, which we include in Table
16
2.2.
2.4 New Planetary Systems
2.4.1 HD 79498
2.4.1.1 RV Data and Orbit Modeling
Our RV data for HD 79498 consist of 65 observations taken over 7 years
from the 2.7 m telescope. The data have an RMS scatter of 18.3 m/s and a
mean error of 4.15 m/s, indicating significant Doppler motion. Our RVs are
listed in Table 2.3, and plotted in Figure 2.1.
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Figure 2.1: Top: Radial velocity data for HD 79498. The best-fit orbit model
is shown as a solid red line. Our second acceptable fit is also included, shown
as a dashed blue line. Middle: Residual RVs after subtraction of a one-planet
fit. Bottom: SHK as measured at each RV point.
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HD 79498b HD 155358 HD 197037bd HD 220773b
b c
Period P (days) 1966.1± 41 194.3± 0.3 391.9± 1 1035.7± 13 3724.7± 463
Periastron Passage T0 3210.9± 39 1224.8± 6 5345.4± 28 1353.1± 86 3866.4± 95
(BJD - 2 450 000)
RV Amplitude K (m/s) 26.0± 1 32.0± 2 24.9± 1 15.5± 1 20.0± 3
Mean Anomaly M0
e 329◦ ± 11◦ 129◦ ± 0.7◦ 233◦ ± 0.9◦ 186◦ ± 3◦ 226◦ ± 13◦
Eccentricity e 0.59± 0.02 0.17± 0.03 0.16± 0.1 0.22± 0.07 0.51± 0.1
Longitude of Periastron ω 221◦ ± 6◦ 143◦ ± 11◦ 180◦ ± 26◦ 298◦ ± 26◦ 259◦ ± 15◦
Semimajor Axis a (AU) 3.13± 0.08 0.64± 0.01 1.02± 0.02 2.07± 0.05 4.94± 0.2
Minimum Mass M sin i (MJ) 1.34± 0.07 0.85± 0.05 0.82± 0.07 0.79± 0.05 1.45± 0.3
RMS (m/s) 5.13 6.14 8.00 6.57
Stellar “jitter” (m/s) 2.76 2.49 2.02 5.10
FAP (from periodogram) 4.09× 10−9 1.15× 10−11 < 10−14 8.53× 10−8 · · ·
FAP (from bootstrap) < 10−4 < 10−4 < 10−4 < 10−4 · · ·
Table 2.2: Derived planet properties.
dParameters include subtraction of linear RV trend in residuals
eEvaluated at the time of the first RV point reported for each system
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The periodogram for the HD 79498 RVs reveals a large peak around
1815 days, with a preliminary FAP of 4.09× 10−9. Performing a Keplerian fit
with P = 1815 days as an initial guess, we find a single-planet solution with
the parameters P = 1966 days, e = 0.59, and K = 26.0 m/s, indicating a
planetary companion with M sin i = 1.34MJ at a = 3.13 AU. Considering the
high eccentricity and the width of the periodogram peak, these values are in
good agreement with our initial guess. This fit produces a reduced χ2 = 1.77
with an RMS scatter of 5.13 m/s around the fit. We note that we have not
included the stellar “jitter” term in our error analyses, but we have verified
that most of the χ2 excess above unity can be attributed to our fitted value of
2.76 m/s. In a series of 104 trials of our bootstrap FAP analysis, we did not
find an improvement in ∆χ2 for any resampled data set, resulting in an upper
limit of 10−4 for the FAP of planet b. Figure 2.1 shows our fit, plotted over
the time-series RV data. We include the full parameter set for HD 79498b in
Table 2.2.
Our analysis of HD 79498b admits a second, slightly different orbital
solution of nearly equal significance. This solution converges at P = 2114
days, e = 0.61, and K = 26.2 m/s. The corresponding planetary parameters
then become M sin i = 1.35MJ and a = 3.27 AU. For comparison, we include
the plot of this fit in Figure 2.1. Although the shorter-period solution may
appear to be driven mainly by the first data point, we note that our fitting
routines converge to the 1966-day period regardless of whether that point is
included, and that the fitting statistics are still better for the shorter period
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with the point excluded. Clearly, the qualitative properties of the planet
remain unchanged regardless of the choice of parameters. However, because of
the slightly better fitting statistics (χ2 = 1.77 versus χ2 = 1.84, RMS = 5.13
m/s versus RMS = 5.50 m/s) for the first model, we adopt it as our formal
solution.
We computed the periodogram of the residuals around the fit of HD
79498b to search for additional signals. We see no evidence of additional plan-
ets in the system. We note that no additional signals appear in the residuals
of the alternate fit for planet b either.
2.4.1.2 Stellar Activity and Line Bisector Analysis
With a logR′HK = −4.66, HD 79498 appears to be a low-activity star,
and our indicators corroborate that notion. Our line bisector velocity spans
are well behaved, with an RMS scatter of 19 m/s, below the K amplitude
of planet b. The BVS are uncorrelated with the measured RVs, and a peri-
odogram reveals no periodicity in the bisector velocities. Likewise, the SHK
time series shows no significant signals, and no correlation with the RV se-
ries. All measures suggest that HD 79498 is a very quiet star, and should
neither mask nor artificially produce large-amplitude RV signals such as the
one discussed above.
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2.4.1.3 Stellar Companions
HD 79498’s location on the sky places it near two faint (V = 10, 11)
stars, each separated by approximately 60 arcseconds [63]. When examining
the proper motions of all three stars, though, we see that only the southern
companion, BD+23 2063B, is actually associated with HD 79498, making it
a double star system [15]. At a distance of 49 parsecs, the companion star
is located at a minimum distance d ∼ 2900 AU from HD 79498. Given an
overly generous mass estimate of M = 1M⊙, the secondary star would impart
a gravitational acceleration of just GM⊙/d
2 = 0.022 m s−1 yr−1, well below
the sensitivity of our instrument. Furthermore, at 2900 AU, the orbital period
of the companion would be sufficiently long to appear as a linear slope in our
data, not the orbit discussed above. It is possible, however, that the presence
of this distant star may excite Kozai cycles [128, 140] in HD 79498b, which
serve to maintain its high eccentricity (see, e.g. [120, 231]).
2.4.2 HD 197037
2.4.2.1 RV Data and Orbit Modeling
We have obtained 113 RV points for HD 197037 over 10 years from the
2.7 m telescope. These data have an RMS scatter of 13.1 m/s and a mean
error of 7.65 m/s. We report our measured RVs in Table 2.5, and plot them
as a time series in Figure 2.2.
Our periodogram analysis of HD 197037, shown in Figure 2.3(a), indi-
cates a strong peak around P ∼ 1030 days. The power in this peak corresponds
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Figure 2.2: Top: Radial velocity data for HD 197037. The best-fit orbit model
is shown as a solid red line. Middle: Residual RVs after subtraction of a one-
planet fit and a linear trend. Bottom: SHK as measured at each RV point.
to a preliminary FAP of 8.53× 10−8. Our one-planet Keplerian model yields
parameters of P = 1036 days, e = 0.22, and K = 15.5 m/s, showing excellent
agreement with the prediction of our periodogram. The inferred planet has
a minimum mass of 0.79MJ and lies at an orbital separation of 2.07 AU. We
overplot our model with the RVs in Figure 2.2.
The addition of a single Keplerian orbit only reduces the residual RMS
of our RVs to 9.18 m/s, which is nearly a factor of two worse than our other
one-planet fits. Furthermore, the periodogram of the residual RVs (Figure
2.3(a)) shows a significant increase in power at long periods. While any addi-
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tional periods are too far outside our observational time baseline to properly
evaluate, we can generate a preliminary two-planet fit with a second ∼ 0.7MJ
planet with a period around 4400 days and an eccentricity 0.42. However, our
current RV set can also be modeled as a single planet and a linear trend with
slope −1.87±0.3 m s−1 yr−1. Both fits give a χ2 of 1.10 and an RMS scatter of
8.00 m/s, so we adopt the more conservative planet-plus-slope model pending
further observations. HD 197037 has no known common proper motion com-
panions within 30 arcseconds, so it is very possible that we are seeing evidence
for a distant giant planet or brown dwarf companion. The final orbital param-
eters reported in Table 2.2 are derived from the planet+slope model. We note
that we see no additional signals in the residuals of either the two-planet or
planet-slope fits.
2.4.2.2 Stellar Activity and Line Bisector Analysis
Even after accounting for the linear trend in the residuals around our
fit to planet b, the scatter in our RVs is still higher than we typically expect
from our 2.7 m data. Because HD 197037 is an earlier type (F7) than the other
stars discussed in this study, we expect a lower precision as a result of fewer
spectral lines to determine velocities. Additionally, with logR′HK = −4.53,
it is the most active of the stars presented here. With an RMS scatter in
the bisector velocity spans of 13 m/s, we must take particular care to ensure
we have not mistaken an activity cycle for a planetary signal. In Figure 2.4,
we show our measured BVS and SHK indices, which we use to evaluate the
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influence of stellar photospheric activity on the signal of HD 197037b. Using
both a Pearson correlation test and least-squares fitting, we find no correlation
to the RVs for the BVS. While the SHK indices appear somewhat correlated
with the RVs to the unaided eye, the Pearson correlation coefficient of -0.26
indicates that the relation is not statistically significant. Periodogram analysis
(Figure 2.3(b)) shows no power at the 1030 day peak in the BVS or SHK time
series. We do see a modestly (FAP = 0.01) significant peak at 19.1 days in
the periodogram of our SHK measurements, which we speculate may be the
stellar rotation period. Although we are admittedly unable to completely rule
out the possibility of stellar activity as the source of our observed RV signal,
the lack of correlation between our activity indicators and the velocities, and
the absence of periodicity in SHK and BVS around the fitted period lead us
to the conclusion that a planetary orbit is the most likely cause.
While the stellar activity measurements reinforce the planetary nature
of the primary RV signal of planet b, the analysis of the long-term trend is not
so clear. Our periodograms of the BVS and SHK series both show an increase
in power at very long periods, matching the behavior of the trend in the
residual RVs, albeit at much lower power. Furthermore, we see a correlation
between SHK and the residual RVS around the one-planet fit with a Pearson
correlation coefficient of -0.33, which is significant for the size of our data set.
The residual RVs are uncorrelated with the BVS, though, so the trends may
be coincidental. HD 197037 will need continued monitoring to determine the
true nature of this long-period signal.
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(a)
(b)
Figure 2.3: a. From top: [1 ] Generalized Lomb-Scargle periodogram for HD
197037 RVs. [2 ] The same periodogram for the residual RVs after subtracting
a one-planet fit. [3 ] Periodogram of the residual RVs after subtracting a
one-planet fit and a linear trend. [4 ] Periodogram of our time sampling (the
window function). b. Generalized Lomb-Scargle periodograms for the BVS
(top) and SHK indices (bottom) of our spectra for HD 197037. The dashed
lines indicate the approximate power level for a FAP of 0.01.
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Figure 2.4: Left : Bisector velocity spans plotted against our measured RVs
(top) and residual RVs to a one-planet fit (bottom) for HD 197037. Right :
SHK indices plotted against our measured RVs (top) and residual RVs to a
one-planet fit (bottom) for HD 197037. The error bars shown are representative
of the data set.
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Figure 2.5: Top: Radial velocity data for HD 220773. The best-fit orbit model
is shown as a red line. Bottom: Residuals to a one-planet fit.
2.4.3 HD 220773
2.4.3.1 RV Data and Orbit Modeling
Our RV data set (Table 2.6) for HD 220773 consists of 43 HET/HRS
spectra taken over 9 years between July 2002 and August 2011. The data have
an RMS of 11.7 m/s and a mean error of 4.11 m/s.
Based on our data, we find evidence for a highly eccentric giant planet
on a long-period orbit. Because of its high eccentricity, the period of planet b
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does not appear at significant power in our periodogram analysis. However, the
high RMS of our RV set, combined with the characteristic eccentric turnaround
of the velocity time series (Figure 2.5), strongly indicate the presence of a
planetary companion. In order to offset the lack of information from the
periodogram, we have run GAUSSFIT with a broad range of periods (2500d-
4500d) and eccentricities (0.4-0.7). All fits converge unambiguously to a period
of 3725 days with an eccentricity of 0.51, indicating a 1.45MJ planet at 4.94
AU. We include the plot of this model in Figure 2.5. The final fit gives a
reduced χ2 of 3.14 and an RMS scatter of 6.57 m/s. Because the reduced
χ2 is so high, we have computed the model again after adding the 5.10 m/s
“jitter” term in quadrature to the errors listed in Table 2.6. While our fitted
parameters and uncertainties do not change significantly from the values given
in Table 2.2, the reduced χ2 drops to 1.18, lending additional confidence to
our solution. We do not currently see any evidence for additional signals in
the residual RVs.
To confirm the orbital parameters listed in Table 2.2, we use a genetic
algorithm to explore the parameter space and evaluate the likelihood of the null
hypothesis. The algorithm fits a grid of parameters (number of planets, masses,
periods, eccentricities) to the RV set, allowing for a thorough exploration of
how χ2 behaves in response. Areas of parameter space which do not match the
data are iteratively rejected, allowing the routine to converge on an optimal
solution. We have performed 10,000 iterations of the algorithm with our RV
data, considering periods between 3000 and 10,000 days. For this experiment,
28
Figure 2.6: Genetic algorithm results for HD 220773. Each circle indicates the
minimum χ2 reached by fitting a one-planet orbit at the given period.
we have again added the stellar “jitter” term to our measurement errors. As
shown in Figure 2.6, the genetic algorithm reaches χ2 < 1.20 for a one-planet
model with periods close to our fitted value in Table 2.2. This is a dramatic
improvement over a zero-planet model, which yields χ2 = 3.65.
2.4.3.2 Stellar Activity and Line Bisector Analysis
Our bisector velocity spans for HD 220773, which have an RMS scatter
of 24 m/s, show no correlation to our measured RVs, and a periodogram
analysis of the BVS shows no power around the period of planet b. While
the periodogram signal for the RVs did not meet the criterion for a positive
detection, there was a broad peak centered around the ∼ 4000 day period of
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the planet. The BVS, on the other hand, show no evidence whatsoever for a
long-period trend or signal. We conclude, then, that the BVS do not indicate
stellar activity which could mimic the behavior of this long-period planet.
Likewise, while the HRS does not provide time-series SHK information, our
2.7 m stellar spectrum does offer a “snapshot” value of logR′HK . From this
spectrum, we derive logR′HK = −4.98, which is consistent with the low activity
level suggested by the BVS analysis.
2.5 Updated Planetary Parameters for HD 155358
HD 155358 has previously been identified as a two-planet system by
the McDonald Observatory Planet Search Program [44]. It is a notable system
because it hosts two giant planets despite having a measured [Fe/H] among the
lowest of any stars with substellar companions of an unambiguously planetary
nature (excepting HIP 13044 [200], which apparently originates outside the
Galaxy). [82] analyze its chemical abundances in more detail, leading them to
claim that the star is actually a member of the thick disk population of the
Galaxy, a claim strengthened by the > 10 Gyr age estimate of [37]. While
our updated analysis suggests a metallicity of [Fe/H] = -0.51, rather than
our original estimate of [Fe/H] = -0.68, the system is still extremely metal-
poor relative to the other known exoplanetary systems. Continued monitoring
of HD 155358 has caused us to reevaluate our previously reported orbital
parameters, resolving the ambiguity in the period of planet c discussed in [44].
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2.5.1 RV Data and Orbit Modeling
Since the publication of [44], we have obtained 51 additional RV points
for HD 155358 from HET. We have re-reduced all of our spectra with the latest
version of AUSTRAL for consistency, and include all 122 points in Table 2.4.
The entire set of velocities, shown as a time series in Figure 2.7(a), covers
approximately 10 years from June 2001 until August 2011. These RVs have
an RMS scatter of 30.2 m/s, much higher than we expect from a mean error
of just 5.38 m/s.
We include the periodogram and window function for HD 155358 in
Figure 2.8(a). As expected, we see a significant peak around 196 days, with
a preliminary FAP of 1.15× 10−11. Fitting a one-planet orbit from this peak,
we find an RV amplitude K = 32 m/s with a period P = 195 days and an
eccentricity of e = 0.23. Based on this fit, HD 155358b has a minimum mass
of 0.85 Jupiter masses at a = 0.64 AU.
[44] note that the periodogram for the residuals around the one-planet
fit to planet b initially showed power around 530 days and 330 days. Compar-
ing fits at both periods produced better results at the longer period for our
data at that time. However, the periodogram of the residuals around planet
b for our current data (Figure 2.8(a)) clearly indicates the shorter period as
the true signal. The peak at 391 days has a preliminary FAP too low for
the precision of our code (approximately 10−14), and we no longer see addi-
tional peaks at longer periods. While the window function for our sampling
does show some power at the one-year alias, the period of this periodogram
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(a)
(b)
Figure 2.7: a. Top: Radial velocity data for HD 155358. The best-fit orbit
model is shown as a red line. Bottom: Residuals to a two-planet fit. b. Phase
plots for planets b (top) and c (bottom). In each plot, the signal of the planet
not shown has been subtracted from the RVs.
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Figure 2.8: a. From top: [1 ] Generalized Lomb-Scargle periodogram for HD
155358 RVs. [2 ] The same periodogram for the residual RVs after subtracting
a one-planet fit. [3 ] Periodogram of the residual RVs after subtracting a two-
planet fit. [4 ] Periodogram of our time sampling. The dashed lines indicate
the approximate power level for a FAP of 0.01. b. Periodogram for planet c
(black) with the window function (red).
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peak is sufficiently separated from the yearly alias (Figure 2.8(b)) that we are
confident the signal is not due to our sampling.
Using 391 days as a preliminary guess for the period of planet c, we
performed a two-planet fit to our RVs. This updated fit changes the parameters
of planet b to P = 194.3 days,M sin i = 0.85MJ , and e = 0.17, with the orbital
separation remaining at 0.64 AU. Planet c then converges to a period of 391.9
days, with e = 0.16 and K = 25 m/s. The derived properties for planet c then
become M = 0.82MJ and a = 1.02 AU. We plot this orbit over our RV data
in Figure 2.7(a). The addition of planet c reduces our RMS to 6.14 m/s with
a reduced χ2 of 1.41. As a consistency check, we test a fit with parameters
for planet c more closely matching those from [44], but find no satisfactory
solution at this longer period. Holding the parameters for planet c fixed at
the values derived in that study result in a reduced χ2 of 11.2 and a residual
RMS of 15.4 m/s.
2.5.2 Stellar Activity and Line Bisector Analysis
The BVS for HD 155358 display an RMS scatter of 25 m/s, and are
uncorrelated with both the RVs and the residuals to the 2-planet fit. Addi-
tionally, we see no significant peaks in the periodogram of the BVS time series.
Also, while we present HET velocities here, we do have some 2.7 m spectra
from a preliminary investigation of HD 155358, allowing us to examine the Ca
H and K indices. SHK shows very little activity, and we derive a logR
′
HK of
-4.54. The hypothesis that the two large-amplitude signals observed here are
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due to stellar activity can therefore conclusively be ruled out.
2.5.3 Dynamical Analysis of 3-body System
Even at the separation claimed in [44], planets b and c are close enough
to interact gravitationally. Our updated orbital model now indicates they are
actually much closer together. While their periods suggest the planets are in
a 2:1 mean motion resonance, our preliminary orbital simulations showed the
system to be unstable for a range of input values. We therefore decided to
perform a highly detailed dynamical study of the system to investigate whether
the orbits that best fit the data are indeed dynamically feasible. To do this,
we performed over 100,000 unique simulations of the HD 155358 system using
the Hybrid integrator within the n-body dynamics package MERCURY [39].
To systematically address the stability of the HD 155358 system as a
function of the orbits of planets b and c, we followed [104] and [155], and
examined test systems in which the initial orbit of the planet with the most
tightly constrained orbital parameters (in this case planet b) was held fixed
at the nominal best fit values. The initial orbit of the outermost planet was
then systematically changed from one simulation to the next, such that sce-
narios were tested for orbits spanning the full ±3σ error ranges in semi-major
axis, eccentricity, longitude of periastron and mean anomaly. Such tests have
already proven critical in confirming or rejecting planets suggested to move on
unusual orbits (e.g. [235]), and allow the construction of detailed dynamical
maps for the system in orbital element phase space.
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Keeping the initial orbit of the innermost planet fixed, we examined
31 unique values of semi-major axis for planet c, ranging from 0.96 AU to
1.08 AU, inclusive, in even steps. For each of these 31 initial semi-major axes,
we studied 31 values of orbital eccentricity, ranging from the smallest value
possible (0.0) to a maximum of 0.46 (corresponding to the best fit value, 0.16,
plus three sigma). For each of the 961 a-e pairs, we considered 11 values of
initial mean anomaly and initial longitude of periastron (ω), resulting in a
total suite of 116281 (31 × 31 × 11 × 11) plausible architectures for the HD
155358 system.
In each simulation, the planet masses were set to their minimum (M sin i)
values; the mass of the innermost planet was set to 0.85MJ , and that of the
outermost was set to 0.82MJ . As such, the dynamical stability maps obtained
show the maximum stability possible (since increasing the masses of the plan-
ets would clearly increase the speed at which the system would destabilize
for any nominally unstable architecture). The dynamical evolution of the two
planets was then followed for a period of 100 million years, or until one of the
planets either collided with the central star, was transferred to an orbit that
took it to a distance of at least 10 AU from the central star, or collided with
the other planet.
The results of our simulations are shown in Figures 2.9-2.10. We present
the multi-dimensional grid of orbital parameters over which we ran our sim-
ulations as two-dimensional cross sections, indicating the mean and median
stability lifetimes over each of the runs at each grid point. So, for example,
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each grid point in our plots in a-e space reveals either the mean or the median
of 121 unique simulations of an orbit with those particular a-e (i.e. 11 in ω
times 11 in mean-anomaly). Similarly, each point in the a-ω plots corresponds
to the mean (or median) of 341 separate trials (31 in e times 11 in ω).
The first thing that is apparent from Figure 3.5(a), which shows the
mean lifetime of the system as a function of semi-major axis and eccentricity, is
that the stability of the system is a strong function of eccentricity. Solutions
with low orbital eccentricity are typically far more dynamically stable than
those with high eccentricity. In addition, the stabilizing effect of the 2:1 mean-
motion resonance between planets b and c can be clearly seen as offering a
region of some stability to even high eccentricities between a ∼ 1.05 and
1.25 AU. However, it is apparent when one examines the median lifetime plot
(Figure 2.9(b)) that a significant fraction of eccentric orbits in that region
are dynamically unstable (the reason for the apparently low median lifetimes
in that region). The reason for this is that the dynamical stability of orbits
in this region, particularly for high eccentricities, is also a strong function of
the initial longitude of periastron for planet c’s orbit. Indeed, comparison of
this figure to those showing the influence of the longitude of periastron for
planet c reveals that the most stable regions therein lie beyond the 1σ error
bars for the nominal orbit. For low eccentricities (e < 0.1), in the vicinity of
the 2:1 resonance, then the orbit is stable regardless of the initial longitude of
periastron, but for high eccentricities (e > 0.15), the stable regions lie towards
the edge of the allowed parameter space, making such a solution seem relatively
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(a)
(b)
Figure 2.9: Results of our stability analysis for the HD 155358 planetary sys-
tem in a − e space. At each grid point, we have run 25 dynamic simulations
with planet c at that point, with planet b remaining fixed at the configuration
given in Table 2.2. The resulting intensity indicates the mean (a) or median (b)
lifetime of the planet over those 25 runs in log years. Longer lifetimes indicate
a more stable configuration. The crosshairs indicate our best-fit parameters
as derived from the RV data (Table 2.2).
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(a)
(b)
Figure 2.10: Results of our stability analysis for the HD 155358 planetary
system in a−ω space. At each grid point, we have run 25 dynamic simulations
with planet c at that point, with planet b remaining fixed at the configuration
given in Table 2.2. The resulting intensity indicates the mean (a) or median (b)
lifetime of the planet over those 25 runs in log years. Longer lifetimes indicate
a more stable configuration. The crosshairs indicate our best-fit parameters
as derived from the RV data (Table 2.2).
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improbable.
It is apparent from close examination of Figure 2.9(b) (which shows the
median stability as a function of semi-major axis and eccentricity) that the
key determinant of the stability of the system (particularly for non-resonant
orbits) is actually the periastron distance of planet c. The sculpted shape of
the stability plot, outwards of a ∼ 0.98 AU, is very similar to that observed for
the proposed planets around the cataclysmic variable HU Aquarii [104, 235].
As was found in that work, the dividing line between unstable and stable
orbits again seems to fall approximately five Hill radii beyond the orbit of the
innermost planet. Any orbit for planet c that approaches the orbit of b more
closely than this distance will be unstable on astronomically short timescales
(aside from those protected from close encounters by the effects of the 2:1 mean
motion resonance between the planets). On the other hand, orbits which keep
the two planets sufficiently far apart tend to be dynamically stable. We note,
too, that the sharp inner cut-off to this broad region of stability, at around
0.99 AU, corresponds to the apastron distance of the innermost planet plus
five Hill radii. Once again, orbital solutions that allow the two planets to
approach closer than five times the Hill radius of the inner planet destabilize
on relatively short timescales.
The results of our dynamical simulations show that a large range of
dynamically stable solutions exist within the 1σ errors on the orbit of HD
155358c. Given the breadth of the resonant feature apparent in Figure 3.5(a)
(the mean lifetime as a function of a and e), it seems clear that all orbits within
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1σ of the nominal best fit will be strongly influenced by that broad resonance.
As such, it seems fair to conclude that these two planets are most likely trapped
within their mutual 2:1 mean-motion resonance, although it is also apparent
that non-resonant solutions also exist that satisfy both the dynamical and
observational constraints. The stability restrictions are consistent with our
orbital fit, but the parameters listed in Table 2.2 have not been modified to
include the information obtained from the orbital simulations.
2.5.4 Habitability of Exomoons
Using the [Fe/H] and Teff derived herein, an [α/Fe] of 0.32 [82], and
an age of 10.7 Gyr [37], we have fit Yonsei-Yale isochrones [58] to HD 155358.
With mass estimates ranging from 0.87M⊙ [134] to 0.92M⊙ [37], HD 155358
has a luminosity somewhere between L∗ = 1.14L⊙ and L∗ = 1.67L⊙. If we
assume the location of the habitable zone scales as
√
L∗, then at an orbital
separation of 1.06 AU, planet c lies within the habitable zone of its parent
star (as defined by[119]). Typically, Jovian planets are not considered to be
potential habitats for Earth-like life [135]. However, it has been suggested that
such planets could host potentially habitable satellites (e.g. [181]), or even that
they could dynamically capture planet-sized objects during their migration as
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satellites or Trojan companionsf (e.g. [214]). In fact, the presence of two
giant planets on relatively close-in orbits may indirectly increase the water
content on terrestrial satellites through radial mixing of planetesimals rich in
ices [150], a key requirement for such objects to be considered habitable (e.g.
[102]). Furthermore, any satellites sufficiently large to be considered habitable
would also be subject to significant tidal heating from their host planet, which
would likely act to increase their habitability when they lie towards the outer
edge of Kasting’s habitable zone (as they would have earlier in the life of the
system). The induced tectonics would also potentially improve the habitability
of any such moons (e.g. [102]).
Our dynamical analysis suggests that the two planets in the HD 155358
system are most likely trapped in mutual resonance. It might initially seem
that such orbits would be variable on the long term, such that they would
experience sufficiently large excursions as to render any satellites or Trojan
companions uninhabitable. However, we know from our own Solar system
fPlanetary Trojans are a particularly fascinating population of objects, trapped in 1:1
mean-motion resonance with their host planet. Typically, stable Trojans follow horseshoe-
shaped paths that librate around either the leading- or trailing-Lagrange points in that
planets orbit, located sixty degrees ahead and behind the planet (for a good illustration of
such orbits, we direct the interested reader to [101]).
Within our Solar system, both Jupiter and Neptune host significant populations of
Trojans that were captured during their migration (e.g. [145, 162]). For those planets, the
captured Trojans are typically small, but there is nothing to prevent a giant planet from
capturing an Earth-mass object as a Trojan during its migration. Once captured, and once
the migration stops, such objects can be dynamically stable on timescales of billions of
years (e.g. [103, 147]), even when moving on orbits of significantly different eccentricity and
inclination to their host planet. Whilst the detection of such planets would no doubt be
challenging (e.g. [77]), they remain an intriguing option in the search for habitable worlds.
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that long term resonant captures can be maintained on timescales comparable
to the age of the Solar system (e.g. the Neptune Trojans, [146]). As such, it is
reasonable to assume that, if the planets are truly trapped in mutual resonance,
they could have been on their current orbits for at least enough time for any
moons or Trojans of planet c to be considered habitable. However, the current
best-fit eccentricity for planet c is sufficiently high that it lies at the outer limit
of the range in e that would allow for a habitable exomoon [214], which might
limit the potential habitability of any exomoons in the system. That said,
the one-sigma range of allowed orbits extends to relatively low eccentricities
(e = 0.06), which is certainly compatible with potential habitability. As such,
it is possible that such moons, if present, could be potential habitats for life.
2.6 Discussion
Of the planets discovered via the radial velocity method, only around
7 percent have a ≥ 3 AU. The addition of the planets presented here therefore
represent a significant contribution to that sample. As more such objects
start to fall within the detection limits of RV surveys, our findings provide
interesting comparison cases to begin to look for trends in the long-period gas
giant population.
Continued monitoring of the HD 79498, HD 197037, and HD 220773
systems is crucial for refinement of planet formation and migration theories.
The presence or absence of additional smaller planets will shape our under-
standing of the migrational history of these systems. [150], for example, predict
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markedly different outcomes for the formation and water content of sub-giant
planets after migration of a Jovian planet depending on whether or not gas
drag plays a significant role in planetary migration.
Of the four stars presented herein, at least one–HD 155358–hosts mul-
tiple gas giant planets. Additionally, HD 197037 shows tentative evidence of
a yet-undetected substellar companion at a ∼ 5.5 AU. If the occurrence of
multiple-Jupiter systems is as common as it appears in this very small sample,
it would support the claim by [210] that the large population of free-floating
planetary-mass objects within the Galaxy form in protoplanetary disks as
planets. On the other hand, current RV results [232] indicate that multi-giant
planet systems should actually be quite rare, at least inside of 2-3 AU. Un-
derstanding whether that result remains valid for planets further out, though,
will rely heavily on detections of residual long-term trends for planets like HD
197037b.
The orbital evolution of the HD 155358 system is of particular interest,
as it provides a comparison case for theoretical work exploring the formation
and migration of the Jupiter-Saturn system (e.g. [216]). While Jupiter and
Saturn appear to have crossed the 2:1 MMR and later separated, the HD
155358 giants remain locked in resonance, presumably for the entire ∼ 10
Gyr lifetime of the system. Accounting for the difference in these final con-
figurations most likely requires different initial architectures, disk masses, and
encounter histories for the two systems.
While the stability simulations presented here offer some constraints
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on the orbital configurations of the HD 155358 system, the true geometries of
those planets’ orbits will only be fully understood if their mutual inclinations
are measured. Unfortunately, the HD 155358 planets will only be accessible
to the next generation of astrometric instrumentation, as their predicted as-
trometric displacements are below the 0.2 mas precision limit of the HST Fine
Guidance Sensor [168]. On the other hand, HD 220773b, which has a pre-
dicted displacement of 0.242 mas, might be an interesting astrometry target
for FGS, both for the purpose of determining a true mass, and to search for
outer companions to this distant planet.
The refined orbital parameters for HD 155358c places it, to zeroth or-
der, within the habitable zone. While the planet itself is likely inhospitable to
any Earthlike lifeforms, the possibility of habitable moons or Trojans make it
an interesting datum for examining more exotic environments for biology [198].
Given the advanced age of the system, any intelligent life residing on planet
c is potentially far more advanced than our own civilization. The technologi-
cal advances accompanying such extended development may make interstellar
broadcasts or beacons energetically and financially feasible, making HD 155358
an interesting target for SETI (e.g. [9, 10]).
Our results are somewhat atypical when viewed in the context of the
metallicity-frequency correlation for giant planets (e.g. [76]). Only HD 79498
has significantly super-solar metallicity, while HD 197037 and HD 155358 qual-
ify as metal-poor. In the case of HD 197037, its higher mass and earlier spectral
type increase its likelihood of forming Jovian planets, at least somewhat off-
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setting any metallicity effects [116]. HD 155358, on the other hand, remains
a true anomaly despite the slightly higher [Fe/H] reported herein. While the
sample presented here is obviously too small to make even tentative state-
ments about the validity of observed correlations, it will be interesting to see
whether gas giants continue to be found preferentially around metal-rich stars
as long-term RV surveys begin to reveal a large number of Jupiter-mass plan-
ets. If the removal of the period bias on the giant planet census reveals a large
population of Jovian planets around metal-poor stars, it will serve as strong
evidence that at least some gas giants form through gravitational instability
of the protoplanetary disk rather than core accretion [24]. Furthermore, the
discovery of thick disk planets suggests a planet formation history essentially
spanning the age of the Galaxy.
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Table 2.3: Radial Velocities for HD 79498
BJD - 2450000 Radial Velocity Uncertainty SHK
(m/s) (m/s)
3038.86139200 -14.42 8.32 0.1823± 0.0247
3066.79412600 -24.59 4.67 0.1709± 0.0177
3073.81710000 -21.56 5.65 0.1598± 0.0202
3746.91651500 27.61 4.58 0.1532± 0.0242
3787.81423800 19.33 4.33 0.1592± 0.0195
3806.70783400 15.78 2.43 0.1584± 0.0203
3840.75580400 28.03 5.25 0.1848± 0.0238
3861.68232900 29.18 6.57 0.1535± 0.0187
4067.98581900 7.79 3.44 0.1435± 0.0210
4068.90695600 23.21 4.53 0.1607± 0.0214
4191.80349000 23.76 3.77 0.1617± 0.0220
4569.73532700 9.86 3.82 0.1748± 0.0216
4569.74801300 5.54 3.92 0.1701± 0.0212
4605.64036800 5.89 3.41 0.1759± 0.0235
4634.62414000 4.64 5.12 0.1701± 0.0209
4782.01348700 0.79 3.11 0.1590± 0.0212
4783.98080700 -4.54 4.65 0.1640± 0.0230
4821.93818500 -3.04 5.12 0.1705± 0.0249
4840.97668200 -10.65 4.49 0.1599± 0.0237
4868.91890100 -10.63 4.53 0.1651± 0.0212
4868.93042200 -5.90 4.35 0.1710± 0.0226
4868.94194000 -10.23 3.62 0.1693± 0.0225
4906.70221500 -9.93 3.16 0.1663± 0.0204
4906.71734700 -10.49 4.07 0.1578± 0.0197
4907.62242900 -4.23 4.12 0.1602± 0.0187
4907.63742600 -13.71 3.10 0.1629± 0.0187
4928.68528400 -11.02 4.05 0.1802± 0.0204
4928.70027200 -15.00 4.95 0.1845± 0.0191
4928.71526200 -7.46 4.88 0.1761± 0.0204
4931.63355900 -18.23 6.43 0.1698± 0.0194
4931.64625200 -14.05 4.44 0.1657± 0.0190
4931.65894600 -6.45 3.87 0.1693± 0.0210
4964.66292000 -16.12 5.03 0.1610± 0.0186
4986.64365700 -16.87 3.78 0.1659± 0.0199
5137.98754800 -33.34 5.93 0.1727± 0.0252
5152.96977000 -23.72 4.56 0.1580± 0.0212
5152.98476800 -28.36 1.92 0.1594± 0.0212
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Table 2.3 cont’d.
BJD - 2450000 Radial Velocity Uncertainty SHK
(m/s) (m/s)
5152.99976400 -34.83 3.19 0.1755± 0.0260
5153.98375300 -27.49 2.26 0.1751± 0.0235
5153.99875100 -24.33 6.65 0.1744± 0.0227
5154.01374700 -27.91 4.50 0.1941± 0.0244
5173.01441600 -28.77 3.36 0.1637± 0.0215
5222.85632500 -19.26 5.33 0.1604± 0.0231
5222.87135400 -9.87 5.73 0.1657± 0.0226
5254.79363200 -4.05 4.53 0.1638± 0.0211
5254.80862500 -9.12 3.76 0.1625± 0.0211
5254.82361900 1.41 1.30 0.1625± 0.0202
5278.74248800 9.95 3.47 0.1674± 0.0233
5290.64067500 7.71 3.50 0.1597± 0.0182
5311.71658900 24.55 5.50 0.2135± 0.0233
5314.69970700 10.85 4.08 0.2051± 0.0241
5347.65756900 23.91 3.41 0.1536± 0.0215
5468.97994600 12.33 3.61 0.1438± 0.0283
5493.95838700 18.82 3.93 0.1603± 0.0239
5523.92790400 16.50 4.50 0.1629± 0.0231
5527.90018100 16.64 3.61 0.1651± 0.0233
5528.98017000 14.76 2.61 0.1598± 0.0214
5548.88450200 24.70 3.61 0.1526± 0.0235
5583.86404700 21.17 2.35 0.1635± 0.0246
5615.70061600 7.11 4.07 0.1584± 0.0236
5632.72839900 20.16 4.44 0.1402± 0.0184
5645.82335600 15.88 4.48 0.1827± 0.0276
5667.76838200 24.85 2.11 0.1616± 0.0218
5671.67914300 22.60 3.44 0.1665± 0.0212
5699.62389400 24.99 2.69 0.1654± 0.0227
Table 2.4: Radial Velocities for HD 155358
BJD - 2450000 Radial Velocity Uncertainty
(m/s) (m/s)
2071.90483700 15.90 5.14
2075.88682700 20.05 4.94
2076.88985600 23.21 6.16
2091.84643500 34.24 3.14
2422.93714300 -5.59 4.38
3189.83913000 -22.21 7.08
3205.79562900 -8.55 3.01
3219.75321500 0.01 4.32
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Table 2.4 cont’d.
BJD - 2450000 Radial Velocity Uncertainty
(m/s) (m/s)
3498.77697700 38.45 2.94
3507.95763400 35.30 7.35
3507.96287000 35.35 5.72
3511.95319500 34.61 3.07
3512.93931400 43.01 5.29
3590.73322900 -9.26 5.19
3601.70090300 12.52 5.64
3604.70193200 9.70 2.00
3606.70299700 0.19 6.58
3612.68403800 14.40 5.74
3625.64546400 32.49 6.59
3628.62430900 32.53 6.13
3629.61946400 27.18 9.73
3633.61627500 33.94 4.62
3755.04213400 -61.50 7.92
3758.04274400 -42.78 5.55
3765.03555800 -37.91 8.84
3769.02604800 -62.77 8.14
3774.02174300 -60.84 8.97
3779.97987100 -55.59 8.35
3805.93069400 -23.17 6.60
3808.89282200 -25.61 5.47
3866.96427700 37.27 3.26
3869.95498800 31.11 2.93
3881.94511600 35.50 3.67
3889.68235900 35.73 6.32
3894.67240300 34.58 3.73
3897.89540600 28.71 5.97
3898.68534400 33.44 6.64
3899.89225300 29.64 4.49
3902.65793200 25.22 4.23
3903.90645200 39.66 5.72
3904.66233800 36.68 3.76
3905.86023400 40.83 4.86
3907.62941500 27.22 3.36
3908.87691000 24.11 5.19
3910.63980200 33.87 5.72
3911.84525200 26.41 3.55
3912.63613800 26.48 4.33
3917.64144300 16.28 3.31
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Table 2.4 cont’d.
BJD - 2450000 Radial Velocity Uncertainty
(m/s) (m/s)
3924.81885900 21.80 6.37
3925.80799400 18.30 5.54
3926.82465700 8.51 3.52
3927.82203900 11.81 2.97
3936.79096100 -1.16 2.34
3937.79035200 -5.54 7.51
3937.80465200 7.17 6.49
3941.76239700 -4.15 4.90
3943.76691400 -9.60 2.65
3954.75689500 -14.66 4.44
3956.73476700 -12.62 5.02
3958.74755200 -10.15 3.92
3960.71484300 -5.65 3.64
3966.70814000 -7.53 4.04
3971.69798700 -11.28 3.98
3985.65146600 23.07 6.17
3988.63745600 2.12 4.94
3990.63945400 20.65 6.94
3993.64492500 15.75 8.30
4136.01098700 -51.82 7.94
4137.00571500 -53.22 7.28
4165.93375900 -65.36 4.93
4167.92406700 -55.67 6.97
4242.72348100 14.56 5.08
4252.92738200 28.95 3.17
4331.70165200 -0.03 5.67
4341.67683000 -7.91 6.11
4369.61238300 8.15 3.97
4503.00826800 3.28 7.75
4505.00883000 -14.65 6.71
4517.96440000 -40.82 4.73
4688.73045100 29.89 5.32
4742.59078800 -20.34 4.44
5018.84957500 11.69 6.21
5230.01528700 33.11 3.56
5261.94061600 21.80 3.57
5281.88078900 -5.74 6.49
5311.81103300 -43.71 8.13
5333.96546600 -58.91 4.25
5349.91269100 -45.15 7.05
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Table 2.4 cont’d.
BJD - 2450000 Radial Velocity Uncertainty
(m/s) (m/s)
5369.85529100 -17.54 4.71
5411.75132000 14.37 2.68
5441.66382200 32.94 4.27
5441.68951000 40.21 6.56
5455.63610500 23.60 5.33
5468.60493300 34.04 7.05
5598.01915300 44.73 10.12
5609.96969700 35.11 6.67
5635.90270500 30.45 3.11
5647.87224300 22.39 5.60
5654.85070000 19.53 6.12
5654.85347500 26.99 4.15
5670.79410300 -9.55 6.76
5670.79685700 -8.67 2.64
5685.78224300 -36.44 2.97
5685.78500500 -33.31 3.62
5697.73042500 -51.99 7.66
5697.73318400 -51.85 3.99
5709.69993000 -58.87 5.08
5709.70269600 -53.93 4.69
5721.89536400 -59.79 7.32
5721.89813000 -62.53 5.51
5733.64282800 -52.33 3.59
5733.64560600 -52.53 4.65
5745.83215500 -33.58 4.35
5745.83491700 -32.08 4.32
5757.80163500 -22.31 4.89
5757.80440100 -18.97 6.54
5769.76209100 -9.53 7.54
5769.76486400 -11.16 3.59
5782.71759900 2.27 6.58
5782.72037000 -0.97 5.78
5794.70209000 10.86 6.73
5794.70486500 15.27 5.42
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Table 2.5: Radial Velocities for HD 197037
BJD - 2450000 Radial Velocity Uncertainty SHK
(m/s) (m/s)
1918.55952342 4.60 6.99 0.1506± 0.0207
2117.81076505 -14.85 6.37 0.1610± 0.0234
2141.79847525 -15.01 6.05 0.1629± 0.0244
2218.67152278 -5.63 6.26 0.1520± 0.0210
2451.93562208 26.73 5.60 0.1611± 0.0231
2471.88269604 18.07 6.37 0.1591± 0.0228
2493.79718560 20.89 7.15 0.1648± 0.0231
2538.74935239 27.04 8.62 0.1604± 0.0214
2576.61483724 23.72 6.90 0.1579± 0.0215
2598.60530888 24.87 6.41 0.1656± 0.0207
2600.63887515 27.60 6.16 0.1606± 0.0206
2619.60435179 14.33 6.20 0.1556± 0.0199
2620.57904934 25.72 6.30 0.1646± 0.0201
2805.90471501 10.70 6.85 0.1802± 0.0265
2839.84681367 -2.86 6.40 0.1646± 0.0242
2895.80593278 -5.91 6.95 0.1617± 0.0230
2930.69425024 4.31 6.31 0.1652± 0.0223
2960.60916112 -7.12 7.56 0.1678± 0.0204
3320.59580442 -13.35 10.17 0.1804± 0.0211
3563.95949295 7.98 8.18 0.1593± 0.0230
3630.71472969 1.69 8.58 0.1827± 0.0248
3630.87333165 -3.65 14.37 0.1866± 0.0227
3632.68024096 16.56 6.77 0.1641± 0.0229
3632.83643682 -2.79 8.61 0.1543± 0.0223
3633.63266139 18.63 7.49 0.1631± 0.0219
3633.81885619 15.61 7.83 0.1592± 0.0208
3634.65565355 15.49 7.93 0.1635± 0.0221
3635.68024320 14.26 7.62 0.1678± 0.0235
3636.66099343 23.03 8.64 0.1667± 0.0240
3655.70765286 21.04 7.03 0.1592± 0.0222
3690.65885729 -9.05 9.38 0.2181± 0.0265
3906.92067972 -7.81 6.56 0.1677± 0.0234
3930.81642848 -21.98 6.84 0.1657± 0.0234
3969.90052141 -9.32 7.53 0.1732± 0.0228
3985.77426805 -6.83 6.93 0.1674± 0.0231
4019.63256032 -4.18 8.86 0.1651± 0.0224
4020.80723692 -6.45 6.65 0.1603± 0.0215
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Table 2.5 cont’d.
BJD - 2450000 Radial Velocity Uncertainty SHK
(m/s) (m/s)
4068.66375417 9.06 6.96 0.1601± 0.0203
4309.85063550 -19.35 6.90 0.1770± 0.0252
4344.70987089 1.01 7.57 0.1680± 0.0244
4344.72024432 -23.29 7.32 0.1631± 0.0242
4344.73061543 -15.13 6.33 0.1695± 0.0251
4345.71065534 -4.07 7.42 0.1728± 0.0244
4345.71987193 -11.29 7.25 0.1677± 0.0240
4345.72908610 -3.99 7.69 0.1601± 0.0213
4346.70200957 -6.59 8.41 0.1670± 0.0230
4346.71122130 1.56 7.33 0.1670± 0.0224
4346.72043545 0.46 7.49 0.1655± 0.0229
4375.64708486 -11.15 7.87 0.1714± 0.0230
4375.65745814 -10.85 12.32 0.2151± 0.0265
4376.66244438 -8.84 7.66 0.1685± 0.0235
4376.67281521 -7.40 7.64 0.1679± 0.0234
4376.68318859 -11.25 7.20 0.1701± 0.0250
4401.57166865 -3.54 7.43 0.1528± 0.0223
4402.56562465 7.00 6.38 0.1625± 0.0219
4402.57542661 0.10 6.71 0.1592± 0.0218
4402.66299760 5.99 7.14 0.1614± 0.0229
4402.67279979 -7.23 7.22 0.1608± 0.0213
4403.55353945 -2.78 5.99 0.1535± 0.0191
4403.56276076 -7.91 6.89 0.1532± 0.0198
4403.66105457 2.66 7.38 0.1562± 0.0199
4403.67027553 -5.76 7.08 0.1525± 0.0192
4405.55611954 -3.48 7.97 0.1618± 0.0214
4405.56534582 -10.03 7.13 0.1655± 0.0231
4570.97352687 19.43 8.12 0.1701± 0.0243
4604.92111685 8.57 8.82 0.1820± 0.0264
4605.91057844 12.66 7.48 0.1732± 0.0255
4662.95425192 11.46 8.31 0.1771± 0.0251
4662.96610624 -1.38 8.21 0.1773± 0.0251
4663.81542937 19.18 9.20 0.1851± 0.0256
4663.85662433 2.50 7.23 0.1725± 0.0244
4663.88867894 4.10 6.74 0.1691± 0.0235
4663.90391404 10.16 6.00 0.1717± 0.0252
4665.78413890 11.48 7.78 0.1816± 0.0257
4665.79430438 -3.10 9.86 0.1812± 0.0252
4665.80583621 0.63 9.02 0.1786± 0.0242
4731.66600573 1.60 11.50 0.1734± 0.0230
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Table 2.5 cont’d.
BJD - 2450000 Radial Velocity Uncertainty SHK
(m/s) (m/s)
4731.67754085 0.72 7.35 0.1657± 0.0226
4731.68907100 -5.82 8.82 0.1795± 0.0236
4732.75396109 2.27 7.88 0.1682± 0.0242
4732.76548879 0.12 7.60 0.1667± 0.0223
4732.77701662 -2.03 6.90 0.1674± 0.0238
4733.69703238 9.44 8.14 0.1701± 0.0242
4733.70856019 -4.67 7.82 0.1677± 0.0235
4733.71697119 -7.09 9.14 0.1727± 0.0236
4747.77353788 4.25 5.98 0.1746± 0.0250
4781.65688110 7.76 6.41 0.1652± 0.0206
4816.61232656 10.29 8.72 0.1755± 0.0209
4986.92370887 -4.73 14.24 0.1887± 0.0262
5025.89140933 -37.17 8.23 0.1816± 0.0263
5048.87005530 -37.84 9.19 0.1823± 0.0239
5048.87535157 -12.18 9.07 0.1807± 0.0241
5075.87456767 -15.99 7.03 0.1695± 0.0230
5075.88610277 -13.42 8.76 0.1692± 0.0228
5100.78063288 -21.91 7.32 0.1673± 0.0212
5135.72812260 -27.54 8.80 0.1659± 0.0226
5172.58815669 -4.45 8.31 0.1728± 0.0219
5400.78427274 -10.86 6.31 0.1706± 0.0243
5435.78861255 -15.49 8.10 0.1714± 0.0246
5469.78414305 -13.65 7.30 0.1785± 0.0224
5492.76854834 -11.30 7.62 0.1627± 0.0222
5523.68425857 2.79 7.30 0.1601± 0.0208
5527.64465815 6.66 8.70 0.1742± 0.0234
5527.65392663 3.10 5.77 0.1669± 0.0223
5547.59458469 9.04 8.11 0.1649± 0.0249
5644.98896924 4.16 6.79 0.1519± 0.0239
5722.92872656 7.82 5.48 0.1523± 0.0216
5758.92483333 6.08 6.53 0.1721± 0.0260
5789.68097414 -0.49 6.97 0.1705± 0.0285
5791.86463193 13.74 8.20 0.1768± 0.0263
5792.79925378 -0.60 6.61 0.1742± 0.0253
5841.78442437 -8.29 7.41 0.1665± 0.0251
5842.79215631 -10.22 6.66 0.1649± 0.0281
Table 2.6: Radial Velocities for HD 220773
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BJD - 2450000 Radial Velocity Uncertainty
(m/s) (m/s)
2479.859725 -0.4171 4.08
2480.838237 -13.5865 4.09
2486.820898 -11.3423 4.45
2487.830499 -16.1442 4.38
2948.718426 -10.1010 3.87
3185.902803 -24.8888 5.50
3267.686065 -22.1946 4.73
3542.934309 -35.1965 4.76
3604.768270 -26.1322 4.20
3901.952807 3.7467 3.70
3935.863371 -5.9660 4.19
3979.907141 -12.5221 4.13
4007.670760 1.0665 3.68
4014.657584 -0.4731 3.14
4015.639336 5.8017 4.02
4032.599555 14.5027 4.60
4044.722222 14.3386 4.10
4401.744726 12.0180 4.51
4428.675456 19.4405 3.78
4475.548221 14.3677 4.52
5114.635072 -11.1314 4.15
5140.721408 7.8337 3.75
5358.945550 4.7166 4.79
5358.947973 8.1944 4.58
5382.886175 -5.2398 3.81
5382.888643 -3.2236 4.03
5414.822196 -1.2009 3.47
5414.824720 -10.5412 3.58
5441.730451 -0.5391 3.39
5441.732880 -4.1901 3.75
5466.827877 -6.5113 4.33
5469.822406 -1.8755 3.72
5469.824889 -1.5983 3.69
5532.649379 -3.1531 4.21
5532.651798 8.9105 4.23
5547.609328 8.9497 3.68
5547.611809 2.8300 4.20
5724.945915 9.2505 3.56
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Table 2.6 cont’d.
BJD - 2450000 Radial Velocity Uncertainty
(m/s) (m/s)
5724.948402 -5.5916 3.73
5754.866046 -12.5525 4.50
5754.868528 0.3110 5.85
5790.949560 -2.0862 3.38
5790.952042 -3.9868 3.78
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Chapter 3
Two Jupiters in a 3:2 Mean-Motion
Resonance Around HD 204313
3.1 Background
HD 204313, a sun-like V = 8 star observable in both hemispheres, has
been a target for multiple RV surveys. [199] announced the detection of the
first member of the star’s planetary system with the discovery of HD 204313b,
a Jovian-class (M sin i ∼ 4MJ) planet on a long-period (P ∼ 5 yr) orbit.
More recently, the HARPS survey revealed an interior Neptune-mass planet
with P = 35 days [158].
At [Fe/H] = 0.18 (as measured by [199]), HD 204313 follows the ob-
served trend of gas giant hosts being generally metal-rich (e.g. [76]). Further-
more, planet c adds to the mounting evidence that Neptune- and lower-mass
planets are extremely common around main-sequence stars [107, 158, 234, 236].
In many ways, HD 204313 represents a “typical” planetary system, according
to current observations.
Since 1987, we have used the 2.7 m Harlan J. Smith Telescope at Mc-
Donald Observatory for a long-baseline RV planet survey [42]. An upgrade to
our 2D coude´ spectrograph in 1998 gave us access to the full optical wavelength
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range of our I2 absorption cell, enabling us to monitor hundreds of FGK stars
with ∼ 6 m/s precision over 7-13 years. One of the primary scientific objectives
of the survey is to obtain a census of Jupiter analogs–giant planets in long pe-
riod orbits (see [230, 233] for a complete discussion of Jupiter analogs and early
detection limits from the McDonald Observatory RV survey). We have recently
announced three giant planets in long-period orbits [189], demonstrating that
we have the time baseline and sensitivity to detect long-period giants. In the
core-accretion theory of giant planet formation [141, 179], surface-density en-
hancement by ices facilitates the formation of ∼10-15 M⊕ cores. The ice line,
beyond which ices are present in the protoplanetary disk, has been estimated
to lie at 1.6-1.8 AU in a minimum-mass solar nebula [138]. For the case of HD
204313, the inclusion of published CORALIE velocities from [199] gives us a
total time baseline of 12 years, extending our sensitivity comfortably beyond
the ice line, into the formation locations of gas giant planets. In this chap-
ter, we present HD 204313d, another Jupiter analog exterior to planet b, and
describe its orbital parameters and evolution.
3.2 Observations and Data Reduction
Our RV data for HD 204313 are all taken from the 2.7 m Smith tele-
scope between July 2003 and June 2011, resulting in an 8-year time baseline.
We use the Tull Coude´ Spectrograph [217] with a 1.8 arcsecond slit, yielding
a resolving power R = 60,000. Our RV measurement procedure and reduction
code AUSTRAL is discussed in detail in [71]. In short, immediately before
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starlight enters the slit, it passes through an I2 absorption cell regulated at
50◦ C, which superimposes thousands of molecular absorption lines over the
object spectra in the spectral region between 5000 and 6400 A˚. Using these
lines as a wavelength standard, we simultaneously model the time-variant in-
strumental profile and Doppler shift relative to an I2-free template spectrum.
The resulting RVs are corrected for the motion of the observatory around the
solar system barycenter. We report our RV data for HD 204313 in Table 5.3.
3.3 Stellar Characterization
We seek to independently verify the stellar atmosphere parameters for
HD 204313 derived by [199]. Using our I2-free stellar template, we measure the
equivalent widths of 61 Fe I lines and 17 Fe II lines. We feed these equivalent
widths to the MOOGa local thermodynamic equilibrium (LTE) line analysis
and spectral synthesis program [205]. By utilizing a grid of ATLAS9 model
atmospheres [133], MOOG derives heavy-element abundances to match the
measured equivalent widths. We then determine effective temperature Teff
by removing any trends in abundances versus excitation potential (assuming
excitation equilibrium), and computes microturbulent velocity ξ by eliminating
trends with reduced equivalent width (≡ Wλ/λ). Stellar surface gravity is
obtained by forcing the abundances measured with Fe I and Fe II lines to match
(assuming ionization equilibrium). Our measured abundances are differential
with respect to the sun. Using a solar port, we have taken a solar spectrum
aavailable at http://www.as.utexas.edu/∼chris/moog.html
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Spectral Type G5 V
V [126] 8.006± 0.014
B − V [126] 0.695± 0.02
MV 4.63± 0.03
Parallax [126] 21.06± 1.04 mas
Distance 47± 0.3 pc
Teff 5760± 100 K
log g 4.45± 0.12
[Fe/H] 0.24± 0.06
ξ 1.20± 0.15 km/s
Mass [37] 1.02M⊙
Age [37] 7.20 Gyr
logR′HK −4.65± 0.03
Table 3.1: Stellar Properties for HD 204313
using the same instrumental setup used for our RV observations, and run the
above analysis for the sun. For reference, we obtain values of Teff = 5780±70
K, log g = 4.50± 0.09 dex, ξ = 1.16± 0.06 km/s, and log ǫ(Fe) = 7.52± 0.05
dex for the sun. Full details of our stellar analysis can be found in [31].
Our stellar parameters for HD 204313 are given in Table 5.1. For values
our routine does not calculate, we include catalog values from [126] (Version
3) and [37]. Our computed values agree extremely well with those presented
in [199]. Of particular interest is our measured [Fe/H] of 0.24 ± 0.06, which
confirms the metal-rich nature of HD 204313.
60
3.4 Orbit Modeling
Over the 8-year period from July 2003 to June 2011, we have collected
36 RV points for HD 204313. Our data are plotted as a time series in Figure
3.1(a). The RMS scatter about the mean of these velocities is 40 m/s, with
an average internal error of 5.21 m/s. When analyzed alone, our RVs show
the high-amplitude (K ∼ 70 m/s) signal expected as a result of HD 204313b,
with a period around 5.5 years. We compute Keplerian orbital solutions us-
ing the GaussFit modeling program [113] and the SYSTEMIC console [160],
finding excellent agreement between the one-planet solutions from both rou-
tines. However, a one-planet fit to our data gives a period more than 100 days
longer than the period reported in [199], a discrepancy more than 3 times the
combined 1σ uncertainties in the orbital period for the two models. Addition-
ally, our fit includes a long-period linear trend. We note that [158] also find a
period for planet b considerably longer than the originally published value.
We then compute a one-planet model using the CORALIE RVs as well
as our own. The combined RV set includes 132 RVs taken over 10 years.
The resulting parameters are closer to the previously published solution; we
find a period of 2,000 days, with eccentricity 0.16 and a minimum mass of
4.36 Jupiter masses. However, this fit is still considerably discrepant from the
[199] solution, and leaves a residual RMS scatter of 11.0 m/s, and a reduced
χ2 = 5.66.
We have computed the fully generalized Lomb-Scargle periodogram
[240] for the combined CORALIE-McDonald data set, and the residual RVs
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(a) (b)
(c)
Figure 3.1: a. Top: Radial velocity data for HD 204313. Points in black are
our 2.7m observations, while points in red are CORALIE observations from
[199]. The best-fit orbit model is shown as a blue line. Bottom: Residuals to a
two-planet fit. b. RVs after subtracting our fit to planet d from the velocities
in (a). The blue line shows our Keplerian model for planet b. c. RVs after
subtracting our fit to planet b from the velocities in (a). The blue line shows
our Keplerian model for planet d.
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around the one-planet fit. The resulting power spectrum is shown in Figure
3.2. The periodogram of the residual RVs shows significant peaks around 340
days, 395 days, and a broad peak between 2700 and 6700 days. We calculate
a false-alarm probability (FAP) for these peaks using the method described
in [209], and find a FAP of approximately 5× 10−5 for the long-period peak,
while the 395-day and 340-day peaks have FAPs of 4 × 10−4 and 1.5× 10−3,
respectively.
We attempt to fit an additional planet to the residuals at each of the
periods identified in the periodogram. Our fitting routine produces unsatis-
factory solutions at the two shorter periods, but converges to a fit with an
outer giant (M sin i = 1.68MJ) planet at 2831 days. The period of planet b
in this solution is consistent with the original published result, although the
eccentricity is higher than in a one-planet fit. The resultant two-planet fit is
included in Figure 3.1(a), and we give residual plots of the individual planets
in Figures 3.1(b) and 3.1(c). As with the one-planet solution, GaussFit and
SYSTEMIC agree nicely on the orbital parameters and their uncertainties.
The parameters of our final orbital model are listed in Table 5.2. The addition
of planet d removes the need to include a linear slope. Although we attempted
to fit an outer planet to each of the CORALIE and McDonald RV sets indi-
vidually, our routines failed to converge for either set. Evidently, both data
sets are required to achieve the time baseline needed to detect planet d, a fact
reinforced by our periodogram analysis. When examining the residual RVs
to our one-planet fit for each data set individually, we see only a monotonic
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Figure 3.2: From top: [1 ] Generalized Lomb-Scargle periodogram for the combined CORALIE/McDonald
RVs of HD 204313. [2 ] The same periodogram for the residual RVs after subtracting a one-planet fit. [3 ]
Periodogram of the residual RVs after subtracting a two-planet fit. [4 ] Periodogram of our time sampling
(the window function). The dashed lines indicate the approximate power level for a FAP of 0.01, computed
from Equation 24 of [240].
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Orbital Parameter Planet b Planet d
Period P (days) 1920.1± 25 2831.6± 150
Periastron Passage T0 (BJD - 2 450 000) 2111.6± 28 6376.9± 176
RV Amplitude K (m/s) 57.0± 3 23.7± 4
Mean Anomaly M0 300
◦ ± 0.4◦ 137◦ ± 2◦
Eccentricity e 0.23± 0.04 0.28± 0.09
Longitude of Periastron ω 298◦ ± 6◦ 247◦ ± 16◦
Semimajor Axis a (AU) 3.04± 0.06 3.93± 0.14
Minimum Mass M sin i (MJ) 3.55± 0.2 1.68± 0.3
CORALIE RV offset (m/s) -19.3
2.7 m RV offset (m/s) 29.8
RMS (m/s) 7.80
Stellar “jitter” (m/s) 5.46
Table 3.2: Two-planet orbital solution for the HD 204313 system
increase in power at long periods for the CORALIE data and insignificant
power in the McDonald data. Only when the data are combined, and the
total time baseline exceeds a full orbit of planet d, does the power spectrum
show a clearly-defined peak around the period of that planet.
We note that we have not included planet c [158] in our analysis. With
a reported RV amplitude of just 3.28 m/s, the signal of this short-period planet
is below the sensitivity limit of our data and that of CORALIE. Indeed, our
periodogram of the residuals to our two-planet solution (Figure 3.2) shows
no additional signals. Furthermore, the inclusion of a third planet with the
orbital elements published for planet c does not significantly change our orbital
solution. However, the RMS (7.79 m/s) and reduced χ2 (2.98) of our two-
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planet model are still higher than we expect given the precision of the Tull
spectrograph and the CORALIE data. While this is reflected in our model as
a relatively high level of stellar “jitter” (5.46 m/s), our stellar activity analysis
(see below) suggests HD 204313 should not be so active. Although it would
be ideal to include the orbit of planet c in our model to verify this hypothesis,
we are unable to do so because [158] include neither their measured RVs nor
their complete orbital fit for the HD 204313 system. We nevertheless conclude
that the additional scatter around our fit is most likely due to the unresolved
planet c, and potentially additional low-mass companions. We refer to the
outer planet as HD 204313d in acknowledgement of the inner Neptune-mass
planet.
[68] report a companion star 6.2 arcseconds to the south of HD 204313,
although they admit a significant probability of a chance alignment. At a dis-
tance of 47 pc, the angular separation indicates a minimum physical distance
of 583 AU between the two objects. The companion is approximately 9 mag-
nitudes fainter in the near infrared [68], and is therefore much less massive
than HD 204313 if they are in fact bound. If we overestimate the mass of this
object at 0.5M⊙ and assume it is associated with HD 204313, the resulting
radial velocity slope due to the companion is 0.28 m s−1 yr−1, which is roughly
equal to our 1σ uncertainty level of 0.2 m s−1 yr−1 for a slope in the combined
data set. It is therefore safe to conclude that the second star is not influencing
our modeling of the planetary system.
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3.5 Stellar Activity and Line Bisector Analysis
While we do not anticipate that stellar activity should produce RV
signals of the amplitudes of planets b and d, it is nevertheless important to
understand how changes in the atmosphere of HD 204313 may influence our
velocity measurements, particularly with the amount of scatter seen around
our fit. We examine stellar activity simultaneously with RV through line
bisector analysis of stellar lines outside the I2 region and changes in the Ca H
and K indices.
Changes in the stellar photosphere (starspots, etc.) may produce changes
in the measured RVs. However, these processes will also alter the shapes of the
individual stellar absorption lines. Following the method of [28], we calculate
the bisector velocity span (BVS) for each of our spectra. The BVS is sensitive
to these subtle changes in line shapes, and therefore a reliable indicator of
activity the stellar photosphere.
Similarly, if stellar activity is producing RV signals, those signals should
also appear in the Ca H and K indices. For each RV point in Table 5.3, we have
computed the Mount Wilson SHK index, which we list alongside the velocities.
From [169] we use SHK to derive logR
′
HK , the ratio of Ca H and K emission to
the bolometric luminosity of the star. From logR′HK we obtain a more general
idea of the overall activity level of HD 204313.
All examinations show HD 204313 to be an extremely quiet star. The
results of our activity analyses are shown in Figure 5.5. In Figure 3.3(a), we
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plot BVS and SHK versus our measured RVs and their residuals around the
one-planet fit. In both cases, there is no significant correlation, suggesting
photospheric activity is not influencing our velocities. Periodograms of SHK
and BVS (Figure 3.3(b)) show no periodicity for either index. Furthermore, we
measure an RMS of only 17 m/s for the BVS, and logR′HK = −4.65. It is not
surprising, then, that we see no signals or correlations in any of our activity
indicators. With three planets now known, HD 204313 is rapidly becoming a
rich planetary system. Its low activity level makes it an ideal candidate for
follow-up observations to search for additional low-mass companions.
3.6 Dynamical Stability Analysis
A number of recent studies have highlighted the need for observational
detections of multiple exoplanet systems to be supported by dynamical simu-
lations that test whether the orbits of the proposed planets are dynamically
feasible (e.g. [98, 104, 105, 235]). Such studies are particularly important when
the planets in question appear to move on orbits close to mutual mean-motion
resonance (e.g. [189]), an architecture that can yield either extreme stability
or instability, depending on the precise orbits of the planets involved. In the
case of HD 204313, the best-fit orbits for planets b and d suggest that they
may well be trapped in mutual 3:2 mean-motion resonance (see Figure 3.4 for
the orbital schematic). As such, we chose to perform a highly detailed dynam-
ical study of the orbits of planets b and d to investigate whether the orbits
that best fit the data are dynamically feasible.
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(a)
(b)
Figure 3.3: a. Left : BVS plotted against our measured RVs (top) and residual
RVs to a one-planet fit (bottom) for HD 204313. Right : SHK indices plotted
against our measured RVs (top) and residual RVs to a one-planet fit (bottom)
for HD 204313. b. Generalized Lomb-Scargle periodograms for the BVS (top)
and SHK indices (bottom) of our spectra for HD 204313. The dashed lines
indicate the approximate power level for a FAP of 0.01.
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Figure 3.4: Face-on orbital diagram of the giant planets in the HD 204313
system. The ellipses shown are derived from the model in Table 5.2 (the
open square in Figure 3.5), with the lines from the star pointing toward the
periastron of each planet. The locations of planets b and d are adopted from
the mean anomalies in Table 5.2.
Following earlier work [104, 155, 189], we used the Hybrid integrator
within the n-body dynamics package MERCURY [39] to examine test systems
in which the initial orbit of planet b was held fixed at the nominal best fit
values (in this case, a = 3.04 AU, e = 0.23). The initial orbit of planet d
was then systematically changed from one simulation to the next, such that
scenarios were tested for orbits spanning the full ±3σ error ranges in semi-
major axis, eccentricity, longitude of periastron and mean anomaly. Such
tests have already proven critical in confirming or rejecting planets thought to
follow unusual orbits (e.g. [104, 235]), and allow the construction of detailed
dynamical maps for the planetary system studied, in orbital element phase
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space.
We examined 31 unique values of semi-major axis for planet d, ranging
from 3.51 AU to 4.35 AU, inclusive, in even steps. For each of these 31 initial
semi-major axes, we studied 31 values of orbital eccentricity, ranging across
the full ±3σ range (e = 0.01− 0.55). For each of the resulting 961 a-e pairs,
we considered 11 values of initial longitude of periastron (ω), and 5 values of
initial mean anomaly (M0), resulting in a total suite of 52,855 (31×31×11×5)
plausible architectures for the HD 204313 system.
In each of these simulations, the masses of the two planets studied were
set to their minimum (M sin i) values. The mass of planet b was therefore set
to 3.55MJ , while that of planet d was set to 1.68MJ . To first order, the more
massive the planets, the more strongly they will perturb one another, and
so setting their masses to the minimum allows us to maximize the potential
stability of the planetary system. In other words, we expect our resulting
dynamical maps to show the maximal stability of the orbits tested. The dy-
namical evolution of the two planets was then followed for a period of 100
million years, or until one of the planets either collided with the central star,
was transferred to an orbit that took it to a distance of at least 10 AU from
the central star, or collided with the other planet. Collisions were modeled by
assuming a density of 1.33 g cm−3–equal to the average density of Jupiter–for
each planet and computing a radius accordingly, so that our code registered
a collision if an actual physical encounter occured. The time of such events
was recorded, allowing us to construct a dynamical map of the planetary sys-
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tem, shown in Figure 3.5(a). That figure shows the mean lifetime of the HD
204313b-d system as a function of the initial semi-major axis, a, and eccen-
tricity, e, of planet d. Each individual initial a-e pair was tested a total of
55 times, each of which featured a different initial combination of ω-M0. The
lifetimes shown are the mean value of the 55 individual lifetimes obtained from
those runs.
Aside from resonant solutions, the entire a-e phase space of allowed
orbits for planet d is extremely unstable, with collisions between planets b
and d often occurring within the first few hundred years of the simulations. It
is also clear that, even within the resonance, some subset of the solutions are
dynamically unstable (hence the reason the mean lifetime in the stable region
is somewhat less than 108 years). At the highest eccentricities permitted for
the orbit of planet d, no stable solutions exist, but there is a broad region
of stability within the 1σ errors on the best-fit orbit. As can be seen in
Figure 3.5(b), the stability of orbits in the vicinity of the 3:2 mutual mean-
motion resonance between the planets is a strong function of the longitude
of periastron ω for planet d (we note here that planet b’s initial longitude
of periastron was 298 degrees). Qualitatively, the strong ω dependence is
reflective of the fact that the 3:2 resonance provides stability by ensuring
planets b and d never simultaneously approach a true anomaly ν ∼ 300◦, where
their orbital paths allow very small separations. For configurations outside the
stable a−ω space, the resonance becomes destructive. Once again, the stable
region extends throughout the 1σ uncertainties on the best-fit orbit of planet
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(a) (b)
Figure 3.5: a: The mean dynamical lifetime of the HD 204313b-d planetary system, as a function of the
initial semi-major axis (a) and eccentricity (e) of planet d. The lifetimes are shown on a logarithmic scale,
ranging from 102 years (blue) to 108 years (red). The location of the nominal best-fit orbit for planet d is
denoted by the open square, with the 1σ uncertainties shown by the solid lines radiating from that point.
b: The mean lifetime of the HD 204313b-d system, as a function of the semi-major axis, a, and longitude
of periastron, ω, of planet d’s orbit. The lifetime shown at each location in a-ω space is the mean of 155
individual runs, which tested 31 different orbital eccentricities and 5 different mean anomalies for that
particular a-ω combination.
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d, with the location of the best-fit orbit lying close to the region of greatest
stability.
Here again, our solution suffers from a lack of information regarding
planet c. Fortunately, at P = 35 days and M sin i = 17M⊕, plausibility ar-
guments suffice to rule out destabilizing interactions due to this inner planet.
As demonstrated in [104], planets tend to be stable when separated by ∼ 5
Hill radii. With planets b and c separated by nearly 12 Hill radii (measured
from planet b), we expect little mutual influence. A similar argument is pre-
sented for KOI 961 [167]. Nevertheless, we have performed a small number
of simulations in which we include a planet with M = 17M⊕, a = 0.21 AU,
and e = 0.17 [158] to the stable configurations nearest to our best-fit orbital
solution. In all cases, the stability of the system is unaffected; while the ex-
act values of a and e for the giant planets are slightly different at each time
step when planet c is included, the periods over which the orbital parameters
vary remain unchanged, and the long-term evolution is the same regardless of
whether c is included. We therefore conclude that excluding planet c from our
larger analysis does not significantly affect our results.
Taken in concert, the results shown in Figure 3.5 reveal that dynam-
ically stable coplanar solutions for the orbit of planet d require that it be
trapped in mutual mean-motion resonance with planet b. Given that the
nominal best-fit orbit lies perfectly within the region spanned by that reso-
nance, and that a significant fraction of the 1σ error ellipse for planet d is
dynamically stable in both a-e and a-ω space, we find that our dynamical
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results are broadly in support of the existence of planet d, and may even be
used to more tightly constrain its orbit.
3.7 Discussion
With the addition of planet d, HD 204313 joins the growing list of stars
hosting multiple gas giant planets. At G5 V spectral type and at virtually
equal mass to the sun, having two planets with masses ∼ 2-4 times that of
Jupiter makes HD 204313 somewhat of an outlier on the correlation between
stellar mass and giant planet fraction/mass [116]. However, we confirm the
star’s super-solar metallicity measured by [199], thereby offsetting the slight
discrepancy with stellar mass.
As of May 2012, there are 12 exoplanet systems in the exoplanets.org
[238] database which contain giant planets believed to be in low-order reso-
nances. However, only HD 45364 (3:2, [47]) and HD 200964 (4:3, [117]) host
multiple gas giants in mean-motion resonances closer than 2:1. HD 204313
therefore joins a very small subset of the known planet systems. Furthermore,
the minimum masses of planets b and d are considerably higher than either the
HD 45364 or HD 200964 planets, making their continued stability even more
remarkable. Interestingly, in addition to having the 3:2 resonance in common,
HD 45364b/c and HD 204313b/d both have mass ratios close to the ∼ 3:1
Jupiter/Saturn mass ratio. These systems are thus valuable as a comparison
to the Nice model [216] for the formation of the outer solar system. In par-
ticular, [8] invoke a 3:2 resonance between Jupiter and Saturn in simulations
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which successfully reproduce the orbital configurations of the four outer solar
system planets and the Kuiper belt.
The importance of 3:2 mean-motion resonances within the Solar system
extends beyond the possible interactions between Jupiter and Saturn during
the system’s early evolution. Beyond the orbit of Neptune lie the Plutinos
(named after the dwarf planet (134340) Pluto, the first known member). These
objects, of which several hundred are currently known, are trapped within the
3:2 Neptunian mean-motion resonance. In Figure 3.6, we plot the Plutino
distribution in a-e space. The Plutino population contains objects with a
wide range of eccentricities and inclinations, with the most eccentric objects
crossing the orbit of Neptune, and some moving on orbits that can range as
close as halfway between the orbits of Uranus and Neptune. The inclinations of
the Plutinos range from 0 degrees to over thirty degrees. This wide distribution
of orbital elements has been used to decipher the migration history of Neptune
- the idea being that, as that giant planet migrated outwards, objects were
captured into the 3:2 mean-motion resonance and swept along with the planet,
their orbits becoming ever more excited as they were carried along (e.g. [149]).
As a result, the Plutinos nicely map the extent of the stable region of the
3:2 mean-motion resonance with Neptune. Though the stable Plutinos do
not range to quite as extreme eccentricities as are supported for the orbit of
HD204313d (as a result of the influence of Uranus on the evolution of the most
eccentric members), it is striking that the region of stability occupied by the
Plutinos is very similar to that obtained by our dynamical integrations, as can
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be seen when comparing Figures 3.5(a) and 3.6. We note in passing that the
Hilda family of main belt asteroids are trapped in 2:3 mean motion resonance
with Jupiter, orbiting with periods of ∼ 8 years. Despite their sometimes high
orbital eccentricities (again up to, and in excess of, 0.3), these objects are
protected from close encounters with the massive planet by the mean-motion
resonance they occupy.
Figure 3.6: The distribution in a-e space of the population of trans-Neptunian
objects between 35 and 43 AU. Note the concentration of objects just beyond
39 AU - the Plutinos, trapped in 3:2 mean-motion resonance with Neptune.
Unlike our recent results for the 2:1 mean-motion resonance in the HD
155358 system [189], our dynamical simulations for HD 204313 do not permit
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coplanar orbits outside the 3:2 resonance. Evidently, such a small period ratio
is only stable when protected by the resonance. Furthermore, the existence
of unstable orbits within the permitted parameter space shows that location
within a resonance is not a guarantee of stability. Finally, it is interesting
that while for both HD 155358 and HU Aquarii [104, 235], the inner cutoff for
stability in a-e space is equal to the inner planet’s apastron distance plus five
Hill radii, our stable solutions for HD 204313 allow planet d to have values of
a much smaller than this value. Once again, such a conclusion is supported
by our knowledge of our Solar system, in which resonant configurations ensure
the stability of vast populations of objects on orbits that would otherwise be
highly unstable. Prominent examples include the aforementioned Hildas (e.g.
[80, 90]) and Plutinos [81, 149], along with the Jovian and Neptunian Trojans
[106, 146, 162, 201]. In addition to the resonant exoplanets mentioned earlier,
these populations reinforce the idea that such resonant scenarios are a common
outcome from the planet formation process.
We note that the results of our stability analysis not only confirm the
validity of our orbital model, but in fact place tighter constraints on the sys-
tem’s configuration than our fitting uncertainties alone. As long-term RV
planet surveys such as ours become increasingly sensitive to systems with
multiple long period companions, it is likely that additional systems with gas
giants in close resonances will be discovered. Such dynamical simulations are
therefore extremely valuable for understanding the true architecture of these
systems, for which there may otherwise be considerable uncertainty as to the
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orbital parameters.
It is important to note that our claim that planets b and d are trapped
in mutual 3:2 mean-motion resonance is based on simulations that assumed
that their orbits are coplanar. However, as can be seen from the examples of
the Hildas and Plutinos within our own Solar system, resonant orbits can be
dynamically stable for a wide range of mutual inclinations. It might instinc-
tively seem that the coplanar case would actually be the least stable configura-
tion, and therefore that mutually inclined orbits might allow a broader range of
stable solutions. However, we note that in [104], the authors considered a wide
range of orbital inclinations in an attempt to address the apparent instability
of the proposed HU Aquarii planetary system, and found that increasing the
mutual inclination of the planets in question did little to remedy their instabil-
ity. That said, it would certainly be interesting, in future work, to examine the
influence of the mutual inclination of the orbits of the planets of the HD204313
system. Fortunately, with predicted astrometric displacements of 0.432 mas
and 0.264 mas for planets b and d, respectively, both planets should be acces-
sible to astrometric measurements with the HST Fine Guidance Sensor [168].
Plus, the inclusion of inclination constraints would make HD 204313 a unique
opportunity for comparison to the compact, multi-resonant planet systems
discovered by the Kepler spacecraft [45, 100, 142]. If astrometry shows the HD
204313 planets to be coplanar, it would be strongly suggestive that similar mi-
gration mechanisms can result in systems as different as HD 204313 and the
aforementioned Kepler planets. HD 204313 should therefore be considered a
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high-priority target for current and future astrometric surveys.
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Table 3.3: Radial Velocities for HD 204313
BJD - 2450000 Radial Velocity Uncertainty SMW
(m/s) (m/s)
2840.892291 -8.48 7.26 0.1799± 0.0215
2933.666733 -11.81 4.58 0.1757± 0.0231
3930.951397 25.41 4.08 0.1725± 0.0262
4347.740522 76.44 6.37 0.2100± 0.0327
4376.744143 88.50 4.07 0.1849± 0.0217
4401.617979 86.26 4.55 0.1769± 0.0250
4606.945812 62.97 5.54 0.1499± 0.0233
4663.924822 46.99 5.37 0.1728± 0.0251
4663.938000 39.25 2.76 0.2807± 0.0466
4703.749028 44.40 5.24 0.1592± 0.0206
4732.798800 40.00 3.96 0.1590± 0.0214
4752.702889 40.71 6.14 0.1677± 0.0217
4782.617353 32.02 6.04 0.1706± 0.0228
4986.953099 -3.09 5.05 0.1604± 0.0265
5023.896398 -10.58 6.18 0.1640± 0.0233
5049.798314 -14.30 6.87 0.1725± 0.0246
5101.700768 -23.34 4.92 0.1682± 0.0223
5172.538410 -20.96 7.60 0.1688± 0.0250
5470.683390 -51.54 4.11 0.1479± 0.0222
5496.568795 -54.50 3.56 0.1583± 0.0275
5526.556625 -54.25 6.77 0.2355± 0.0439
5529.556590 -51.40 5.55 0.1704± 0.0290
5548.544742 -46.72 3.67 0.1508± 0.0232
5722.947515 -30.38 7.86 0.1689± 0.0294
5761.927802 -18.40 5.41 0.2000± 0.0296
5790.814330 -16.89 4.45 0.2248± 0.0355
5791.852748 -16.59 4.50 0.1901± 0.0282
5811.740128 -20.36 6.16 0.1496± 0.0251
5812.750735 -25.75 3.56 0.1498± 0.0229
5817.780745 -33.40 6.91 0.2204± 0.0354
5838.671924 -13.10 5.43 0.1492± 0.0231
5840.686936 -7.06 3.68 0.1768± 0.0259
5841.664865 -10.98 5.72 0.1626± 0.0346
5842.697923 -13.76 5.16 0.1673± 0.0367
5845.589786 -7.23 4.97 0.1803± 0.0262
5846.724380 -18.09 3.57 0.2182± 0.0372
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Chapter 4
M Dwarf Activity: The Hα Line
4.1 Background
The study of Hα activity for M dwarfs has provided a wealth of insight
into the physics of low-mass stars. For young M stars with Hα emission lines
(so-called “active” M dwarfs), stellar activity has been shown to be tightly
coupled with rotation (e.g. [30, 187]). Furthermore, as these stars age and
spin down, their Hα emission and variability decrease significantly, offering a
diagnostic for distinguishing stellar populations of different ages [143, 228, 229].
Absorption line variability in inactive M dwarfs is often caused by pe-
riodic stellar activity cycles [32, 40, 87, 132, 241]. Because such cycles may ap-
pear in radial velocity (RV) measurements (as evidenced by correlation be-
tween RV and activity tracers such as Ca II H and K emission), potentially
mimicking Keplerian planet signals [87, 111, 183], they are of particular inter-
est to planet search surveys. As a somewhat happy coincidence, the long-term,
multi-epoch spectral monitoring of stars conducted by RV surveys makes them
uniquely sensitive to analogs of the 11-year solar cycle. These cycles may not
appear in photometry if they manifest as variable heating of active chromo-
spheric regions and not starspot modulation.
82
Identification and characterization of solar-type cycles will be instru-
mental in better understanding the solar magnetic dynamo [213, 238]. Since
stellar cycles are reflective of a star’s magnetic field strength and variability
(e.g. [29]), internal structure ([170] and references therein), and long-term evo-
lution [237], exploring activity across all spectral types is an excellent way to
understand how fundamental stellar properties vary, and how stellar magnetic
fields are generated and maintained.
In the Sun, the origin of the magnetic activity driving the observed
11-year cycle is believed to be the αΩ dynamo maintained through differential
rotation at the tachocline, the interface between the radiative and convective
layers of the Sun. The prevalence of similar cycles for FGK stars [6] con-
firms that such dynamos are common amongst solar-type stars. However, the
tachocline lies at increasing depths at later spectral types, disappearing al-
together around ∼ M4 [38]. Thus, a direct comparison between the stellar
activity levels and cyclic behavior of solar-type and lower-mass stars is essen-
tial to characterizing the effect of stellar mass on internal architecture and the
resulting magnetic activity.
In this chapter, we present the first systematic analysis of stellar activ-
ity for the McDonald Observatory M Dwarf Planet Survey [72, 73]. While the
long-term surveys at Mount Wilson [6] and HARPS [144] have already con-
ducted similar studies for over 400 quiet FGK stars, analyses of M stars (e.g.
[40, 87, 132]) are significantly lacking, with less than 50 total stars examined.
With 93 stars included in this study, it is the largest such study to date for
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inactive M stars, and represents a substantial addition to the total collection
surveyed.
Here, we will use the flux in the Hα line as a tracer of stellar chromo-
spheric activity. In areas of the stellar chromosphere where magnetic field
lines influence the local convective behavior (so-called “active regions” or
plages), Hα photons are emitted, resulting in an activity-dependent depth
of the Hα absorption line. While this effect is more commonly observed in the
calcium H and K lines, Hα is potentially a more suitable line for M stars be-
cause of their lack of flux near the calcium lines. Additionally, because Hα and
Ca H and K are emitted from different depths in the chromosphere (and hence
different distances from the tachocline), valuable information may be gained
by comparing the results of M dwarf activity using both indices. Since Hα is a
standard tracer of M dwarf activity, our measurements can easily be compared
with previously published results.
The chapter is organized as follows. In Section 2, we describe how
we acquired and reduced our data. We have identified a number of periodic
Hα signals, which we discuss in Section 3. Additionally, we have computed
the mean Hα flux levels of our targets, and include a detailed examination of
how these average fluxes depend on stellar mass and metallicity. The broader
implications of our results are discussed in Section 4, and we summarize our
conclusions in Section 5.
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4.2 Observations and Data Analysis
The McDonald Observatory Planet Search (e.g. [42, 189, 190]) has mon-
itored nearby stars for RV variation induced by exoplanets with the Hobby-
Eberly Telescope (HET; [185]) since 2001. During this period, we have also
surveyed 100 M dwarfs to explore the frequency of planets around low-mass
stars. Our 100 targets are specifically selected to have low activity based on
a lack of X-ray emission from the ROSAT All-Sky Survey [110], and should
therefore represent the old, quiet population of nearby M stars.
In order to better characterize our targets, we computed stellar masses
using the [57] K-band mass-luminosity relation. Additionally, we calculate
stellar metallicity using the [197] photometric metallicity calibration. We note
that this calibration is largely consistent with earlier photometric metallicity
estimates of [16] and [114], but is less susceptible to systematically over- or
underestimating stellar [M/H]. Where available, we have also obtained spectral
subtypes from the Orion Spiral Arm Catalogue [13]. In Figure 4.1, we show
the distributions of these stellar properties for our sample.
After removing double-lined spectroscopic binaries (SB2s), the M dwarf
survey has amassed 2933 high-resolution spectra of 93 stars as of July 2012.
All of the 93 targets have been observed at high cadence for a brief amount
of time (typically ∼ 5 observations over one week) to explore short-period RV
variability, and are observed at least once per season to ensure sensitivity to
long-period signals. Stars with potentially interesting RV signals have been
observed several times each season.
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Figure 4.1: The McDonald Observatory M Dwarf Planet Search is a dedicated long-term survey of late-
type stars in the Solar neighborhood. Here, we give histograms of the stellar masses, metallicities, and
spectral subtypes of our targets.
86
Our HET M dwarf spectra are taken with the High Resolution Spec-
trograph (HRS; [218]). Nearly all the spectra are taken at a resolving power
R = 60, 000, with a small number of bright targets for which we observed
at R = 120, 000. We note that while our observations are taken with an I2
absorption cell in front of the slit for the purpose of obtaining precise RVs,
no I2 absorption lines are present in the spectral region around Hα. Flat-
fielding, bias subtraction, cosmic ray removal, and wavelength calibration are
performed with standard IRAFa routines, and we have divided our spectra by
the blaze function to normalize the continuum.
Although it is common practice for RV surveys to trace stellar activity
with the Ca II H and K lines (SHK, e.g. [111, 174, 189], those lines are not
accessible to HRS. Instead, we examine the Hα line, which appears in ab-
sorption for our targets, but becomes increasingly filled in as chromospheric
activity increases [86, 132]. Figure 4.2 shows the Hα absorption line for GJ
270 at times of high and low emission. In addition to the issue of availability,
analyzing Hα reveals stellar behavior which will not necessarily appear in SHK
since Hα activity and Ca H and K activity do not always correlate, as shown
in previous comparisons between tracers [41, 86, 196]. We measure this chro-
mospheric Hα “filling in” with an index IHα. Following [132], we define the
index as
aIRAF is distributed by the National Optical Astronomy Observatories, which are oper-
ated by the Association of Universities for Research in Astronomy, Inc., under cooperative
agreement with the National Science Foundation.
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Figure 4.2: For quiet M stars, the Hα line traces stellar magnetic activity
through the variable “filling in” of the absorption line with photons emitted
from magnetically active regions of the chromosphere. Here, we show the
Hα absorption line of GJ 270, in states of high (red) and low (blue) chromo-
spheric emission. The dashed vertical lines indicate the 1.6 A˚ window in which
the Hα flux is calculated.
IHα =
FHα
F1 + F2
(4.1)
As in [86], we have taken FHα to be the sum of the flux in a band of width
1.6 A˚ centered on the Hα λ6562.828 A˚ line. We find the line center with
our fitted wavelength solution, making manual corrections for large stellar RV
offsets where necessary. F1 and F2 are the sum of the fluxes in the refer-
ence bands [−700 km s−1,−300 km s−1] (from the Hα line center) for band
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1 and [600 km s−1, 1000 km s−1] for band 2, as defined by [132]. To ensure
any variation observed is in fact from stellar chromospheric activity and not
instrumental effects, we also measured a similar index for the Ca I λ6572.795
A˚ line, where FCaI is the sum of the flux from [441.5 km s
−1, 472.5 km s−1]
around the Ca I line center, and using the same reference bands. Because the
Ca I line should not be sensitive to stellar activity, the Ca I index serves as a
control against which to verify Hα activity.
For each stellar line index, we calculated an error bar using a method
analogous to the one employed for the Mount Wilson Ca II SHK index we
compute for our 2.7m spectra (e.g. [189]). Specifically, we multiplied the RMS
in the continuum in the 0.5 A˚ adjacent to the Hα or Ca I line by
√
N , where N
is the number of pixels in the line (i.e. σFHα = RMSFHα±0.5 ×
√
N). Likewise,
we multiplied the RMS scatter of each reference band by the square root of
the number of pixels in the band, and added the errors in quadrature for the
final line index. In equation form,
(
σIHα
IHα
)2 = (
σFHα
FHα
)2 + (
√
σ2F1 + σ
2
F2
F1 + F2
)2 (4.2)
Rather than take the approach of [86] and bin our observations, we assign
these error bars so as to accurately assess the quality of each spectrum, and
to best make use of our more sparsely-sampled data sets, which nonetheless
show significant activity.
89
4.3 Analysis
We see time-dependent stellar activity for a number of stars from our
RV survey. In addition to detailing this behavior, we have also examined the
time-averaged overall activity levels of our targets, and related those levels
to other fundamental stellar properties. We present these results in separate
subsections below.
4.3.1 Periodic Hα Activity
We began our analysis by searching the time series IHα measurements of
each star for periodic activity. Since M dwarf stellar activity signals have been
observed with periods as short as weeks or months (as is typical of rotation
periods, e.g. [78, 132]) and as long as years [40, 87], we searched a broad range
of frequencies. We search for periodicity using the fully generalized Lomb-
Scargle periodogram [240] due to its ability to handle uneven time sampling
and individually-weighted data points. In cases where our periodograms show
significant power levels, we have estimated false alarm probabilities (FAPs)
using three different methods. The first two computations, which we consider
preliminary estimates, use Equation 24 of [240] and the method outlined in
[209]. For the [240] FAP estimate, we normalize the periodogram assuming
gaussian noise, so our false alarm probability for a peak of power P is
FAP = 1− [1− (1− 2P
N−1
)
N−3
2 ]M ,
where N is the number of data points and M = ∆f
δf
is an estimate of the
number of independent frequencies sampled. The FAP estimate of [209], which
90
compares the power of a periodogram peak to an expected distribution of
power values based on Bayesian statistics, agrees well with the probabilistic
calculation for our power spectra. Our final FAPs for periodic signals presented
herein are calculated according to the bootstrap resampling technique of [131].
Briefly, the bootstrap FAP technique retains the time stamps of the original
data set, then creates a series of fake data sets by assigning a random IHα value
(with replacement) from the set to each time stamp. The FAP is then taken
as the percentage of resampled data sets which at any frequency give an equal
or higher periodogram power value than the highest peak in the original data.
Because stellar activity is neither strictly periodic nor perfectly sinu-
soidal, and will experience stochastic behavior (flares, etc.) regardless of any
regular cycles, the FAP required to confirm a Hα activity cycle is somewhat
higher than for a more rigidly periodic phenomenon such as a Keplerian planet
orbit. Previous studies (e.g. [40]) have considered FAPs as high as 0.5. While
we see many signals in our sample with a FAP in the 0.5-0.1 range, we do
not present them here, pending confirmation either through more dense time
sampling (for short-period signals) or a second activity tracer such as the Na
I D feature (for low-amplitude signals). Here, we only claim detection of a
periodic signal if it has a bootstrap FAP at or near the 0.01 level, with the
exception of GJ 581 (FAP ∼ 0.1), for which we offer a confirmation of a previ-
ously observed cycle (see below). This criterion is essentially equivalent to the
one adopted by [32]. The periodograms for our confirmed activity cycles are
shown in Figure 4.3, and the individual FAPs are discussed in later sections.
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Figure 4.3: Periodograms for the six stellar activity cycles detected in our M
dwarf sample. Below each periodogram is the power spectrum of our time
sampling. The horizontal lines represent the power levels corresponding to
a false alarm probability (FAP) of 0.5 (dotted line), 0.1 (dashed line), and
0.01(dash-dotted line), as calculated from Equation 24 of [240].
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For each activity cycle, we have fit a sinusoid of the form IHα(t) =
a0 + a1 sin(ωt + φ), where ω =
2pi
P
, P is the period of the cycle, and a0, a1,
and φ are free parameters to set the IHα zero point, amplitude, and phase,
respectively. In Figure 4.4, we show the time-series Hα index of the six stars for
which we observe periodic activity cycles and the fitted sine curves. Included
with each plot is the time series of the Ca I index. We note that we have
examined the periodograms of the Ca I index for each star in Figure 4.4, and
do not see periodicity matching the signals seen in Hα. Furthermore, the level
of variation in Ca I is considerably lower than we see in Hα, confirming that
the cycles observed are in fact caused by stellar activity.
While we show sinusoidal fits to the activity cycles shown in Figure 4.4,
it is clear from visual inspection that the cycles are not all perfectly sinusoidal
in shape. Interestingly, the two most obviously non-sinusoidal signals–GJ 552
and GJ 630 (see below)–both exhibit gradual declines and rapid rises in IHα.
This behavior is reminiscent of the Waldmeier effect seen in the Sun, where
higher-amplitude activity cycles are preceded by more rapid rises in activity
(see, e.g. [35]). While the details of the Waldmeier effect are the subject
of active research, its qualitative properties can be explained by the variable
nonlinear feedback of hydrodynamic turbulence and small-scale magnetic fields
on the large-scale stellar magnetic field [178]. If this is the case for our targets,
we should expect to see varying shapes and durations of each cycle as we
observe successive periods.
We find that in cases of non-sinusoidal IHα series, a better approach is
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Figure 4.4: Hα activity cycles. Some data have been phase-folded for clarity.
The red curves show our best fit to the data. We do not include a fit for
GJ 552 because we cannot constrain its period. Below each Hα series is the
corresponding Ca I index.
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to fit a Fourier series. In Figure 4.5, we show the results of fitting three terms
of the Fourier series
IHα(t) = a0 +
n∑
i=1
ai sin(ωit+ φi)
for two of the cycles presented in Figure 4.4. We set the initial guess for ω1
equal to the frequency identified in the periodogram of each star’s IHα index.
For both stars, the best-fit frequency of each successive term falls very close
to twice the frequency of the previous term, leading us to conclude that we
are likely observing harmonics of the initially-observed activity cycle. The
drawback to fitting Fourier series is that each new term adds three free pa-
rameters to the fit. For targets without a large number of observations (e.g.
GJ 552, Figure 4.5(b)), we quickly lose the ability to constrain the parameters
of higher-order terms, leading to over-fitting as shown in the Figure.
Below, we discuss each observed activity signal in detail. Additionally,
we have included the details of our fits to the data in Table 4.1.
4.3.1.1 GJ 270 and GJ 476
With periods ≥ 3 years, the IHα signals of GJ 270, GJ 476, and GJ
581 (discussed below) could be considered the “stellar cycles” in our survey.
Here, we see the advantage of utilizing the data set of an RV survey; the same
observational strategy intended to reveal long-period giant planets gives us
excellent coverage of very slow activity cycles, the durations of which have
never been previously observed for M dwarf stars.
AtM∗ = 0.68M⊙, GJ 270 (M2) is among the more massive M dwarfs in
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(a) (b)
Figure 4.5: Here, we show the results of fitting Hα activity cycles with Fourier series instead of sine curves
for a GJ 270 and b GJ 552. We see that our fits improve with the inclusion of higher-frequency harmonics,
but that for few data points (as seen in b), we cannot constrain enough free parameters to justify adding
a large number of terms.
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our survey. As first reported in [73], we see evidence for a long-period binary
companion in the RVs of GJ 270, but at present its period is longer than our
observational time baseline. The IHα time series, shown in Figure 4.4(a) shows
clear cyclic variation, with a distinct peak in the corresponding periodogram
(Figure 4.3(a)) at 2553 days. Our bootstrap analysis generated no false alarms
in 104 trials, thus giving an upper limit on the FAP of 10−4. We fit a sinusoidal
model to this signal with a period of 2687 days and amplitude 0.00158 in IHα,
the longest-period cycle for which we have observed a full period. We include
our fit to the data in Figure 4.4(a).
[13] list GJ 476 as subtype M4, although with a mass estimate of
0.47M⊙, it would be among the more massive M4 stars. In Figure 4.4(b),
we show the IHα time series, which again shows long-period variation. The
power spectrum for GJ 476 peaks at 993 days, with a bootstrap FAP estimate
again giving an upper limit of 10−4. Our fitted sinusiod gives a final period
of 1066 days. The cycle has an IHα amplitude of 0.00193, the largest of the
periodic signals presented herein.
4.3.1.2 GJ 581
We take particular note of GJ 581, both because of the considerable
interest in its planetary system (e.g. [17, 157, 225]), and because our observed
periodicity confirms the discovery of [87]. It is important to note that our
periodogram analysis (Figure 4.3(c)) shows a peak at 448 days with higher
power than the longer-period signal claimed in [87]. However, since the longer-
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period peak leads to a marginally better fit–yielding an RMS of 0.00118 in
IHα versus 0.00123–we adopt the 1633-day peak as the true period. The 448-
day peak disappears in the residuals to a 1633-day fit, indicating it is likely
an alias of the fitted signal.
As seen in Figure 4.3, the 1633-day signal of GJ 581 appears at some-
what lower power in our periodogram analysis. In our bootstrap FAP analysis,
our randomly-resampled IHα indices produced higher power spectrum values
in 1196 of 104 trials, for a FAP of 0.12. However, since our observed pe-
riod is similar to the 1407-day period derived from the HARPS data, and
because our observed IHα maximum in December 2007/January 2008 matches
the Hα maximum found by [86], we consider our detection valid despite hav-
ing a FAP of ∼ 0.1. It is especially remarkable that we observe the cycle
in Hα, while [87] use the Na I D feature. Furthermore, the reversal of the
minima/maxima between our Hα index and the HARPS Na I index confirms
the anticorrelation between Hα and Na I for GJ 581 observed in the HARPS
survey [86].
4.3.1.3 GJ 708
With a mass M∗ = 0.77M⊙, GJ 708 is at the upper limit of where
the [57] mass calibration is valid. While the Orion Spiral Arm Catalog lists
it as spectral type M1, its mass indicates GJ 708 is most likely a late K
dwarf. Our RV series shows a monotonic decreasing trend indicative of a
binary companion, for which we are currently unable to estimate a period. In
98
many ways, then, GJ 708 is quite similar to GJ 270.
GJ 708 is unique among the objects presented here because it exhibits
a long-term trend in Hα along with a periodic signal. We note that we have
fitted and removed a linear slope from the IHα series prior to creating the
phase plot shown in Figure 4.4(d). Once removing the trend, the periodogram
on the residual IHα values (Figure 4.3(d)) shows significant power at 296 days,
although we note that the peak appears regardless of whether the trend has
been removed. In 104 bootstrap resamplings of the residual IHα values for GJ
708, we observed 282 false alarms, for a FAP of 0.03 on the 296-day period.
It is also important to point out that, while the period observed for GJ 708
is close to the 1 year alias, neither the periodogram of our time sampling (the
window function) nor the Ca I periodogram showed periodicity near 296 days,
eliminating the possibility that the observed signal is caused by our sampling.
The 296 day period of GJ 708’s activity cycle is too long to be the
rotation period of a typical old dwarf star (normally weeks or months), but is
also somewhat short to be reminiscent of a long, solar-type cycle. On the other
hand, it is quite similar to the ∼ 442 day period observed for the M dwarf
Proxima Centauri [40]. It is possible, then, that these two stars represent the
first examples of a new class of intermediate-duration activity cycle that occurs
in low-mass stars. Alternatively, it may be the case that the linear trend we
observe is the star’s true “activity cycle,” and that the 296-day signal is an
intermediate-period cycle that exists alongside the longer signal. Such sub-
cycles have been observed for the Sun (e.g. [212]), suggesting similar physics
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may be at work here.
4.3.1.4 GJ 730
The periodogram for the time series IHα of GJ 730 (Figure 4.3(e)) shows
interesting peaks at 3.06 days and 993 days. While the longer periods of the
other IHα signals in this study make the longer period peak seem intuitively
more likely to be the true signal, the 3-day signal continues to increase in
power as we acquire additional data, while the 993-day peak remains constant.
While many of our stars exhibit short-term variability, only GJ 730 displays
a coherent signal of such statistical significance; our bootstrap FAP estimate
gives an upper limit of 10−4 for the 3-day peak, making it much more significant
than the long-period peak. We note that the 993-day peak is no longer present
in the residuals around the 3-day fit, and also that the 3-day peak disappears
from the residuals to a 993-day fit, giving further evidence to the two signals
being aliases. Because it is possible for an alias to display stronger periodogram
power than a true signal, and because the longer period is much more typical
of stellar activity cycles, we will not make a definitive argument as to which is
the true period. We include fits to both periods in Table 4.1, and show phase
plots of both signals in Figure 4.4(e).
If the true period for GJ 730 is 3 days, it is by far the shortest periodicity
presented herein. While 3 days could concievably be a rotation period for a
very young, active star, it is almost certainly too short for a main-sequence
M star, although we are unaware of any v sin i measurements which might
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confirm or reject the rotation hypothesis. Hipparcos photometry [74] is not
sampled densely enough to be sensitive to a 3-day period. At spectral type
M2, with a mass of 0.62M⊙ and [M/H] = 0.014, GJ 730 appears more or less
typical of our sample, leaving no indication as to why such an unusually short
periodicity should be present. Its average IHα value of 0.064 is also close to
the overall average for our targets, so the star is not especially active.
We note that 3 days is common for the periods of hot Jupiter planets.
Previous results [177, 203] have shown evidence that hot Jupiters may induce
star-planet interaction (SPI), with measurable periodicity in stellar activity
tracers matching the period of the planet’s orbit. Our RVs do not currently
show evidence for planetary companions to GJ 730, and the RMS scatter of
7.4 m/s shows definitively that any hot Jupiter planet would need to be in an
orbit which is highly inclined relative to the line of sight. While the inclination
requirement in combination with the inherent paucity of hot Jupiters around
M stars [73, 118] makes SPI an unlikely explanation for the 3-day activity
signal observed for GJ 730, we present it as an interesting possibility.
On the other hand, if the ∼ 1000 day signal is the true period, GJ 730
fits nicely with GJ 270, GJ 476, and GJ 581 as a star displaying solar-type
activity cycles. Further study will be required to determine the nature of this
star’s periodic activity.
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4.3.1.5 GJ 552
GJ 552 is an extreme example of non-sinusoidal behavior in Hα activity
cycles, as evidenced by the sharp upturn in IHα observed between July 2006
and April 2008. As mentioned previously, while we recognize the inadequacy
of a sine wave fit, we do not have a sufficient number of observations to fit a
long Fourier series. Furthermore, we see in Figure 4.5(b) that our different fits
offer quite dissimilar estimates for the period of the cycle. While it is possible
we have recorded close to a full period, some models result in a period far
exceeding our observational time baseline. For this reason, while we believe
the behavior seen in our Hα index is likely periodic, we do not claim a specific
period, and do not include a model fit in Figure 4.4(f).
4.3.2 Long-Term Activity Trends
For a second subset of our target stars, we see long-term slopes or
curvature in IHα, but are unable to confirm any periodicity for these objects
because our observational time baseline is shorter than the duration of any
periodic signals. We show the time-series IHα data for these stars–GJ 16, GJ
521, GJ 96, GJ 3023, GJ 3801, GJ 611.3, and GJ 630–in Figure 4.6, along
with the corresponding Ca I index. The details and statistics of our fitting
are included in Table 4.1 as well. We separate the stars in Figure 4.6 into
two groups: stars showing monotonic slopes, and objects for which we observe
some curvature or turnaround.
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(a) (b) (c)
(d) (e) (f)
(g)
Figure 4.6: Stars with long-term linear trends or curvature in IHα with our best fits (red).
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4.3.2.1 GJ 16, GJ 521, GJ 96, and GJ 3023
GJ 16, GJ 521, GJ 96, and GJ 3023 all display a linear trend in IHα over
our entire observational time baseline. To ensure the statistical significance
of these slopes, we perform a linear least-squares fit to each time series, and
calculate the Pearson correlation coefficient. We include these fits in Figures
4.6(a)-4.6(d). In all four cases, the correlation coefficient indicates the relations
are highly significant (with the probability of a null result p << 0.01).
4.3.2.2 GJ 3801, GJ 611.3, and GJ 630
GJ 3801, GJ 611.3, and GJ 630 all show significant variability, but are
poorly fit by linear regression. For GJ 3801 and GJ 611.3, we have compared
the quality of linear and quadratic fits with an F-test using
Fpoly = (N − 3)(χ2slope − χ2poly)/χ2poly
as described in [86]. Here, χ2slope is the chi-squared value of a straight-line fit,
while χ2poly is the chi-squared of a quadratic fit. We find P (Fpoly) = 0.04 for
GJ 3801 and P (Fpoly) = 0.01 for GJ 611.3, indicating the quadratic fits are
a statistically significant improvement over straight-line models. Our fits are
included in Figures 4.6(e)-4.6(f). In GJ 630, the recent dramatic upturn in
IHα looks very similar to that of GJ 552. If the Hα activity seen for GJ 630
does prove to be another highly non-sinusoidal periodic signal, its period will
easily exceed 10 years, making it a direct analog to the 11-year solar cycle.
Since the behavior of IHα is approximately linear prior to this rapid upturn,
we have not included a fit for GJ 630, pending future observations to more
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accurately characterize the shape of the curve.
4.3.3 RV correlation
Among our motivations for examining the stellar activity of our targets
was to evaluate to what level, if any, chromospheric variability influenced our
RV measurements. To this end, we have searched for correlations between RV
and IHα for our entire sample. In cases where we see evidence for substellar
companions (planets or brown dwarfs) in the RVs, we have subtracted those
signals and examined the residual velocities.
Overall, we see little correlation between IHα and RV. We find this
result unsurprising for our data; [87] report correlations between stellar activity
indicators and RV typically occur at or below the 5 m/s level. Such an effect
will doubtless be significant for our sample following the HET/HRS upgrade,
which will yield a throughput gain of approximately 2 magnitudes at our R
= 60,000 setting, dramatically improving the RV precision for our faint M
dwarf targets. However, with our current RV precision limited to ∼ 6 m/s
for the majority of our sample, it is understandable that we see relatively few
correlations between IHα and RV. Furthermore, [144] observe a decrease in
correlation between RV and R′HK with decreasing Teff , so it is likely we will
see relatively fewer M stars with RV-Hα correlation regardless of precision.
On the other hand, we do see two examples–GJ 1170 and GJ 3801–
for which RV is anticorrelated with IHα at a level higher than 5 m/s. We
show our measured RVs and the corresponding Hα indices for these stars in
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Periodic Signals
Star Period (days) Amplitude (IHα) FAP
GJ 270 2687± 16 0.00158± 0.0003 < 10−4
GJ 476 1066± 200 0.00193± 0.0005 < 10−4
GJ 581 1633± 93 0.00172± 0.0003 0.12
GJ 708 296± 1 0.00127± 0.0002 0.03
GJ 730 (3-day fit) 3.06± 0.01 0.00128± 0.0002 < 10−4
GJ 730 (994-day fit) 994± 40 0.00134± 0.0002 0.10
GJ 552 > 2000 · · · < 10−4
Linear Trends
IHα(t) r P (r)
GJ 16 5.7±1 − 2.3±0.5 × 10−6t −0.868 0.0012
GJ 521 5.4±1 − 2.2±0.4 × 10−6t −0.783 6.1× 10−5
GJ 96 2.6±0.5 − 1.0±0.2 × 10−6t −0.720 5.3× 10−6
GJ 3023 −8.9±2 − 3.6±0.7 × 10−6t +0.877 4.3× 10−4
Quadratic Trends
IHα(t) Fpoly P (Fpoly)
GJ 3801 50000±16000 − 0.04±0.01t+ 8±3 × 10−9t2 9.31 0.04
GJ 611.3 9000±2000 − 0.007±0.002t+ 1.5±0.4 × 10−9t2 12.4 0.01
GJ 630 Not Fit
Table 4.1: Parameters of our fits to the IHα time series discussed in Section 3. For the periodic fits, the
FAP listed is taken from the results of our bootstrap resampling analyses. With the linear fits, we include
the Pearson correlation coefficient r and the resulting probability of no correlation P (r). Similarly, the
quadratic trends include the results of our F-test, as detailed in Section 3.2.2. Our fits to IHα(t) are given
as a function of barycentric Julian date.
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Figure 4.7. For GJ 1170, we derive a Pearson correlation coefficient of -0.48
for the relation between RV and IHα, yielding a probability p = 0.005 of no
correlation. Similarly, for GJ 3801 the Pearson correlation coefficient is -0.51,
indicating the probability of no correlation is just 0.03.
GJ 1170 is a particularly interesting case, as the Hα emission is reflected
in the RVs, resulting in a signal which initially appeared to be a Keplerian
planet orbit with RV amplitude K ∼ 20 m/s. Assuming a stellar mass of
M∗ = 0.52M⊙, this signal corresponds to a planetary minimum mass of ap-
proximately 0.9 Jupiter masses. We therefore conclude that, while IHα does
not frequently correlate with RV for M dwarfs at a precision level higher than
5 m/s, there does exist a small subset of stars where Hα activity corresponds
to large RV shifts. With such a small number of objects, though, we must
concede the possibility that these stars actually have giant planets causing the
observed RVs, and coincidentally exhibit activity cycles with periods similar
to those of the planets (as with Jupiter and the solar cycle).
4.3.4 Stellar Activity Levels
In addition to examining time-series activity of individual stars, we
have also considered the mean activity levels of our targets relative to the
overall sample. To do so, we average our Hα index over all observations of a
star.
Based on their observed positive correlation between time-averaged
Hα index and V − I color, [86] report that mean activity is a function of
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(a)
(b)
Figure 4.7: Radial velocity measurements (Top) and their corresponding
Hα indices (Bottom) for GJ 1170 (a) and GJ 3801 (b). The red curve over the
GJ 1170 RVs shows a Keplerian fit to the data. The RV variations appear to
be caused by stellar activity, as seen by the anticorrelation between RV and
IHα.
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temperature. We attempted to confirm this correlation with our sample, but
find considerably larger scatter than previously observed, as shown in Figure
4.8. While the relation holds relatively well within the 1.6 ≤ V −I ≤ 2.8 color
range covered by the [86] sample, it is much less suitable outside that regime.
While we looked at mean IHα as a function of several color indices, we found
that no color was a satisfactory tracer of Hα.
We considered the possibility that stellar mass might be a better pre-
dictor of mean Hα activity than temperature or color. In Figure 4.9(a), we
show our time-averaged Hα index as a function of stellar mass. The resulting
anticorrelation is obvious, and the scatter is greatly reduced from that of the
color relations. It is apparent that Hα emission is much more tightly connected
to mass than temperature. Performing a linear least squares fit to the data,
we find the relation
〈IHα〉 = 0.094− 0.050M∗
M⊙
(4.3)
Our fit gives 1σ uncertainties of 0.003 on the slope and 0.001 on the intercept.
We explored the residuals to the fit above to determine whether ad-
ditional dependencies exist. As before, we see no convincing correlation to
any color index. On the other hand, stellar metallicity does appear to play a
role. Figure 4.9(b) shows the residual Hα index after subtracting the Hα -M∗
relation. The resulting correlation is a clear indicator that stellar [M/H] is
the primary contributor to the scatter around the mass-activity fit. Again
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(a)
(b)
Figure 4.8: If stellar activity varies as a function of Teff , the average Hα index
should correlate with V − I color. In a, we show our time-averaged IHα as a
function of V − I for our entire sample. b shows the same data, but restricted
to the same range in V − I as covered by the [86] sample.
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(a)
(b)
Figure 4.9: a. Time-averaged Hα index as a function of stellar mass for our
sample. The red line shows our linear least squares fit to the data. In b, we give
the residuals to the fit shown in a, plotted as a function of stellar metallicity.
The red line shows our linear least-squares fit to the data.
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performing a linear least-squares fit to our data, we find
〈IHα〉res = 7.6× 10−4 + 9.7× 10−3[M/H] (4.4)
with 1σ uncertainties of 10−3 on the slope and 3× 10−4 on the intercept.
Before drawing conclusions as to the physical interpretation behind
Figure 4.9, it is important to understand how the stellar continuum changes
as a function of mass and metallicity. Since IHα is normalized by the contin-
uum adjacent to the Hα line, it is possible that the observed trends are due
to changes in continuum flux rather than Hα emission. We considered this
possibility by converting our Hα index to an equivalent width (EW) using a
transformation basically identical to the one outlined in Appendix A of [241],
then to the quantity [LHα/Lbol], the logarithm of the luminosity in Hα, nor-
malized by the star’s bolometric luminosity. For this transformation, we used
the method of [226], which calibrates the ratio of the continuum near Hα to
the bolometric luminosity as a function of color for M dwarf stars. Briefly, we
use the transformations
EWHα = ∆λHα(1− 2∆λC
λHα
IHα) (4.5)
[LHα/Lbol] = χEWHα (4.6)
Where λC = 8.75 A˚ is the width of each reference band used to compute IHα,
λHα = 6562.808 A˚, ∆λHα = 1.6 A˚ is the width of the spectral window in
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(a)
(b)
Figure 4.10: Because our Hα index is normalized to the nearby stellar con-
tinuum, variability in continuum flux as a function of stellar mass or Teff
may affect the interpretation of Figure 4.9. Here, we transform our IHα values
to [LHα/Lbol] to remove the influence of the continuum. a. shows the time-
averaged [LHα/Lbol] as a function of stellar mass for our sample. b. again gives
the residuals to the fit shown in a, plotted as a function of stellar metallicity.
The red lines show our linear least-squares fits to the data.
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which we sum the Hα flux, and χ is the luminosity scaling factor, calculated
according to [226]. In Figure 4.10, we again show Hα emission as a function of
stellar mass and metallicity, but measure Hα emission with [LHα/Lbol] instead
of IHα.
Perhaps surprisingly, both of the trends seen in Figure 4.9 are reversed
in Figure 4.10. Our fit to [LHα/Lbol] as a function of stellar mass gives
〈[LHα/Lbol]〉 = −4.17 + 0.87M∗
M⊙
(4.7)
with residuals anticorrelated with stellar metallicity. A linear least
squares fit to Figure 4.10(b) yields
〈[LHα/Lbol]〉res = −0.019− 0.27[M/H]. (4.8)
Our 1σ uncertainties on the slopes and intercepts, respectively, are 0.08 and
0.04 for Equation 4.7, and 0.01 and 0.04 for Equation 4.8.
At first, the results of Equations 4.3-4.4 and 4.7-4.8 appear to present
conflicting information regarding the dependence of stellar activity on mass
and metallicity. However, we suggest a conceptually simple hypothesis con-
sistent with all four relations. It has been firmly established that the stellar
continuum near Hα varies along with bolometric luminosity [41, 93, 226]. Ac-
cording to the [41] Fλ6605 versus B − V relation, we expect the continuum
around Hα to differ by up to a factor of 5 across the range of B − V typical
of our sample. Thus, since [LHα/Lbol] spans a factor of ∼ 4 over our sampled
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range of stellar mass, we would expect a ∼ 80 percent decrease in IHα over the
same range (assuming ∆IHα ∼ ∆LHα∆Fλ6605 ). The observed IHα decrease of ∼ 60
percent is fully consistent with this expectation, considering the significant
uncertainty in the Cincunegui relation at high B − V . We therefore conclude
that chromospheric Hα emission is increasing with stellar mass, but the effect
does not appear in our original Hα index because of the increasing continuum
flux.
Understanding the metallicity dependence for Hα emission requires a
similar deconstruction of stellar luminosity/continuum effects. When we sub-
tract a linear fit to the IHα - M∗ relation, the effects of the varying stellar contin-
uum should be removed, suggesting higher-metallicity stars are more active.
However, verifying this demands explaining the decrease in [LHα/Lbol] with
[M/H]. Previous observations of M dwarf activity have shown that more ac-
tive stars are more luminous, possibly due to an increase in stellar radius [14].
Furthermore, stars with high [M/H] will be more luminous at a given B − V
or V −K color than metal-poor stars due to line blanketing of blue light in the
more metal-rich objects. Figures 4.9(b) and 4.10(b) are therefore consistent
with the argument that metal-rich M dwarfs display higher Hα emission, but
their increased activity and opacity in the blue cause Lbol to increase faster
than LHα, causing the negative slope seen in Figure 4.10(b).
Earlier studies of M dwarf activity (e.g. [30, 228]) emphasize the im-
portance of considering the various subtypes of M stars, particularly around
M4, where stars typically become fully convective. Figure 4.11 shows the time-
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Figure 4.11: Activity levels of M stars has previously been shown to vary
with spectral subtype. In this Figure, we have grouped our time-averaged
[LHα/Lbol] values as a function of spectral subtype for our sample. The error
bars indicate the RMS scatter in each bin, and the numbers above each point
give the number of stars in the bin.
averaged [LHα/Lbol] values for objects of known subtype in our sample. In the
Figure, the error bars represent the RMS scatter within a given bin, rather
than measurement error. The decrease in [LHα/Lbol] towards later types es-
sentially reflects the observed mass dependence. However, we see more clearly
in Figure 4.11 the tendency for more active bins to have more scatter as well.
4.4 Discussion
4.4.1 Stellar Cycles
Our observed stellar activity cycles indicate that even for an old, quiet
stellar population, magnetic activity may appear at essentially any period. The
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long-period subset of stars shown in Figure 4.4, particularly GJ 270 (P ∼ 7.5
years), demonstrate stellar periodicity on the order of the 11-year solar cycle
is far from unique; stars with cyclic activity of period > 1 year appear in at
least 5% of our sample. In future work we will include additional tracers (e.g.
the Na I D feature, see [60]), both to increase sensitivity to additional activity
cycles, and to fully evaluate the impact of stellar variability on our RV survey.
The addition of other tracer indices will almost surely increase the number of
candidate signals among our targets.
While the periods of the stellar cycles observed in Figure 4.4 fall to-
wards the low end of the period distribution found by [6] for solar-type stars,
our results are entirely consistent with the Mount Wilson survey. While the
Baliunas distribution peaks between ∼ 5 − 12 years, there are a significant
number of detections between 1 and 5 years. Furthermore, our observational
time baseline, while extensive, is still too short to properly characterize stellar
cycles with P ≥ 10 years. It is quite likely that the six stars shown in Figure
4.6 are examples of partial detections of such periods. Clearly, it is essen-
tial that both the durations and number of targets be increased for M dwarf
activity surveys for a proper comparison to FGK stars.
[144] find activity cycles with amplitude 0.04 or higher in R′HK for 61±
8% of quiet FGK stars. At present, the percentage of M dwarfs with observed
magnetic cycles is significantly lower. Using the Na I D feature, [87] find
periodic signals for 5 of 27 M stars surveyed, for a rate of 19%. With 6 periodic
signals found in 93 stars, our resulting “cyclic fraction” is even lower, at 6.5%.
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If we assume the 7 stars for which we observe long-term trends are exhibiting
activity cycles, our rate increases to 14%, which is more in agreement with
the [87] value. It is possible that the difference in the periodic fractions is due
to the relative sensitivites of the activity indices. Because the sodium feature
is emitted deeper in the chromosphere than Hα, where the local density is
higher, a change in the magnetic field should produce relatively more emission
in sodium than hydrogen, making the amplitude of a given stellar cycle higher
in the Na I index than in IHα. Our overall sample size, and the number of
observed stellar cycles and trends in Hα will allow us to make a thorough
comparison between the two indices in future work, as we will have a robust
set of comparison cases to establish whether the Na I D feature is simply more
sensitive to weaker signals, or in fact probes different stellar physics.
In any case, current data suggests M dwarfs are less likely to display
measurable magnetic periodicity than earlier spectral types. A possible expla-
nation for the discrepancy lies in the lack of a tachocline for many M stars.
At a spectral subtype of M4 and below, stars become fully convective [38]
and therefore do not possess a solar-type dynamo, which is driven by differ-
ential rotation between the radiative and convective layers. If the solar cycle
and its analogs are driven by this dynamo, then we should expect to see only
low-amplitude cycles or quasi-periodic oscillations for fully convective stars.
Indeed, of the stars we identify as having cycles or trends, only GJ 476 and
GJ 581 have spectral subtypes later than M3 according to [13]. Of those two,
GJ 476 has an estimated mass of 0.47M⊙, which is massive enough to have
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a tachocline despite its listed type of M4, and the activity cycle of GJ 581
may be connected to its planetary system (see below). Furthermore, Figure
4.11 shows a distinct dropoff in [LHα/Lbol] around spectral subtype M3-M4,
suggesting the fully convective stars in our sample are characteristically less
active. If continued study shows stellar activity cycles in M stars to be con-
fined mainly to subtypes M0-M3, it will be an intriguing piece of evidence in
favor of the tachocline dynamo as the origin of stellar magnetic cycles.
The period of the IHα cycle seen for GJ 270 is nearly equal to that of GJ
752 A [32], making it one of the two longest M dwarf activity cycles observed
to date. It is worth noting that both of these stars are members of binary
systems [32, 73]. Among the stars in Figures 4.4 and 4.6, we see evidence in
our RVs for a brown-dwarf binary companion to GJ 708, and GJ 581 hosts
a known multi-planet system. [163] have shown that M dwarfs with close
binary companions display increased magnetic activity, and the SB2 GJ 375
has been shown to exhibit a long-period activity cycle in the Ca K index [61].
Likewise, [129] see tentative evidence of increasing Ca II emission for stars in
known exoplanet systems. Interestingly, of the binary/planetary systems for
which stellar cycles have been observed, none of the stellar activity periods
match the companion orbital periods or their harmonics. Further study will
be required to definitively establish or reject a physical connection between
more distant/less massive substellar companions and stellar activity cycles,
but it is worth noting that a number of our candidates exhibit both, as do
those of previous studies.
119
4.4.2 Magnetic Activity and RV Planet Surveys
Aside from the obvious value to the study of low-mass stellar physics,
the understanding of M dwarf activity cycles has important implications for
RV planet surveys. It has been well established that periodic RV signals can
be caused by stellar chromospheric variability, as traced by photometry or
activity indicators such as Ca H and K [78, 183, 189]. While activity-induced
RV signals are typically expected to have amplitudes of just a few m/s, Figure
4.7 shows that exceptionally large-amplitude effects will occasionally appear.
In general, though, these results will be increasingly important as M dwarf RV
surveys approach precisions of 1 m/s or less. GJ 581 stands as an excellent
example. We notice a striking similarity between our periodogram of the GJ
581 Hα index (Figure 4.3(c)) and the periodogram of the residual RVs to a
4-planet fit shown in [224] (Figure 3, panel 5), particularly at the ∼ 450- and
∼ 1600-day peaks. The 433-day period of the unconfirmed planet f is very close
to our observed alias at 448 days, as is the candidate 400-day planet identified
in [91]. While fitting a Keplerian orbit to an activity-induced RV signal would
essentially serve to correct the RVs for stellar activity, if the true period of
GJ 581’s IHα cycle is 1300-1600 days, then removing a 433-day orbit would
lead to incorrect residuals, complicating the analysis of any additional planets.
Clearly, any RV detection of low-mass planets around M dwarf stars should be
accompanied by a careful analysis of the corresponding stellar activity indices.
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4.4.3 Mean Activity Levels
Our results for the comparative activity levels between the stars in our
sample are interesting in the context of previous surveys of more active M
stars. Figure 4.11 shows essentially identical behavior to the findings of [227]
(Figure 5) and [130] (Figure 7). We note a slight discrepancy from [163] (Fig-
ure 12), though, who do not see a decrease in [LHα/Lbol] until spectral type M4.
Whether this behavior extends to solar-type stars is somewhat unclear based
on current results. [144] report that most G stars have logR′HK around −5,
while stars of K type cluster around logR′HK ∼ −4.7, suggesting an inversion of
the relation observed for M stars. These results could still be reconciled, since
stellar bolometric luminosity increases at earlier spectral types, so some nor-
malization may be required to properly understand how mean activity levels
vary across the entire main sequence. Of course, it is known that Hα behaves
differently from Ca H and K, especially for cool dwarfs such as those in our
sample (e.g. [41]). A more harmonious result can be seen in [6], who plot
mean log SHK against (B−V ) color for FGK stars, finding an increasing trend
(and scatter) similar to Figure 4.8.
The data presented here are perhaps more compelling when shown as
a function of stellar mass, though. Because our targets are pre-selected to
be “quiet,” and do not show Hα in emission, they should all be older than
their “activity lifetime” [228]. Figure 4.10(a) seems to suggest that for these
quiet stars, the dynamo responsible for driving the residual magnetic actvity
following the spin-down phase is more effective in more massive stars, which
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presumably are not fully convective. Again, it is possible that the presence
of a more significant radiative zone in the interiors of the more massive stars
leads to the generation of a solar-type magnetic dynamo at the interface of the
convective and radiative layers, rather than the rotation-dominated magnetic
activity of younger, highly active M dwarfs.
As explained above, our data indicate that metal-rich stars tend to be
more active than average at a given stellar mass. One possible cause for this
relation is that our measured [M/H] is–in a statistical sense–a tracer of age, and
we are simply observing the previously-confirmed connection between stellar
age and chromospheric variability (e.g. [14, 228]). To test this hypothesis,
we have obtained space velocities for our sample from [13]. In Figure 4.12,
we plot the mean galactic velocity dispersions of various metallicity bins in
the UVW coordinates, excluding very high and low metallicities due to small
numbers of stars. In general, we see that low-metallicity stars have higher
velocity dispersions in all three coordinates, lending support to the proposal
that the metal-rich stars in our sample are younger. Further evidence of the
age-metallicity relationship is discussed in [228]. The fact that we see higher
average IHα values towards increasing [M/H] is therefore likely a reflection
of the younger members of our sample being more active. Again, all of the
stars discussed herein are old, and should have evolved past their early active
stages. It is remarkable, then, that the effects of stellar age are still visible in
the activity levels of these objects. It is worth pointing out that, while the
UVW velocities suggest a spread in age among our objects, the probability
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distributions of [186] indicate all of our targets are members of the Galactic
thin disk with ≥ 99% probability, so our observed mass and metallicity/age
dependencies may or may not apply as cleanly to stars in the thick disk or
halo.
The implications of this study are potentially encouraging for the prospects
of current and future near-infrared (NIR) RV surveys for planets around late
M stars. The old, low-mass stars which will make up the majority of the
targets should have relatively low chromospheric activity levels, and will be
less likely to exhibit activity cycles. Furthermore, we have shown that the
stellar cycles which may be confused with planetary signals appear in Hα,
which is much more likely to be accessible to a NIR spectrograph than Ca
H and K. The CARMENES spectrograph [184], in particular, will be able
to acquire Hα. Therefore, problematic signals may be properly identified and
corrected. While the Habitable Zone Planet Finder on HET [148] will not have
wavelength coverage at Hα, our results illustrate the necessity of identifying a
suitable activity tracer in the NIR for RV surveys.
4.5 Conclusion
We have measured and analyzed time-series Hα emission for ∼ 11 years
of spectra for 93 low-mass stars. Our primary results may be summarized as
follows:
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(a) (b)
(c)
Figure 4.12: We investigate whether there is any indication that the more
metal-poor stars in our sample are older than the metal-rich stars. Here, we
plot galactocentric velocity dispersion in UVW coordinates as a function of
stellar metallicity. Metal-poor stars tend to have higher velocity dispersions
in all three coordinates, suggesting they are older, potentially explaining why
our metal-poor targets exhibit lower mean IHα values.
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1. We find strong periodic Hα variability for 6 stars in our sample,
and long-term trends or curvature for 7 others. Among these, we confirm the
discovery of the activity cycle for GJ 581 found by [87]. Our observed stellar
cycles are analogous to those previously observed for FGK stars.
2. While activity-induced RV signals are relatively rare in our sample
at its current precision level, we identify two stars–GJ 1170 and GJ 3801–
for which our Hα index is anticorrelated with RV, indicating activity cycles
causing RV variations of nearly 20 m/s. Additionally, we see evidence that the
signal of the purported planet f in the GJ 581 system may in fact be caused
by an alias of the ∼ 1600-day stellar activity cycle, further emphasizing the
need to consider stellar RV modulation at the ≤ 3 m/s level of precision.
3. The mean Hα activity levels of our targets correlate with stellar
mass. This result is qualitatively consistent with previous observations of
both solar-type and low-mass stars, although the correlation has more often
been expressed in terms of stellar temperature or color, rather than mass. We
confirm that [LHα/Lbol] decreases towards later stellar subtypes, a phenomenon
that appears to hold true for M stars regardless of whether or not they are in
the “active” phase. Lower [LHα/Lbol] values and an apparent lack of observable
stellar cycles for fully convective stars may be related to the absence of a
tachocline for those stars.
4. In addition to the mass-activity relation, we see a metallicity de-
pendence on average Hα emission. Lower average galacitc velocity dispersions
indicate the more metal-rich stars in our survey are in fact younger. Even
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though all the stars in our sample have aged beyond their “active” phase, it
appears some residual age effect still contributes to their mean activity levels,
and that the younger of our targets are still more active at a given stellar mass.
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Chapter 5
Planet and Activity Signals in GJ 328
5.1 Background
The discovery of planets around nearby stars has become essentially
routine, and exoplanets are now understood to be common around nearly
every kind of star. Low-mass planets, in particular, appear to be virtually
ubiquitous even for low-mass [108] and low-metallicity [33] stars, as shown in
recent Kepler results. However, the one population of planets which remains
sparse despite the recent explosion of exoplanet discoveries is gas giant planets
in long-period orbits around low-mass stars.
The under-abundance of giant planets around low-mass stars is un-
derstood within the core accretion model as the result of less massive proto-
planetary disks and longer dynamical timescales for such stars. As a result,
protoplanetary cores fail to acquire enough material to undergo runaway ac-
cretion within the disk lifetime (e.g. [1, 137]). Giant planets do exist in both
close (e.g. GJ 876b,c [56, 152, 153]) and distant (GJ 676Ab [79], GJ 832b [5])
orbits around M stars. Generally, though, gas giants (M sin i > 0.3MJ) are
increasingly rare around lower-mass stars, particularly below M∗ = 0.85M⊙
[115, 238]. In particular, close-in gas giants are exceedingly rare around M
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stars [73, 167, 211], in agreement with the predictions of core accretion simu-
lations. It is important to note, though, that to date there is not yet sufficient
observational data to confirm predictions that low-mass stars are deficient in
giant planets at all orbital radii. Since it is conceivable that planet formation
through gravitational instability may contribute to the long-period Jovian pop-
ulation for M stars [23, 25, 26], it is essential to probe the space beyond ∼ 1
AU around M dwarfs for exoplanets.
The early indications are that the early M dwarfs have detectable gas gi-
ant planets (M sin i greater than 0.8 Jupiter masses) on relatively short period
orbits (semi-major axes less than 2.5 AU) with a frequency of about 5% [115].
However, gravitational microlensing searches have uncovered giant planets or-
biting at greater distances at a rate consistent with a much higher frequency
of giant planet companions to early M dwarfs, about 35% [89]. Microlensing
has also detected a huge population of Jupiter-mass planets (about two per
main sequence star) that are either unbound, or at distances of 10 AU or more
from their host stars [210]. [182] showed that given the weak limits imposed
by direct imaging surveys, most of these objects are likely to be bound to a
star rather than to be free-floating. They suggest that Jupiter-mass planets
are likely to be found in increasing numbers out to about 30 AU around M
dwarfs. Evidently there is much remaining to be learned about the census of
extrasolar giant planets.
The McDonald Observatory M dwarf exoplanet survey (see [72] for
details, including selection criteria) is a long-term radial velocity (RV) sur-
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vey of 100 M stars using the Hobby-Eberly Telescope. The survey has just
finished its 12th year of operation, and has amassed approximately 3,000 high-
precision RV measurements over that interval. We have previously established
the paucity of hot Jupiters around M dwarfs [73], and now use the survey
primarily to discover low-mass planets and long-period gas giants. Addition-
ally, we are in the process of analyzing the long-term magnetic activity of our
stellar targets [191].
In this chapter, we announce GJ 328b, a Jovian planet around a K/M
dwarf at a ∼ 4.5 AU. Although the star exhibits a solar-type activity cycle that
shifts our measured RVs, we show that the signal of planet b is not caused
by this behavior. Instead, when correcting for stellar activity, we see that
the planet follows a more eccentric orbit than indicated by our model to the
uncorrected velocities.
5.2 Stellar Properties of GJ 328
In Table 5.1, we list measured and derived stellar parameters for GJ
328. Because the absence of an optical continuum makes estimating these
properties for low-mass stars difficult with spectral synthesis, we instead rely
on photometric calibrations for several items in the table. We derive a mass
of M∗ = 0.69 ± 0.01M⊙ using the [57] K-band mass-luminosity curve, and a
metallicity [M/H] = 0.00± 0.15 from the [197] color-magnitude relation.
With a mass of 0.69 solar masses and Teff = 3900± 100 K, GJ 328 lies
at the boundary between spectral types K and M. Various catalogs classify
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Parameter Value Reference
Spectral Type M1 d [126]
V 9.98± 0.04 [99]
B − V 1.32± 0.1 [99]
K 6.352± 0.026 [49]
MV 8.50± 0.13 This Work
MK 4.87± 0.06 This Work
Parallax 50.52± 1.90 mas [221]
Distance 19.8± 0.8 pc This Work
Teff 3900± 100 K [161]
[M/H] 0.00± 0.15 [197]
Mass 0.69± 0.05M⊙ [57]
[LHα/Lbol] −3.53± 0.01 [226]
R′D −4.91± 0.05 [61]
Table 5.1: Stellar Properties for GJ 328
the star between K7 [2] and M1 [126]. For our purposes, it suffices to say that
GJ 328 is a “cool dwarf.” We note that, using the Galactic UV W velocities of
[13], the probability distributions of [186] indicate GJ 328 is a thin-disk star
with greater than 99 percent confidence.
5.3 Data
Our primary data consist of 58 high-resolution spectra of GJ 328 taken
with the High Resolution Spectrograph (HRS; [218]) on the 9.2m Hobby-
Eberly Telescope (HET; [185]) at McDonald Observatory. The observations
span the period between January 2003 and April 2013, for a total observational
time baseline of 10 years. Our observations were taken using a 2.0 arcsecond
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fiber imaged through a 0.5 arcsecond slit, for a resolving power R = 60, 000.
The queue-schedule system of HET (see [43] for details of our HET strategy)
allows us to observe GJ 328 several times per season, resulting in quasi-unifom
phase coverage for long-period planets. We perform routine wavelength cali-
bration, bias subtraction, flat-fielding, and cosmic ray removal using standard
IRAFa scripts.
In order to obtain high-precision velocities from our spectra, we place
an absorption cell filled with molecular iodine (I2) vapor in front of the slit.
The cell is kept at constant temperature and pressure, which results in the
superposition of thousands of stable absorption lines over our spectra from
5000-6400 A˚. We have a high-S/N spectrum taken without the I2 cell, which
we deconvolve from the instrumental profile (IP) using the Maximum Entropy
Method. This “template” spectrum serves as a baseline against which we
model the time-variant IP and RV for each star + I2 template. The decon-
volution and modeling for our spectra are handled by our RV extraction code
AUSTRAL, the details of which are described in [71].
Our HET/HRS spectra are supplemented with 14 spectra from the
Robert J. Tull Coude´ spectrograph [217] on McDonald’s 2.7m Harlan J. Smith
Telescope (HJST). We have also acquired 4 spectra using the HIRES [223]
spectrograph on the 10m Keck I telescope at Mauna Kea. These spectra
aIRAF is distributed by the National Optical Astronomy Observatories, which are oper-
ated by the Association of Universities for Research in Astronomy, Inc., under cooperative
agreement with the National Science Foundation.
131
were taken during our Keck CoRoT RV follow-up observations [195] when
the CoRoT field was unobservable. The HJST and Keck observations were
also taken through I2 absorption cells, at resolving powers 60,000 and 50,000,
respectively. Again, RV extractions are performed with AUSTRAL.
We present all of our RV data in Table 5.3, and present them as a
time series in Figure 5.1. The velocities have been corrected to remove the
velocity of the observatory around the solar system barycenter at the time of
observation.
5.4 RV Analysis
As seen in Figure 5.1, our velocities for GJ 328 show large deviations of
an apparently periodic nature. The combined data set display an RMS scatter
of 26.7 m/s with an average error of 6 m/s.
We began our analysis by computing the fully generalized Lomb-Scargle
periodogram [240] for our data. The resulting power spectrum, shown in
Figure 5.2, displays a broad, highly significant peak centered at P = 3700
days. We have also computed the window function, the periodogram of our
time sampling. We note that our time sampling is not dense enough to avoid
aliasing at very short (P ∼ 1 day) periods, so our periodograms should be
used with caution in the high-frequency regime.
In order to establish the reliability of our periodogram analysis, we com-
pute a false alarm probability (FAP) using three different methods. The first
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Figure 5.1: We present 10 years of radial velocity data for GJ 328. The RVs
show a clear periodic signal, which we associate with a giant planet. Our
Keplerian model to the data is shown as a dashed blue line.
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Figure 5.2: Fully generalized Lomb-Scargle periodograms for our RV data. The
top panel shows the power spectrum for our combined RV data set with the
strongest peak at P ≃ 3500d, while the middle panel gives the periodogram
of the residuals to a one-planet fit, and the bottom shows the periodogram
of our sampling pattern (the window function). The dashed horizontal lines
represent the power level corresponding to a false alarm probability (FAP) of
0.01, as calculated from Equation 24 of [240]. We note that these FAP levels
represent a preliminary estimate, and our formal FAP values are obtained
through a bootstrap analysis, which we describe in Section 5.4.
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method assumes the noise distribution in the data is Gaussian, and estimates
the probability that a peak of power Pω would arise at random from a sample
of N points. The formula for this FAP is given in Equation 24 of [240], and
we estimate M , the number of significant frequencies sampled as ∆f
∂f
, where
∆f is the range of frequencies in the periodogram and ∂f is the resolution of
our computation. A second estimate, from [209], derives the FAP from the
excess of power above an expected distribution of power values from Bayesian
statistics. We consider both of these calculations to be preliminary estimates,
and note that they agree with each other in all cases discussed herein. For
the 3700-day peak in the RV power spectrum, we compute a preliminary FAP
lower than our computational precision, approximately 1.0× 10−14.
To assign a formal FAP to the signal in Figure 5.2, we conducted a
Monte Carlo bootstrap calculation as described in [131]. We retained the time
stamps of the original data set, and assigned at random (with replacement) an
RV value from the set to each time. We computed the periodogram of 10,000
such “fake” data sets, and took the FAP to be the percentage of those peri-
odograms with a peak having greater power than the original power spectrum
at any period. For the 3700-day signal, our bootstrap calculation produced no
false positives in 10,000 trials, giving an upper limit to the FAP of 10−4.
We begin with the assumption that the variability in the RVs is caused
by a planetary companion. We model the orbit of the planet using both the
GaussFit [113] and SYSTEMIC [160] software suites. The observed velocities
are fit nicely with the Keplerian orbit of a giant planet. Our best-fit solution,
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the parameters of which we list in Table 5.2, has a period P = 4100 days,
which corresponds well with the peak in our periodogram when considering the
breadth of the peak and the fact that our solution has a significant eccentricity
e = 0.29± 0.04. The signal, with an RV amplitude of 42 m/s, corresponds to
a planet of minimum mass M sin i = 2.5MJ at a = 4.43 AU. The planet, GJ
328b, is therefore a “cold Jupiter,” a gas giant planet which remained at large
orbital separation rather than migrating inward. We show our fit to the data
in Figure 5.1, as well as the residual RVs after subtracting the model. Our
model results in a reduced χ2 of 1.12, with a residual RMS scatter of 6.0 m/s.
We note that we see no additional signals in the periodogram of the residual
RVs (middle panel, Figure 5.2).
5.5 Stellar Magnetic Activity
We are currently performing an in-depth analysis of stellar magnetic
activity in the stars from our M dwarf RV survey (see [191] for full details).
Because stellar activity can cause apparent RV shifts which may obscure [66]
or imitate [183] a Keplerian planet signal, it is essential to consider activity
indicators when analyzing RV data. Although it is not typical for the stellar
magnetic behavior of old, quiet stars to create RV signals with magnitudes as
large as seen for GJ 328, we have shown in the case of GJ 1170 that stellar
activity can occasionally mimic the velocity signatures of giant planets [191].
We have therefore examined two spectroscopic tracers of stellar activity for
GJ 328, and corrected the RV curve for its periodic stellar component.
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Orbital Parameter Value Value
(Uncorrected for Stellar Activity) (Corrected for Stellar Activity)
Period P (days) 4100± 170 4100± 300
Periastron Passage T0 4600± 70 4500± 100
(BJD - 2 450 000)
RV Amplitude K (m/s) 42± 1.7 40± 2.0
Mean Anomaly M0 190
◦ ± 9◦.0 200◦ ± 9◦.0
Eccentricity e 0.29± 0.04 0.37± 0.05
Longitude of Periastron ω 290◦ ± 8◦.0 290◦ ± 3◦.0
Semimajor Axis a (AU) 4.4± 0.30 4.5± 0.20
Minimum Mass M sin i (MJ) 2.5± 0.10 2.3± 0.13
HET/HRS RV offset (m/s) −18.0 −17.0
HJST/Tull RV offset (m/s) −18.0 N/A
Keck/HIRES RV offset (m/s) −7.2 N/A
RMS (m/s) 6.0 6.0
Table 5.2: Orbital solutions for GJ 328b, with and without corrections for stellar activity.
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5.5.1 Stellar Activity Analysis
Because HRS does not acquire the Ca II H & K lines, we have examined
the magnetic activity of GJ 328 using the Hα and Na I D (λD1 = 5895.92 A˚,
λD2 = 5889.95 A˚) absorption lines from each RV spectrum. Briefly, as stellar
activity creates magnetic hot spots in the chromosphere, emission of Hα and
Na I photons is stimulated, filling in the observed absorption lines (see [191],
Figure 2). As a control test, we have also analyzed the Ca I (λ = 6572.795 A˚)
line, which does not respond to stellar activity, and should therefore remain
relatively constant.
We define IHα, our Hα index, according to [191], using a method anal-
ogous to the calculation of [132]. The index is simply a ratio of the flux in
the 1.6 A˚ window centered on the Hα line relative to the nearby pseudocon-
tinuum. The index can easily be transformed into an equivalent width, and to
[LHα/Lbol], the ratio of the Hα luminosity to the stellar bolometric luminosity
(via [226]).
[86] suggest that the Na I D resonance lines may be a particularly
sensitive indicator of magnetic activity in cool stars, particularly when the Ca
II H&K lines are unavailable or lacking adequate flux. Here, we investigate
the Na lines in our spectra. In Figure 5.3, we show the Na lines for the M
dwarf GJ 213 in states of high and low emission.
We define an index ID for the measured flux in the Na I D lines following
the definition of [60]:
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Figure 5.3: We trace the magnetic activity of old M stars through the vari-
able “filling in” of the Na I D absorption doublet with photons emitted from
magnetically active regions of the chromosphere. Here, we show the Na I D
resonance lines for GJ 213, in states of high (red) and low (blue) chromo-
spheric emission. The dashed and dotted vertical lines indicate the 0.5 A˚ and
1.0 A˚ windows, respectively, for which we calculate the ID index.
ID =
FD1+D2
Fc
(5.1)
In our formulation, FD1+D2 is the average combined flux contained in
the 1 A˚ windows surrounding each line center.
As for our Hα index, the ID index is normalized to the local pseudocon-
tinuum Fc. However, because the Na lines sit within a large molecular band
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in M stars, the spectral windows containing pseudocontinuum are much more
separated from the line cores than they are for the Hα line. [60] choose a 10-
A˚ window centered at λ = 5805 A˚ and a 20-A˚ window centered on λ = 6090
A˚. For our HRS configuration, the redder of these windows falls on a separate
CCD chip from the Na lines and the blue pseudocontinuum region. Because
this red CCD was replaced in 2006, we chose not to introduce potential sys-
tematic errors in our time series analysis by including the red window in our
computation of Fc. Instead, we define Fc as the average flux of the 10 highest
points in the window centered at 5805 A˚. We have verified that for data using
the same red CCD, the resulting ID values are identical except for a constant
offset.
We note that although [86] report stronger correlation between their Na
I D and Ca H & K indices when using 0.5 A˚ windows for ID, we have retained
the 1 A˚ windows in order to compute R′D, the temperature-independent ratio
of Na I D luminosity to bolometric luminosity [60]. Figure 5.3 shows each
of the two windows superimposed over the sodium lines. We note that when
using the 0.5 A˚ windows we see essentially identical stellar magnetic behavior
for GJ 328, but at lower signal-to-noise.
GJ 328 has a mean [LHα/Lbol] of -3.53, which is typical for a quiet star
of comparable mass [191]. We show our time series IHα data in the top panel of
Figure 5.4. To evaluate any periodic activity, we have computed a generalized
Lomb-Scargle periodogram for IHα (Figure 5.5, top). We see no evidence in
Hα for periodic behavior that might appear as a Keplerian signal in our RV
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data. Furthermore, Figure 5.6 shows our measured RVs as a function of IHα.
We find no correlation between the values, and therefore conclude there is no
evidence in the Hα activity of GJ 328 that the observed planetary signal is
caused by stellar activity.
Our analysis of the sodium D features requires more careful scrutiny
in the context of interpreting the RV measurements. We present our Na I D
measurements in the middle panel of Figure 5.4. The periodogram (middle
panel, Figure 5.5) shows a strong peak at 2006 days with a preliminary FAP
of 0.006. Our bootstrap false alarm routine produced no false alarms in 104
trials, yielding an upper-limit final FAP of 10−4. We consider this a highly
significant detection for a stellar cycle, which may not be strictly periodic, and
which may also be subject to stochastic activity in addition to cyclic behavior.
We fit a sinusoid of the form ID(t) = a0 + a1 sin(ωt + φ) to the data, where
ω = 2pi
P
, P is the period of the cycle, and a0, a1, and φ are free parameters
to set the ID zero point, amplitude, and phase, respectively. Our final fitted
period is 2013 days, in good agreement with the periodogram peak, and has
an amplitude of 0.0104 (7.2%) in ID. The fit to the curve is shown in Figure
5.4.
Given the presence of a stellar activity cycle for GJ 328, it is especially
important to verify the observed exoplanet signature is not produced by this
stellar magnetic behavior. The right panel of Figure 5.6 shows our RVs as a
function of ID. A Pearson correlation test yields a correlation coefficient of 0.41
which, for a sample size of 58 data points, indicates a probability p = 0.0007 of
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Figure 5.4: We monitor the stellar magnetic activity of GJ 328 through the
variable depths of activity-sensitive absorption lines. Here, we show our
Hα (top) and Na I D (middle) indices at the time of each RV observation.
For the sodium index, we detect a periodic activity cycle with a period of 2000
days, shown in red. The Ca I index (bottom) is insensitive to stellar activity,
and serves as a control measurement.
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Figure 5.5: Fully generalized Lomb-Scargle periodograms for the stellar ac-
tivity indices shown in Figure 5.4. The dashed horizontal lines represent the
power level corresponding to a false alarm probability (FAP) of 0.01, as cal-
culated from Equation 24 of [240]. We note that these FAP levels represent
a preliminary estimate, and our formal FAP values are obtained through a
bootstrap analysis, which we describe in Section 5.4.
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Figure 5.6: To evaluate the influence of stellar activity on our RV measure-
ments, we plot our HET/HRS RV measurements as a function of IHα (left)
and ID (right). We find that our RVs are correlated with ID at a statistically
significant level. Our best linear least-squares fit to the relation is shown as
a solid red line. The dashed curves indicate our 1σ (red) and 3σ (blue) error
bounds on the fit. Note that the planetary signal has not been removed from
these data.
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no correlation. Evidently, then, our measured velocities include a component
from the star itself. Performing a standard linear least squares fit to the data,
we find a relation
RV(m/s) = −133 + 9.15× (ID/0.01) (5.2)
with 1σ errors of 40 m/s on the intercept and 2.7 m/s
ID/0.01
on the slope.
While we wish to verify the observed exoplanet signal is not caused by
stellar activity, it is equally important to confirm that the ID-RV correlation is
not in fact created by the planet signal. Since the periods of the planet and the
cycle are near the 2:1 ratio, it could be the case we are simply seeing the first
harmonic of the planet’s period. However, if the observed correlation were
simply due to the high/low extremes of the exoplanet signal coincidentally
occurring during periods of high/low stellar activity, we should expect to see
a similar effect in Hα. Since we do not, we conclude the correlation seen in
Figure 5.6 is truly due to stellar activity shifting the stellar absorption lines.
5.5.2 Stellar Activity Correction
To investigate the effect of stellar activity on our velocity measure-
ments, and its possible consequences for the existence of the planet, we sub-
tracted the fit shown in Equation 5.2 from our HRS RVs. We adopt a linear
model because it fits within the physical interpretation that the RV-activity
dependence is the result of convective redshift. The process is described fully
in [132], who observe a similar dependence for Barnard’s star (= GJ 699) on
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the Hα line. Briefly, the outward convective motion of gas at the stellar pho-
tosphere typically produces a net blueshift of the measured absorption lines.
During periods of high stellar activity (increasing chromospheric emission and
yielding higher ID values), regions of magnetic plage will suppress the local
convection, resulting in a perceived redshift (i.e. a positive RV, hence the
positive slope in Figure 5.6). We therefore expect the convective redshift to
increase roughly linearly as the stellar magnetic activity increases.
Figure 5.7: RV as a function of ID for GJ 184, another M0 star in our M dwarf
survey. As for GJ 328 and GJ 699, RV increases at higher stellar activity.
We interpret this phenomenon as resulting from magnetic plage suppressing
local photospheric convection during periods of higher activity. Our best linear
least-squares fit to the data is shown as a red line.
To illustrate the effect of convective redshift in a simpler case, we show
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in Figure 5.7 our measured RVs for GJ 184 versus ID. GJ 184, another M0
dwarf in our survey, has no known exoplanets, thereby eliminating the large
scatter created by the presence of a giant planet in the velocity data. We see
again that RV increases as a function of sodium emission, and the relation
is nicely approximated as linear. In the case of GJ 184, we find a linear
dependence of RV(m/s) = −77 + 5.20× (ID/0.01), the slope of similar order
to that found for GJ 328.
The “corrected” RVs for GJ 328 are shown in Figure 5.8; from inspec-
tion, it is clear that a large signal is still present after removing the activity
correlation. A periodogram of the de-trended data again shows a strong peak
at 3500 days, with a bootstrap FAP less than 10−4. Performing a Keplerian
fit to the corrected velocities yields orbital parameters largely consistent with
those of our original fit, although the eccentricity increases from its original
value of 0.29 to 0.44.
We wish to verify that the observed correlation between RV and ID is
a result of the stellar activity cycle identified herein. To do so, we subtracted
our orbital fit to the activity-corrected RVs from the uncorrected velocities
(Figure 5.8, middle panel). A periodogram of the residuals reveals another
strong peak at 1830 days, with a bootstrap FAP again falling below 10−4.
Fitting a circular orbit to the residuals (so as to preserve the assumption of a
sinusoidal fit to the activity cycle), we find a period of 1870 days with mean
anomaly M0 = 163
◦. The fit has an RV amplitude of 8.7 m/s. We show the
residual velocities and the associated fit in the bottom panel of Figure 5.8. Re-
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Figure 5.8: Upon subtracting the relation in Equation 5.2 from our HET/HRS
RVs, we obtain the corrected velocities shown in the top panel. We perform a
Keplerian fit to these RVs, shown in red. When subtracting this fit from the
uncorrected RVs (middle panel), we recover an 1865-day signal in the residual
velocities (bottom). The period and phase of this signal (fit shown in blue)
are consistent with the activity cycle observed for the Na I D features.
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turning to our time-series ID data, we performed a second sinusiodal fit, with
the period and phase fixed to match the residual RV signal. This fit yields
an RMS scatter of 0.00822 in ID , compared to 0.00796 for the 2013-day fit.
Performing an F-test to compare the fits, we find a probability P = 0.79 that
the fits are equally valid. Therefore, our observed 1870-day RV signal is sta-
tistically consistent with the activity cycle present in the sodium D features.
Furthermore, upon applying the planetary fit obtained from the “corrected”
velocities (shown in Figure 5.8) to the uncorrected RVs, the Pearson correla-
tion coefficient between the resulting residual RVs and ID increases to 0.66,
corresponding to a probability p < 10−8 of no correlation. Based on these
tests, we conclude that the correlation between RV and ID is the result of
apparent stellar velocity shifts caused by the periodic activity cycle of GJ 328.
Properly correcting for the influence of stellar activity on our RVs is
problematic. Due to the presence of planet b’s signal, there is a high amount
of scatter in the RV-versus-ID relation, which leads to large uncertainties in
Equation 5.2. It is therefore not wise to assume that the “corrected” velocities
shown in Figure 5.8 are properly adjusted. It is also not possible to perform a
two-signal fit with the period and phase of the activity cycle fixed. Given our
current data set, the eccentric signal of planet b and the sinusoidal activity
cycle can be easily modeled as a single, mildly eccentric Keplerian. Therefore,
any two-signal fit where the amplitude of the activity cycle is allowed to vary
will result in an amplitude of zero for the cycle. While such a model is prefer-
able statistically, it does not account for the additional information contained
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in the ID data.
Because of the difficulties listed above, we have elected to take a con-
servative approach in modeling the system based on our current data. From
the slope of Equation 5.2 and the amplitude of the ID cycle, we expect the RV
amplitude of the stellar cycle to be between 6.7 and 11.9 m/s. We have there-
fore fixed the RV amplitude for the stellar cycle to 6.7 m/s, which we consider
the minimum possible given our analysis. Also, rather than retain the 1870-
day period for the cycle, we have fixed its period and phase to the 2013-day
solution found for the ID data, since we expect that data to be free of any
influence from planet b’s signal. Using these assumptions for the stellar cycle,
we subtracted the stellar activity signal from our HRS RVs and re-modeled
the orbit of planet b. Our final “corrected” model is given alongside the un-
corrected model in Table 5.2, and we show the model, decomposed into the
stellar and planetary components, in Figure 5.9.
We note that for this conservative treatment of the stellar activity, the
orbital parameters typically only differ by approximately 1σ. It is perhaps
more interesting to examine how the orbit of planet b changes as the activ-
ity cycle’s RV amplitude increases, rather than to what magnitude. Most
notably, the planet’s eccentricity continues to increase as we assign higher am-
plitudes to the stellar RV contribution. In general, we can say confidently
that because of the activity-induced component to our measured RVs, planet
b is more eccentric–and consequently less massive–than implied by a simple
single-Keplerian fit to the uncorrected velocities.
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Figure 5.9: HET/HRS RVs for GJ 328, showing our two-signal model derived
from the RV and ID data. The solid orange curve indicates the model to the
data, while the dashed red and dotted blue curves show the individual RV
contributions from the stellar magnetic cycle and planet b, respectively.
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5.6 Discussion
GJ 328b joins the rapidly growing list of long-period giant planets
emerging as the McDonald Observatory exoplanet survey approaches a decade
of semi-constant monitoring on many of its targets [189, 190]. Such discoveries
illustrate the importance of the long-term RV surveys in obtaining a complete
census of the Galactic planet population. Transit surveys such as Kepler [18]
will not operate long enough to find planets in Jupiter-like orbits, and imaging
programs are currently unable to observe planets at a < 10 AU. While mi-
crolensing (e.g. [89]) is sensitive to Jupiter analogs, the possibility of detailed
characterization for both the star and planet are extremely limited.
The large mass and orbital separation of GJ 328b offer the potential
of further study via astrometry or imaging. Adopting our activity-corrected
orbital fit, we calculate an amplitude α sin i = 0.70 mas for the astrometric
motion of GJ 328. Such motion is well within the detection limits of the Fine
Guidance Sensor on HST [168]. However, the long orbital period likely makes
an astrometric campaign prohibitively expensive. Similarly, the sky-projected
separation of the planet is approximately 220 mas, slightly more than half the
368-mas separation of HR 8799e [154], which might be resolvable for an M
star. Unlike HR 8799, though, the lack of X-ray emission [110] or rotational
line broadening indicates GJ 328 is an old star, and the planet will therefore
be cold. The resulting lack of thermal emission from the planet should render
direct imaging impossible for current instruments.
On the other hand, whereas all of our previously published long-period
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giant planets have been found around solar-type stars, GJ 328b is unique in
that it orbits a red dwarf star. It is currently the most massive and most
distant planet found to orbit a low-mass starb. Along with GJ 832b [5], it is
one of only two M dwarf planets with P > 10 years. While theoretical analy-
ses predicting a deficit of giant planets at small orbital radii around M stars
have been thoroughly confirmed by observation [73], further study is required
to determine whether GJ 832 and GJ 328 are anomalies, or whether the Jo-
vian population of low-mass stars is more similar to their FGK counterparts
at larger separation. Interestingly, both stars fail to show super-Solar metal
content; using the [197] calibration, GJ 832 has [M/H] = -0.24, while GJ 328
is roughly solar at [M/H] = 0.00. These metallicities may be considered low
in light of the well-established metallicity-frequency relation for giant plan-
ets [76], which is generally seen as strong evidence of planet formation via
core accretion. Considering both planets fall within the range of semi-major
axes where [25] shows gas giants can quickly form via gravitational instabil-
ity around M dwarfs, the lack of metal excess could be seen as evidence that
these planets formed via direct gravitational collapse. Such a claim would be
strengthened with the discovery of additional Jupiter analogs around “metal-
poor” M dwarfs.
Regardless of the formation mechanism, it appears that low-mass stars
can form giant planets even without a highly abundant supply of heavy ele-
bExcluding planets found via gravitational microlensing, due to the large uncertainties
in stellar and orbital parameters.
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ments. This seems to rule out the possibility that our survey found no close-in
gas giants around M dwarfs because our targets are biased towards metal-poor
stars [73]. The relatively low frequency of Jovian planets inside 1 AU around
low-mass stars must therefore either reflect an overall underabundance of large
planets relative to FGK stars, or point towards a mechanism preventing inward
planetary migration for cool stars.
The presence of a long-period (P ∼ 5 years) solar-type cycle in GJ
328 adds further evidence that activity cycles are commonplace amongst red
dwarf stars (e.g. [32, 87, 191]). GJ 328’s relatively high mass for an M star
is consistent with the current understanding that stars massive enough to
maintain a radiative inner envelope–and thus a tachocline–are likely to exhibit
activity cycles, while fully convective stars will not (see [191] and references
therein). This trend seems to point to the ubiquity of the tachocline-driven
magnetic dynamo for maintaining solar-like magnetic activity in old main-
sequence stars. As the period of the activity cycle is too long to be the result
of spot modulation via stellar rotation, we conclude we are observing cycles
in the mean granulation pattern on the stellar surface. The resulting effect on
RV must therefore be due to variations in the percentage of the chromosphere
covered by cells of hot gas, convecting upward and creating a net blueshift.
The appearance of GJ 328’s activity cycle in the Na I D resonance lines
and not in Hα reaffirms the conclusions of [60] and [86] that ID is the most
sensitive tracer of stellar activity in low-mass stars for spectrographs which do
not acquire Ca II H&K. We are in the process of investigating ID variability for
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our entire M dwarf data set, and will soon have a more quantitative comparison
between the ID and IHα tracers.
While it is not common for stellar magnetic activity to create an RV
signal with K > 8 m/s, we have previously identified two such stars within
our M dwarf sample [191], suggesting such behavior is not highly unusual.
Unfortunately, our time sampling for GJ 328 prevents us from obtaining a
fully quantitative two-signal model for our RVs. However, our current data
set still provides some insight as to what effect stellar activity has on our
derived properties for planet b. The positive correlation between RV and
ID (Figure 5.6) ensures that RV should change in phase with ID, rather than
the two quantities being a half cycle out of phase. As a result, the “true” orbit
of planet b will always be more eccentric than implied by a single-Keplerian
fit to our data for any amplitude of the activity cycle. Because more eccentric
orbits have higher RV amplitudes at fixed a, the planet must also be less
massive than found in our uncorrected fit. Still, the difficulty inherent in
separating stellar and planetary RV signals even for a planet with K > 40
m/s illustrates the need to exercise a great deal of caution when considering
planets with RV amplitudes comparable to (or smaller than) signals caused by
stellar activity (e.g. [66]). We see also that period commensurability between
stellar and planetary signals need not automatically disqualify an RV signal
as an exoplanet, as the periods of the planet and cycle for GJ 328 are near
2:1. In the case of the Sun (activity cycle period ≃ 11 years) and Jupiter
(P = 12 years), the periods of planets and activity cycles may be very close to
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1:1 commensurability. A planetary signal need not be disregarded because RV
measurements correlate with activity indices, or because the stellar activity
displays periodic behavior. In such cases, though, it is doubly important to
include a thorough analysis of stellar magnetic behavior before accepting any
planetary solution.
5.7 Conclusions
We have discovered a “cold Jupiter” planet orbiting approximately 4
AU from the late K/early M star GJ 328. Like many old dwarfs, GJ 328
exhibits a long-period magnetic cycle, which we see in the variability of the
Na I D lines. We have shown that this activity cycle influences our measured
RVs. Although we are unable to make a statistically robust two-signal model
that accounts for both the stellar and planetary velocity contributions, we
show that the fit to planet b must become more eccentric as the RV amplitude
of the stellar cycle increases.
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Table 5.3: Radial Velocities and Stellar Activity Indices for GJ 328
BJD - 2450000 Radial Velocity Uncertainty IHα ID
(m/s) (m/s)
HET/HRS Velocities
2645.81037607 -30.31 7.97 0.05748± 0.00042 0.12353± 0.00600
2649.79770587 -40.13 8.90 0.05762± 0.00051 0.12707± 0.00601
2653.79836840 -30.72 8.45 0.05644± 0.00050 0.13929± 0.00625
2674.73658463 -34.43 8.18 0.05735± 0.00048 0.14276± 0.00615
2989.98128744 -43.80 7.74 0.05799± 0.00042 0.14182± 0.00617
2999.96108900 -39.20 7.16 0.05910± 0.00049 0.13889± 0.00596
3063.78296966 -33.56 9.92 0.05774± 0.00107 0.14387± 0.00596
3074.76013011 -50.58 6.33 0.05950± 0.00067 0.14430± 0.00599
4053.95303460 -45.76 7.09 0.05868± 0.00068 0.14373± 0.00630
4079.87702463 -43.20 6.14 0.05652± 0.00040 0.13614± 0.00577
4128.87683185 -47.78 6.53 0.05572± 0.00044 0.14335± 0.00618
4164.77031060 -42.98 6.22 0.05608± 0.00047 0.14608± 0.00583
4442.99734598 -14.89 6.14 0.05647± 0.00038 0.12354± 0.00560
4485.88562946 -13.02 6.83 0.05619± 0.00047 0.14448± 0.00585
4518.68369633 -4.95 6.46 0.05737± 0.00055 0.14374± 0.00578
4562.66614754 2.93 5.65 0.05780± 0.00048 0.13629± 0.00601
4565.65834052 0.42 5.99 0.05670± 0.00060 0.13629± 0.00585
4568.66504682 12.04 5.49 0.05877± 0.00046 0.14089± 0.00584
4767.99308233 16.13 6.81 0.05726± 0.00047 0.12542± 0.00598
4782.95101189 17.62 6.89 0.05665± 0.00046 0.12294± 0.00554
4808.89548004 20.75 6.38 0.05729± 0.00035 0.13380± 0.00606
4827.84051511 16.28 6.68 0.05677± 0.00040 0.13551± 0.00598
4835.92477666 21.97 5.87 0.05643± 0.00041 0.13408± 0.00600
5134.99081805 22.18 5.87 0.05704± 0.00045 0.15294± 0.00686
5140.96822648 20.50 5.84 0.05706± 0.00043 0.13491± 0.00613
5192.95380323 23.35 5.23 0.05763± 0.00040 0.13891± 0.00644
5221.76209389 31.03 6.22 0.05849± 0.00045 0.16147± 0.00700
5267.63490551 24.43 5.79 0.05686± 0.00056 0.16392± 0.00679
5268.75910493 25.86 5.95 0.05720± 0.00049 0.16248± 0.00684
5268.76694488 17.38 5.64 0.05689± 0.00050 0.16233± 0.00692
5268.77478240 25.70 6.60 0.05699± 0.00049 0.16592± 0.00688
5280.70816761 41.51 5.55 0.05676± 0.00050 0.15245± 0.00640
5280.71600501 32.03 5.52 0.05654± 0.00047 0.15022± 0.00667
5280.72383987 26.83 5.99 0.05667± 0.00045 0.15997± 0.00693
5308.63116619 34.12 6.07 0.05676± 0.00068 0.15884± 0.00681
5308.63906025 27.76 6.18 0.05680± 0.00069 0.15177± 0.00639
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Table 5.3 cont’d.
BJD - 2450000 Radial Velocity Uncertainty IHα ID
(m/s) (m/s)
5496.00271940 17.37 6.11 0.05745± 0.00044 0.15471± 0.00649
5526.92170976 10.15 6.22 0.05691± 0.00043 0.14472± 0.00631
5548.87054184 11.07 6.34 0.05972± 0.00046 0.15378± 0.00630
5578.88402982 17.12 5.66 0.05809± 0.00050 0.14539± 0.00642
5580.88847924 5.64 5.78 0.05806± 0.00048 0.14409± 0.00622
5582.89142512 11.65 6.04 0.05815± 0.00046 0.14904± 0.00629
5587.75750742 5.68 6.05 0.05891± 0.00044 0.15094± 0.00627
5604.70581615 13.46 5.30 0.05830± 0.00048 0.15823± 0.00652
5631.63868921 6.93 5.72 0.06037± 0.00053 0.15983± 0.00628
5632.74633132 9.23 5.85 0.05827± 0.00059 0.15626± 0.00651
5682.61355140 9.62 5.26 0.05591± 0.00048 0.14780± 0.00651
5864.00738743 -4.39 6.15 0.05728± 0.00044 0.15504± 0.00661
5928.82773310 -1.16 5.88 0.05692± 0.00043 0.14377± 0.00656
5930.81296731 2.06 6.33 0.05694± 0.00044 0.14780± 0.00677
5949.88927832 -11.71 6.43 0.05854± 0.00050 0.13206± 0.00596
5951.75489283 0.22 7.36 0.05903± 0.00047 0.15357± 0.00697
5951.87637749 -15.26 6.23 0.05874± 0.00047 0.14093± 0.00615
6003.73677125 9.48 6.54 0.05645± 0.00088 0.14262± 0.00627
6047.61554908 -1.67 7.23 0.05552± 0.00051 0.16113± 0.00623
6047.62618002 -9.63 6.04 0.05706± 0.00059 0.14712± 0.00625
6228.99908594 -15.48 5.74 0.05871± 0.00044 0.14981± 0.00641
6398.63806982 -15.83 6.14 0.05794± 0.00049 0.14085± 0.00583
Keck/HIRES Velocities
5222.10054500 21.80 3.31 · · · · · ·
5609.85679500 2.59 3.66 · · · · · ·
5611.02903000 0.19 4.69 · · · · · ·
6315.04761800 -24.58 2.94 · · · · · ·
HJST/Tull Velocities
5286.67118600 6.90 5.03 · · · · · ·
5290.69557300 9.18 7.41 · · · · · ·
5291.68657100 -2.69 4.89 · · · · · ·
5341.63611800 6.55 4.67 · · · · · ·
5347.63440000 12.63 6.12 · · · · · ·
5469.98876500 0.72 6.12 · · · · · ·
5493.97635400 15.75 5.18 · · · · · ·
5496.98315600 -10.00 5.38 · · · · · ·
5523.96230100 -4.21 5.47 · · · · · ·
5528.96290100 4.57 7.77 · · · · · ·
5529.94187300 -8.76 5.89 · · · · · ·
5548.90295700 -5.46 3.61 · · · · · ·
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Table 5.3 cont’d.
BJD - 2450000 Radial Velocity Uncertainty IHα ID
(m/s) (m/s)
5615.71883100 -6.75 5.02 · · · · · ·
5632.69279200 -18.46 5.95 · · · · · ·
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Chapter 6
Conclusion
As exoplanet surveys have matured–both in time and technology–the
planetary systems discovered have begun to more closely resemble our own
solar system. While other projects, particularly the Kepler mission, have
revealed that low-mass planets such as exist in the inner solar system are
extremely common, the work presented herein further completes the concept
of the exoplanet system by providing examples of comparisons to the gas giants
in the outer solar system. As the time baseline for the McDonald RV survey
is extended, it is likely these planets will represent the “tip of the iceberg,”
being just the first examples of a large population of gaseous planets on wide
orbits.
As with the compact systems of low-mass planets identified by Kepler,
my work reveals multiple instances of stars hosting multiple planets. In both
cases, the planets follow orbits packed closely enough to result in gravita-
tional interactions between the planets. The dynamical analyses presented in
Chapters 2 and 3 reveal the value and importance of verifying the stability of
proposed exoplanet discoveries. In a practical sense, stability integrations can
help confirm the planetary nature of RV signals, and may even improve the
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determination of orbital parameters (as seen for HD 204313). Scientifically,
understanding the dynamics of multi-planet systems can offer insight into the
general processes of planetary formation and migration, and offer clues as to
how individual systems have evolved.
Looking forward, the newfound knowledge that low-mass planets–including
those in the habitable zones of their host stars–are extremely common presents
the imperative to locate these “Earthlike” planets around nearby stars so as
to facilitate detailed follow-up observations. A significant obstacle to doing
so with RV is characterizing and correcting RV signals produced by stellar
magnetic activity. My analysis of Hα activity for our M dwarf survey repre-
sents the largest study to date of the magnetic behavior of old, low-mass stars.
While the Hα line appears to be of limited use for correcting stellar activity
above the 5 m/s precision level, the characterization of M dwarf activity seen
in Hα will doubtless be extremely valuable for predicting and identifying the
occurrence of stellar activity in future RV surveys.
While my investigation of the Na I lines is still ongoing, the example
of GJ 328 is encouraging for the prospect of using the lines to correct stellar
activity. Of course, it is also a reminder of the importance of such analysis.
With an activity cycle of RV amplitude 6 m/s or more, identifying Earth-
mass planets with RV amplitudes at or below 1 m/s is impossible without
proper activity corrections. GJ 328 therefore represents an important first
case–a relatively simple scenario in which the planetary RV signal is much
larger than that of the magnetic activity, thereby eliminating any ambiguity
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caused by planet and activity signals of comparable magnitudes. The work
presented here should therefore motivate further study, particularly refining
the technique for simultaneously modeling activity and planetary RV signals.
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Appendix A
Introduction: Chemical Evolution in Spiral
Galaxies
The macroscopic properties of galaxies result from a complex assort-
ment of physical processes taking place over virtually the entire history of the
universe. In order to isolate and understand the impact of one of these pro-
cesses, it is often necessary to assemble large data sets using a large number of
galaxies in order to confidently detect subtle effects underneath large scatter.
In most cases, a galaxy’s evolution is driven both by internal processes
and environmental influences. For galaxies in clusters, though, the local envi-
ronment becomes an increasingly dominant factor in shaping their morpholo-
gies, chemical contents, star formation rates, and sizes. The denser environ-
ment leads to an increase in galaxy-galaxy encounters (both direct mergers
and tidal interactions), as well as interaction between a galaxy’s interstellar
gas (interstellar medium, or ISM) and the hot, sparse gas belonging to the
cluster itself (intercluster medium, or ICM). As the closest large cluster of
galaxies, the Virgo cluster serves as an important laboratory for understand-
ing how the cluster environment shapes its member galaxies. However, as
Virgo is among the most massive of the nearby clusters, it is important to in-
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vestigate to what extent smaller clusters drive similar evolution, and to verify
the observed results do not also occur for field galaxies. A relevant example
is the Pegasus I cluster, which is both less massive than Virgo ([188] and ref-
erences therein) and most likely younger, with most of its members just now
falling into the cluster’s gravitational potential [222]. [139] found that, as in
Virgo, spiral galaxies in Pegasus were deficient in interstellar H I gas, probably
due to tidal interactions between galaxies, ram pressure from the ICM on the
ISM, and a lack of infall from pure-H I clouds. Later, [194] confirmed Pegasus
spirals exhibiting H I deficiency also experienced suppressed star formation.
An under-abundance of pure hydrogen gas can have an effect on the
average heavy-element content in the ISM of a spiral galaxy. As H I content
decreases, the heavy-element yield of massive stars represents a proportionally
larger amount of the total gas content of the galaxy. [204] confirmed this
is the case for hydrogen-deficient spirals in Virgo, finding that a subset of
central, highly-depleted galaxies display systematically higher metal content
(as measured by the ratio of oxygen to hydrogen, log(O/H)) than H I-normal
galaxies at the outskirts of the cluster. As part of my dissertation work, I
leveraged the excellent H I data of [139]’s Pegasus analysis and the integral-
field capabilities of the George Mitchell Spectrograph (previously VIRUS-P,
[97]) to test whether a similar abundance offset exists for Pegasus. As shown in
Appendix B, a marginally significant offset does exist between the hydrogen-
deficient and non-deficient control spirals, but when considering the combined
Virgo-Pegasus data set, it becomes apparent that the relationship between H I
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content and nebular metallicity is actually a continuous trend rather than a
discrete separation.
With the understanding that H I abundance and gas-phase metallicity
is a gradual progression from H I rich/metal poor to H I deficient/metal rich,
it is interesting to reconsider whether the phenomenon is strictly a cluster
effect, or if it extends to spirals in the field as well. While a dense cluster
environment certainly contributes to creating highly H I-poor spirals, mod-
est deficiencies are observed in the field as well. Rather than mount an
observationally-expensive campaign to survey hundreds of galaxies with the
Mitchell Spectrograph, though, I found a suitably large catalog of galaxy spec-
tra in [165], containing dozens of cluster and field spirals for which 21cm H I
data was also available in the literature [59]. The results of this experiment
are detailed in Appendix C. When considering the larger sample of galax-
ies, the observed trend between H I deficiency (DEF) and log(O/H) from the
Virgo/Pegasus galaxies is confirmed for the entire set of cluster spirals. More
surprisingly, the field galaxies obey a similar relation. This result was pre-
dicted by the cosmological hydrodynamical simulations of [52], and can be
interpreted as the result of a galaxy’s natural pattern for growth and star for-
mation. As a spiral galaxy acquires mass through mergers with gas-rich, metal
poor dwarf galaxies or clouds and subsequently forms stars which return heavy
elements to the ISM, it moves sporadically between the high-DEF/high-metal,
low-DEF/low-metal stages. Although cluster environments may force galaxies
away from equilibrium towards a permanent H I-poor, metal-rich state, cluster
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membership does not appear to be a prerequisite for a galaxy following the
DEF-log(O/H) correlation.
167
Appendix B
Chemical Abundances in Spiral Galaxies of
the Pegasus I Cluster
B.1 Background
The effect of environment on galaxy evolution has long been a subject of
intense research and debate (see review articles by [22, 95] for a comprehensive
discussion). Known environmental effects include tidal encounters and merg-
ers, altered morphologies, and stripping of gas from disks. A natural question
is whether the cluster environment has significant effects of the chemical evo-
lution of galaxies. This topic has received increasing attention in the last few
years. [204] explore the effect of environment on chemical evolution for spirals
in the Virgo cluster. Examining H II region spectra from 9 Virgo spirals, they
find the three most H I deficient objects to have O/H abundances 0.3-0.5 dex
higher than their gas-normal counterparts. They suggest that the abundance
differential results in part from a lack of infall of metal-poor gas into the spi-
rals in the cluster core. [64] fit photoionization models to the Virgo data,
confirming the abundance excess for O/H and N/O. Other studies, involv-
ing large-scale spectroscopic surveys [46, 70, 242], see a qualitatively similar
galactic metallicity dependence on local galaxy density or gas fraction. [242]
analyze a sample of 800 galaxies in the HyperLeda catalog, concluding gas-
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poor galaxies display higher heavy-element content for a given stellar mass.
[175] examine abundances of dwarf and spiral galaxies in the Hercules clus-
ter, finding higher abundances in dwarf galaxies located in relatively dense
environments.
While these results suggest a significant impact of cluster environment
on chemical evolution, the number of detailed studies for individual clusters is
small. This chapter presents, for the Pegasus I cluster, a study analogous to the
[204] analysis of the Virgo cluster. Pegasus I (hereafter referred to as Pegasus)
is a low-density, low velocity dispersion cluster of redshift ∼ 3900 km/s in the
foreground of the Pisces-Perseus supercluster. It displays weak X-ray emission,
primarily concentrated around the two central ellipticals, without additional
substructure ([36], Figure 1) Full details of the cluster’s location and member
galaxies can be found in [139], including a comparison to Virgo in their Table
4. A comprehensive comparison of the properties of the Pegasus galaxies to
other nearby clusters is presented in [207].
Because the density of Pegasus is so low, the classical ram pressure
stripping effect should not cause significant gas loss in the disks of member
spirals. Furthermore, [222] conclude that the cluster is in the early stages of
gravitational collapse, which suggests that any environment-driven evolution
should be in an early phase as well. Nevertheless, [139] demonstrate that the
Pegasus spirals are in fact experiencing H I loss as they fall into the cluster,
suggesting mechanisms other than the classic ram pressure effect [92] may be
at work. In a follow-up study, [194] find that star formation in Pegasus galaxies
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is suppressed with higher H I deficiency. Given that the cluster environment
has already caused noticeable changes in the gas content and star formation of
these galaxies, one might expect changes in nebular abundance as well. Using
the VIRUS-P integral-field spectrograph [97] on the 2.7m Harlan J Smith
Telescope at McDonald Observatory, we have obtained spectra for six Pegasus
spirals. From the H II region spectra, we calculate radial O/H profiles, and
examine the extent to which a metallicity offset can be seen between the gas-
poor and gas-normal spirals. We compare our results to those of [204], noting
the difference in environments of Virgo and Pegasus. We discuss the possible
causes of the offset for Pegasus, and the potential implications for environment-
driven chemical evolution in Virgo and other clusters.
B.2 Sample and Observations
B.2.1 Target Galaxy Selection
Our targets were selected from among the Pegasus spirals analyzed for
H I content in [139]. The sample was chosen so as to cover a wide range of
values for DEF, the overall galactic H I deficiency value. As described in [139],
DEF measures an offset between a galaxy’s H I content (measured from 21
cm radio emission) and an expectation value based on field galaxies of similar
luminosity and morphological type, with increasingly positive values indicating
higher gas deficiency. A value of DEF ∼ 0.3 indicates H I is deficient by a
factor of two, and is considered the threshold at which a galaxy is considered
definitively H I deficient.
170
The nature of our observations placed further constraints on our tar-
get selection. In order to obtain adequate radial coverage of our sample, we
selected spirals with a sufficient number of bright H II regions, as determined
from the H α images obtained in [194]. This requirement limited somewhat
the highest DEF values we could explore, since, as discussed in [194], the
prominence of H II regions is severely truncated at large DEF. Additionally,
we observed the most face-on objects to minimize inclination and reddening
effects. We note that in the optical images of our target galaxies, we see no
nearby companions, tidal tails, or other morphological peculiarities. Further-
more, the galaxies are not listed as having morphological abnormalities in the
literature, and do not have close neighbors in the cluster map of [139] (Figure
8). We therefore conclude that our targets are not members of interacting
pairs. However, NGC 7643 is approximately 200 kpc away from UGC 12562,
the possible effects of which will be addressed in the discussion.
Table B.1 lists the names, coordinates, inclination-corrected circular
velocities, absolute B magnitudes, and effective/isophotal radii of the six spi-
rals observed in this study [173, 194]. Of these, IC 5309, NGC 7518, and NGC
7643 serve as our hydrogen-deficient sample. The other three objects–NGC
7591, NGC 7529, and IC 1474–have either normal or high H I content, and
serve as the control sample. For all galaxy data, we assume a cosmology with
H0 = 73.0 km s
−1 Mpc−1, Ωm = 0.27, ΩΛ = 0.73.
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Target Galaxies
Galaxy R.A. Decl. VC (km/s) MB Re Riso
IC 1474 23:12:51.2 +05:48:23 138.3 -19.72 14. 34.
NGC 7518 23:13:12.8 +06:19:18 35.6 -19.81 22. 43.
NGC 7529 23:14:03.2 +08:59:33 173.2 -19.60 11. 29.
NGC 7591 23:18:16.2 +06:35:09 211.2 -21.29 14. 62.
IC 5309 23:19:11.7 +08:06:34 139.4 -20.26 19. 56.
NGC 7643 23:22:50.4 +11:59:20 172.2 -20.09 20. 43.
Table B.1: Target galaxies, their coordinates (J2000.0), inclination-corrected
circular velocities, absolute B magnitudes, effective radii (Re), and isophotal
radii (Riso). Radii are given in arcseconds.
B.2.2 Observations
Our data were obtained during observing runs from 16-20 September
2009 and 14-15 August 2010. For each galaxy, we observed a three-dither
pattern in order to ensure full coverage of the disk with VIRUS-P’s fiber field.
Figure B.1 shows the narrowband H α images of our targets from Rose et al.
(2010) and the fiber maps of the three VIRUS-P dithers for our pointings.
Note the relatively small radii at which H II region emission ceases for our H
I deficient sample relative to the control galaxies.
Wherever possible, we have obtained spectra of our sample using two
wavelength settings on the VIRUS-P spectrograph. The “blue” setting cov-
ers approximately 3600-5600 A˚, while the “red” setting covers approximately
4600-6900 A˚. The resulting spectral coverage includes emission lines for [O II],
[O III], H α, H β, [N II], and [S II]. Furthermore, H β is available in both
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(a) IC 5309 (b) NGC 7643 (c) NGC 7518
(d) NGC 7529 (e) NGC 7591 (f) IC 1474
Figure B.1: H α images of Pegasus I cluster spirals included in our sample. The first row (a-c) shows our
hydrogen-deficient targets, while the second row (d-f) presents our gas-normal control set. The black circles
indicate the locations of the 4-arcsecond diameter VIRUS-P fibers, and the arrows are each 30 arcseconds
in length.
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settings as a normalization value. In each wavelength setup, we exposed for 1
hour on each dither, for a maximum of 6 hours of exposure on each galaxy. Our
targets fit easily on VIRUS-P’s 3.5 arcmin2 field of view, so multiple pointings
were not required. For every galaxy in our sample, we have a complete set of
dithers on the “red” wavelength setting, and we have at least one dither in
the “blue” setting for every galaxy except IC 1474. Our treatment for H II
regions without blue data will be discussed in subsequent sections.
B.3 Data Reduction
For each pointing on a galaxy, we acquired spectra from 256 fibers.
From these, we have selected those fibers which fall on H II regions using
the H α images taken in [194]. As seen in Figure B.1, the 4 arcsecond fiber
diameter is a good match to the typical angular diameter of H II regions in
the Pegasus cluster, so in most cases the spectrum of an individual H II region
is contained within a single fiber. Therefore, the spectra from multiple dithers
have not been combined, with the single exception of the H II region labeled
(+6.0,-10.2) in IC 1474.
Figure B.2 shows a typical H II region spectrum for a Pegasus spiral.
Basic reduction steps such as bias subtraction, flat fielding, and wavelength
calibration were done using the VACCINE software suite for VIRUS-P [97].
Wavelength calibration (accurate to at least 0.5 A˚) is achieved through ob-
servation of NeCd (for the “red” setting) or HgCd (“blue” setting) emission
lamps, while twilight sky spectra are used to correct uneven pixel response
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Figure B.2: Example H II region spectrum from VIRUS-P. This fiber was
taken on the “blue” wavelength setting. The H II region shown here is from
NGC 7529, and is labeled (-1.6, -6.1) in Table B.4.
across the CCD. Each night we also observed at least one white dwarf stan-
dard using a six-dither pattern to completely cover the stellar PSF, which we
use for flux calibration. We then measured the emission lines using the splot
task in IRAFa. Following [204], the error bars quoted for our line fluxes are ob-
tained by multiplying the RMS of the continuum adjacent to each line by the
line width. Tables B.4 (blue) and B.5 (red) contain the measured emission-line
aIRAF is distributed by the National Optical Astronomy Observatories, which are oper-
ated by the Association of Universities for Research in Astronomy, Inc., under cooperative
agreement with the National Science Foundation.
175
fluxes for our sample, corrected for reddening and stellar absorption, normal-
ized to H β = 100.
B.3.1 Correction for Balmer Absorption
Following the method of [204], among others, we have added a constant
2 A˚ EW correction to all Balmer lines in each H II region spectrum to account
for underlying stellar absorption. Our correction follows Equation 3 of [127].
This adjustment eliminates a strong dependence of the Hα/Hβ ratio on the
EW of H β apparent in our line fluxes before this correction.
B.3.2 Reddening Correction
For each H II region examined, we determined the reddening coefficent
c from the H α/H β ratio in the “red” spectrum. Fluxes were corrected to
the “case B” limit for H I recombination lines, namely H α/H β = 2.86, using
the R = 5.5 extinction curve, f(λ), from [171]. For each H II region, we
determine the reddening constant c = (fHα− fHβ)−1 log(IHα/2.86IHβ), which
we include in Table B.5. Two H II regions have small negative reddening
constants, possibly resulting from errors in the line fluxes or in the stellar
absorption correction.
B.3.3 Abundance Determination
As with similar studies of extragalactic H II region abundances (e.g.
[204, 239]), we use log(O/H) as a proxy for the total heavy-element abun-
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dance. For the individual H II regions in Table B.4, we determine the overall
oxygen abundance using the empirical strong-line emission calibration of [239].
We choose to use the oxygen lines from the “blue” grating setup for consis-
tency (the [O II] and [O III] lines come from the same spectrum), and so that
the weak [O III] lines will fall on the red end of the CCD which, as can be
seen from the error bars in Tables B.4 and B.5, tends to be less noisy. The
[239] O/H calibration is based on the quantity R23 ≡ ([O II] + [O III])/H
β. For an illustration of the behavior of R23 as a function of log(O/H), see
Figure 1 of [159]. For log(O/H) > −4.0, as nebular abundance increases, the
greater efficiency of collisional cooling in the fine structure lines lowers the gas
temperature, thereby weakening the optical [O II] and [O III] lines. In addi-
tion, the ionization drops with increasing abundance, because of effects on the
temperature and spectrum of the ionizing stars; and this makes the decrease
in [O III] with increasing O/H particularly strong. While R23 is degenerate in
log(O/H), the turnaround occurs at very low metallicity (log(O/H) ∼ −4.0).
Were the oxygen emission decreasing as a result of lower abundance rather
than lower temperatures, we would anticipate the [N II] emission, which also
traces nebular metallicity, to be low as well. The [N II] emission lines (Table
B.5) are sufficiently strong in all H II regions considered here that we can safely
assume abundances high enough that R23 should decrease monotonically with
log(O/H). In Figure B.3(a), we plot 12 + log(O/H) for each H II region versus
its galactocentric radius (as measured by R/Re). H II regions for which we
did not obtain blue spectra are omitted due to a lack of [O II] data.
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(a)
(b)
Figure B.3: Radial plots of [a] 12 + log(O/H) and [b] f[OIII]/fHβ for H II
regions in our sample. H I deficient galaxies are shown in the top row, while H
I normal galaxies are shown on the bottom row. The dashed lines are our best-
fit linear gradients, and the red boxes indicate the mean galactic values. The
mean values are plotted at 0.4 Riso, which is where we evaluate the galactic
metallicity.
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Determining the global nebular abundances for the Pegasus spirals re-
quires some care. As is evident from Figure B.3(a), radial truncation of H II
region emission as a result of gas stripping limits our radial coverage of the H
I deficient spirals relative to the control sample. Comparing averages over all
H II regions would therefore introduce a bias, given the typical presence of a
radial abundance gradient (see, e.g. [84, 122, 239]). A better alternative is to
use the metallicity at some characteristic radius. [239] compare several choices
for such a fiducial radius, and conclude that 0.4 of the isophotal radius, Riso
(the radius for which the R-band surface brightness is equal to 25 magnitudes
per square arcsecond), is both reflective of the global O/H content and rel-
atively immune to contamination effects. Because we have few H II regions
at 0.4 Riso, we fit a linear least squares slope for 12 + log(O/H) versus R/Re
for all H II regions shown in Figure B.3(a). The mean oxygen abundance for
each galaxy is then taken to be the value of this fit at 0.4 Riso, with uncer-
tainties derived from the errors of the fitted slopes and intercepts. For all of
our galaxies, we use the values of Re and Riso listed in [194]. In the case of
NGC 7643, for which the H II regions span only a small range of radius, we
simply take a weighted average over all values of 12 + log(O/H), and adopt
the average scatter around the mean as our uncertainty. As seen in Figure B.3,
our measured H II regions for NGC 7643 are close enough to 0.4Riso, and the
fitted gradients are shallow enough that this average should be a reasonable
estimate. In Table B.2, we give the resulting galactic mean abundances and
gradients for our sample.
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(1) (2) (3) (4) (5)
Galaxy DEF Mean f[OIII]/fHβ Mean 12 + (O/H) Gradient
log(O/H) (dex/Re)
IC 5309 0.29 0.59 ± 0.15 9.15 ± 0.06 -0.13 ± 0.04
NGC 7518 0.27 0.21 ± 0.10 9.23 ± 0.03 -0.05 ± 0.02
NGC 7643 0.65 0.17 ± 0.13 9.25 ± 0.02 · · ·
IC 1474 -0.05 0.44 ± 0.18 · · · · · ·
NGC 7529 -0.08 0.88 ± 0.33 9.00 ± 0.09 -0.17 ± 0.05
NGC 7591 -0.25 0.38 ± 0.11 9.14 ± 0.05 -0.07 ± 0.02
Table B.2: Mean oxygen data for our targets.
As a consistency check, and to include the H II regions for which we
do not have [O II] lines, we examine the [O III] lines separately. Figure B.3(b)
shows the [O III]/H β flux for each H II region versus galactocentric radius.
For the sake of uniformity, all flux ratios plotted in Figure B.3(b) are taken
from the “red” grating setting. Recall that the [O II] + [O III] flux increases
with decreasing metallicity, hence the inverted slopes between Figures B.3(a)
and B.3(b). Using the same method as described above for the mean abun-
dance, we evaluate the mean [O III]/H β for each galaxy, which we include in
Table B.2. We plot the mean galactic oxygen measurements against DEF in
Figures B.4(a)-B.4(b). From inspection of Figures B.3(b) and B.4(b), there is
considerably higher scatter and uncertainty for the [O III]-only data. Further-
more, since the [O III] flux is dependent on the ionization state of the gas as
well as the metallicity, we do not include any H II regions without [O II] data
in our analysis.
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B.4 Analysis
Inspection of Figure B.3(a) shows considerable overlap in the metal-
licities of the central H II regions between the gas-deficient and gas-normal
galaxies in the Pegasus cluster. However, Figure B.4(a) shows a significant
trend of increasing mean log(O/H) with DEF. Allowance for the higher mass
of NGC 7591 (see below) strengthens this conclusion.
We see from the mean galactic log(O/H) values that our sample is
divided into the expected H I deficient/metal rich and H I normal/metal poor
groups for 4 of the 5 objects for which we can determine abundances. However,
NGC 7591 bears discussion as it only marginally conforms. This object is
more than a magnitude brighter than the other galaxies considered, and its
circular velocity is the highest of our sample (see Table B.1). [239] establish
metallicity dependences on VC and MB–both of which are tracers of mass–for
spiral galaxies. Several more recent studies (e.g. [75, 164, 215]) have confirmed
the observational and theoretical veracity of the so-called “mass-metallicity
relationship” (MZR). From Figure 10 of [239], we see that average galactic
O/H varies significantly with these properties. Given the higher mass indicated
by MB and VC , the MZR appears to be a likely reason for the otherwise
anomalously high O/H content of NGC 7591 for its value of DEF. Indeed,
similar scatter can be seen for the Virgo cluster, with NGC 4501 (DEF = 0.55)
having a higher abundance (log(O/H) = 9.32) than the fainter, more gas-poor
NGC 4689 (DEF = 0.90, log(O/H) = 9.28) [85, 204]. We therefore conclude
that the relatively high log(O/H) observed for NGC 7591 does not contradict
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(a) (b)
(c)
Figure B.4: [a]: Mean galactic values of 12 + log(O/H) for Pegasus (black
circles) and Virgo (red diamonds) spirals as a function of H I deficiency (DEF).
The dashed line indicates our linear least-squares fit to the data. [b]: Mean
galactic f[OIII]/fHβ for Pegasus spirals as a function of DEF. [c]: Mean galactic
values of 12 + log(O/H) for unbarred field spirals from [239].
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the correlation between H I content and nebular abundance observed for the
other galaxies.
It is also interesting to consider the abundances of the Pegasus galaxies
in comparison to field galaxies. Figure B.5 plots the mean 12 + log(O/H) for
our sample along with a group of unbarred field spirals from [239]. We see
that, as a whole, the cluster galaxies all fall towards the higher-metallicity end
of the plot, and the H I deficient members are among the most metal rich. For
comparison, Figure 6a of [204] shows the same field galaxies alongside Virgo
spirals. In the case of Virgo, the most H I deficient galaxies are clearly more
metal rich than the field, but only slightly more so than our sample.
Taking our H I deficient sample as a whole, we find an average of 9.24 ±
0.02 for the galactic mean 12 + log(O/H), compared to 9.11 ± 0.05 for the H I
normal controls (excluding IC 1474). The resultant metallicity offset between
H I deficient and H I normal spirals is then 0.13± 0.07 dex. While this offset
is admittedly marginal at 2σ, and considerably lower than the 0.3 dex offset
claimed for Virgo, a more careful comparison of the two samples shows the
metallicity enhancement of the clusters to be more similar than these averages
suggest.
While the environments (IGM density, spiral fraction, velocity disper-
sion) of the Pegasus cluster differ significantly from Virgo, the individual spi-
rals examined herein represent a very similar population to the Virgo galaxies
analyzed in [204]. As shown in Tables B.1 and B.3, the two samples cover a
similar range in VC and MB, indicating comparable galactic masses and re-
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(a)
(b)
Figure B.5: Mean galactic 12 + log(O/H) as a function of [a] inclination-
corrected circular velocity and [b] absolute blue magnitude for gas-deficient
Pegasus spirals (filled circles), gas-normal Pegaus spirals (filled triangles), and
a sample of unbarred field spirals from [239] (open circles).
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cent star formation histories. Furthermore, our targets were selected from the
Pegasus surveys of [139] and [194] which selected spirals of similar morpholo-
gies to the Virgo spirals to enable comparison between the clusters. We may
therefore compare our results to those of [204], but doing so requires attention
to how our characterization of the H I deficiency compares to that used by
Skillman et al.
Interestingly, the 0.13 dex difference between mean (O/H) values for
our “H deficient” and “H normal” groups is approximately the same as the
offsets between the hydrogen “deficient” and “intermediate” and between the
“intermediate” and “normal” groups of Virgo galaxies found in [204]. A closer
examination of their galaxy selection shows that the similarity between these
offsets is not coincidental. [85] compute DEF values for Virgo galaxies, al-
lowing us to compare the gas content of the two samples directly. While the
Virgo cluster contains many more galaxies with very high values of DEF (and
therefore presumably higher abundances) than Pegasus, only one galaxy (NGC
4689) in the [204] sample has a higher DEF (0.90) than Pegasus’ NGC 7643.
We plot the abundances of the seven Virgo spirals from the [204] survey with
DEF values measured by [85] (Table B.3) alongside those of Pegasus in Fig-
ure B.4(a); the two samples have a great deal of overlap in metallicity-DEF
space. Apparently, we are sampling a range of DEF for Pegasus in which our
“gas-normal” group is analogous to the “intermediate” Virgo galaxies, with
the “deficient” groups being similar for both clusters. Our metallicity offset is
therefore consistent with what we know of the abundance - DEF correlation
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Deficiency Group Galaxy VC (km/s) MB DEF 12 + log(O/H)
Virgo Cluster
NGC 4303 216 -21.13 -0.06 9.09 ± 0.02
H I Normal NGC 4651 250 -20.18 ... 8.99 ± 0.06
NGC 4713 137 -19.10 ... 8.84 ± 0.03
NGC 4254 250 -20.95 0.01 9.18 ± 0.02
Intermediate NGC 4321 201 -21.29 0.53 9.23 ± 0.02
NGC 4654 198 -20.71 -0.29 9.01 ± 0.03
NGC 4501 278 -21.57 0.55 9.32 ± 0.05
H I Deficient NGC 4571 165 -19.43 0.54 9.24 ± 0.02
NGC 4689 185 -19.86 0.90 9.28 ± 0.02
Field Galaxies from [239]
NGC 628 107 -20.32 -0.01 8.94 ± 0.19
NGC 2903 228 -19.85 0.33 9.12 ± 0.08
NGC 3521 268 -19.88 0.06 8.97 ± 0.14
NGC 4258 234 -20.59 0.25 8.97 ± 0.06
NGC 4736 209 -19.37 0.68 9.01 ± 0.17
N/A NGC 5033 251 -21.03 0.19 8.84 ± 0.16
NGC 5055 242 -20.14 0.12 9.21 ± 0.25
NGC 5194 250 -20.75 0.12 9.23 ± 0.12
NGC 5457 190 -20.45 0.28 8.52 ± 0.06
NGC 6946 240 -20.78 -0.45 9.06 ± 0.17
NGC 7331 282 -21.10 -0.04 9.03 ± 0.19
Table B.3: Inclination-corrected circular velocities, absolute B magnitudes, H
I deficiencies, and abundances for spiral galaxies in the Virgo cluster and in
the field.
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in Virgo. For the Virgo spirals plotted in Figure B.4(a), the H I deficient
galaxies (as defined by having DEF > 0.3) have an average 12 + log(O/H)
of 9.25 ±0.03, while the H I normal (DEF < 0.3) spirals have an average
12 + log(O/H) = 9.11 ± 0.06. This offset, 0.14 ± 0.09, is neither larger nor
more significant than the offset for our Pegasus sample. Evidently, the larger
metallicity offset observed for Virgo is not a result of sampling more stripped,
metal-rich galaxies, but from choosing a more remote, gas-rich control sam-
ple. Figure 1 of [204] shows that two of the three H I normal Virgo galaxies
examined–NGC 4651 and NGC4713–are so far from the cluster center as to
essentially be field galaxies. Indeed, neither of these objects appears in the
Virgo Cluster Catalog (VCC; [12]), hence their absence in the [85] H I survey.
As expected based on the observed correlation, they display very low oxygen
content (12 + log(O/H) < 9.00), contributing to the 0.3 dex metallicity offset
for Virgo. We conclude, then, that the process of nebular metallicity enhance-
ment observed in the Virgo cluster has occurred to a similar degree in Pegasus
at fixed DEF.
When evaluating galactic H I deficiency quantitiatively with DEF rather
than the more qualitative groupings of [204], it becomes apparent that eval-
uating the influence of the cluster environment on galactic metallicity with
an offset between hydrogen-poor and hydrogen-normal groups can be mislead-
ing. As each sample is likely to have a different range of DEF values, as seen
for our sample compared to Virgo, such a bimodal separation leads to am-
biguous conclusions. A better solution is to examine the correlation between
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(a) (b)
(c) (d)
Figure B.6: [a,c]: log(O/H) differential (measured - expected) versus DEF for
Pegasus (black circles) and Virgo (red diamonds) spirals. Expectation values
are based on the log(O/H)-VC (a) and log(O/H)-MB (c) correlations presented
in [239]. [b,d]: Same as [a,c], but with the addition of the Zaritsky field spirals.
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log(O/H) and DEF, which more accurately describes the continuous progres-
sion towards higher metallicities with increasing H I deficiency. From Figure
B.4(a), we see a strong correlation in log(O/H) versus DEF for the combined
Pegasus-Virgo sample. Performing a linear least-squares fit to the trend, we
derive the relation 12 + log(O/H)= 9.120 + 0.223×DEF, with uncertainties
of 0.045 dex(O/H)/dexDEF on the slope and 0.02 dex(O/H) on the intercept.
The resulting Pearson correlation coefficient to the data is 0.84. Thus, while
the metallicity offsets of the samples above and below DEF = 0.3 are only
significant at the ∼ 2σ level, we find a slope in metallicity-DEF space that
approaches a 5σ confidence level.
While we see that H I deficiency affects the overall nebular metallicity
of cluster spirals, it is important to disentangle this process from the secular
effects of galaxy mass. In order to examine the metallicity-DEF correlation
independently of the mass-metallicity relationship, we consider the differential
(O/H) offset between a galaxy and expectation values based on its VC andMB.
We adopt VC as our primary tracer of a galaxy’s mass since, as mentioned in
[239], it is distance-independent, unbiased by recent star formation, and more
tightly correlated with galactic metallicity. However, we include our analysis
in terms of MB for the sake of completeness. Fitting a linear trend to the
abundance versus circular velocity plot for the [239] field sample shown in
Figure B.5(a), we derive a galaxy’s expected oxygen abundance as
12 + log(O/H)= 8.5652 + 0.35582× VC/(200km/s).
Similarly, from Figure B.5(b), we derive
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12 + log(O/H)= 7.7633− 0.059358×MB.
Figure B.6 shows the offsets in log(O/H) (measured - expected) versus
DEF for the galaxies presented in Figure B.4. The comparison to expectation
values effectively removes the scatter introduced by the MZR, and the resulting
correlation is obvious. For the combined set of Pegasus and Virgo spirals
(excluding NGC 7518, which has a VC of 36 km/s, far lower than any of
the other galaxies examined here), the Pearson correlation coefficient reaches
0.86 after removal of the (O/H)-VC trend. If we instead remove the (O/H)-
MB trend, the correlation coefficient for the two samples is 0.90. From this
analysis, we conclude that, as expected, at least some of the scatter around
the DEF-(O/H) correlation in Figure B.4(a) is due to the MZR.
It is important to note that while we see effects of the MZR in our
sample, the observed metallicity offsets are not primarly driven by galaxy
mass. This would be particularly likely if the H I deficient galaxies were
systematically more massive than the H I normal sample. If this were the
case, we would expect to see a correlation between DEF and VC . To test this
possibility, we plot DEF versus VC in Figure B.7. We observe no correlation
for Pegasus or Virgo spirals, thus ruling out a mass offset between hydrogen
normal/poor spirals. We can therefore conclude that H I deficiency is driving
metallicity augmentation independently of galaxy mass.
The observed correlation between heavy element content and DEF ob-
served for Pegasus and Virgo galaxies might suggest that these objects’ metal-
licity offsets are caused entirely by H I deficiency, and are independent of
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Figure B.7: H I deficiency parameter DEF as a function of VC for Pegasus
(filled circles), Virgo (diamonds), and field (open circles) spirals.
cluster membership. However, a comparison to field spirals refutes that no-
tion. In Figures B.4(c) and B.6, we have plotted the mean 12 + log(O/H)
against DEF for field galaxies from [239]. Our values of DEF for the field
galaxies–which we include in Table B.3–are adopted from [83]. We see that,
unlike for the cluster spirals, the abundances for field galaxies are completely
uncorrelated with DEF. The Pearson correlation test confirms what visual in-
spection suggests; the (O/H)-DEF correlation coefficient for the field sample
is -0.16. While the measured metallicities for the field sample have a lower
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precision than our sample or the Virgo sample, it appears very tentatively that
heavy element content is only dependent on H I deficiency if a galaxy has lost
its H I through cluster-driven mechanisms, as opposed to field objects that
have always been gas-poor. However, further study of both field and cluster
spirals will be required to properly evaluate how the (O/H)-DEF correlation
changes for different environments. In particular, it will be essential to obtain
abundances for a larger sample of field spirals with DEF > 0.3 to facilitate a
more meaningful comparison to Pegasus and Virgo.
B.5 Discussion
The physical cause of the observed metallicity offset for cluster galaxies
has been the subject of some debate. The typical model for gas-phase chem-
ical evolution in an isolated galaxy is a variant of the “simple model” (e.g.
[172]). The simple model treats a galaxy as a “closed box” of hydrogen gas,
which grows progressively more metal-rich through stellar recycling according
to Z = −y lnµ, where Z is the total metallicity, µ is the gas fraction, and
y is the yield of metals from massive stars. This model is easily modified to
account for the infall of primordial gas. As mentioned before, the inflow of
unprocessed gas should be terminated when a galaxy falls into the hot ICM,
resulting in a metal enrichment pattern that more closely parallels the pure
simple model (as in [96], for example). [204] explore the possibility that infall
cutoff explains the enhanced metal abundance of the core Virgo spirals. Their
chemical evolution models with and without infall demonstrate that infall sup-
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pression can create a metallicity increase of 0.15 dex–a significant fraction of
the Virgo offset, but not sufficient to account for the entire effect. In the case
of Pegasus, though, 0.15 dex is adequate to produce the observed enrichment.
One possibility, then, is that as a galaxy first falls into a cluster environment,
infall cutoff is the primary external driver of chemical evolution, producing a
metallicity transition akin to the H I normal-intermediate shift seen for Virgo.
As galaxies continue to fall through the ICM and experience increasingly more
H I stripping, additional processes associated with the more extreme H I defi-
ciencies observed become important, resulting in the elevated abundances seen
for the “deficient” spirals.
A second mechanism proposed to drive metal enhancement requires
the elimination of radial inflows of metal-poor gas. As described in [202], if
the galactic H I disk is truncated at a radius interior to the stellar disk, then
the inward transport of low-metallicity gas from the exterior of the galaxy is
inhibited, preventing the dilution of metals in the galactic interior. Without
this dilution, the abundance gradients typically seen for field galaxies tend to
flatten out, leading to high characteristic metallicities. The H α emission of
Pegasus spirals is clearly truncated inside the stellar disks for H I deficient
members [194]. Furthermore, the flattened metallicity gradients predicted for
inflow cutoff by [202] are precisely what we observe for our targets. If the radial
inflow effect is comparably important as infall cutoff for Virgo, the same may
be true for the Pegasus cluster.
Our results add to a growing number of studies demonstrating evidence
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for environmental influences on galactic chemical evolution. [215] use strong-
line calibrations for integrated spectra (which are reflective of a galaxy’s mean
metallicity, see [166]) of SDSS galaxies to determine 12 + log(O/H). [46] ana-
lyze these abundances, finding a strong dependence on local galaxy density (as
defined by nearest-neighbor analysis), particularly for objects in group/cluster
environments. Similarly, [70] use nebular abundances from SDSS galaxies in
[124] to demonstrate a metallicity-galaxy density relationship, although they
claim the effect depends only on local density, not cluster membership. How-
ever, using the local galaxy density alone has its limits, as very close galaxy
pairs induce inflow of metal-poor gas through tidal interactions, leading to
lower characteristic abundances than isolated field galaxies [69, 125]. These
results bear particular significance for NGC 7643, which is within ∼ 200 kpc
from UGC 12562 [139]. While this separation is too large by an order of mag-
nitude for tidal interactions to lower the metallicity of NGC 7643 [125], it is
possible that “galaxy harassment” has contributed to that galaxy’s high DEF,
and therefore elevated (O/H) abundance.
The metallicity dependence on gas content is confirmed by [242], who
cross-correlate the galaxies in [215] with H I data in the HyperLeda catalog,
and find that gas-poor galaxies tend to be metal rich. While our study rejects
a dependence on H I content for the metallicities of field galaxies, we note that
the [242] galaxy selection does not account for cluster membership, so their
observed correlation may be driven by galaxies in clusters.
The importance of environment for galactic metallicity has not been
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unanimously accepted. [164] examine the [215] data and find a metallicity
correlation with local density that is much weaker than those claimed in [46]
and [70]. [164] concede, however, that local environment can drive chemi-
cal evolution at least in the cores of dense clusters. In a study more similar
to our own, [175] compute oxygen content from spatially-resolved long-slit
spectroscopy of star-forming galaxies in the Hercules cluster. While they do
observe a local density dependence for the metallicity of dwarf galaxies, they
claim no environmental effect for major spiral galaxies. We note two caveats
here, though. First, they do not quantify hydrogen deficiency, making compar-
isons to Pegasus or Virgo difficult. Additionaly, they have much lower spatial
resolution than we have for Pegasus, and they treat the cores and disks of giant
spirals as separate objects, making them insensitive to the kind of metallicity
offset we extract from the galactic abundance gradients. We therefore do not
consider the [175] study to be contradictory to ours. Overall, the evidence
indicates that dense environments like those found in galaxy clusters have a
significant influence on the abundance patterns of their member galaxies.
As with Virgo, the heavy element abundance differential for Pegasus
is considerably larger than the aforementioned statistical samples of SDSS
galaxies. The combined set of data for these two clusters appears to explain
why. It seems that, while considering cluster/group membership alone will
reveal a small metallcity offset, the primary importance of the cluster is to
drive H I stripping and infall cutoff, which ultimately leads to proportionally
higher heavy element content. To date, [204] and this study are the only
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analyses to scrutinize the complementary processes of H I removal and metal-
licity enhancement as codependent effects of cluster-driven galaxy evolution.
The additions of NGC 7518 and IC 5309 to the metallicity-DEF relationship
(Figure B.4a) are particularly interesting, as they fill a previously unsampled
intermediate range in DEF, showing the correlation to be continuous rather
than bimodal. We emphasize that future metallicity surveys of additional clus-
ters should pay careful attention to H I content, as we believe it to be essential
to understanding the full influence of a cluster on the properties of its member
galaxies.
B.6 Summary
We have presented integral-field spectroscopy of six galaxies in the
Pegasus I cluster, a young, low-density cluster. We analyze the spectra of
H II regions in these galaxies with the aid of a calibration of the [O II] and
[O III] emission-line intensities to determine gas-phase heavy element abun-
dance. Combining these results with published H I data, we examine the
abundances as a function of H I deficiency, the possible result of ISM-ICM
interactions. When we account for the effects of the galactic mass-metallicity
relationship, we find that oxygen abundance correlates well with the hydrogen
deficiency parameter DEF for the Pegasus galaxies. The hydrogen-deficient
members of our sample show, on average, higher values of log(O/H) at the
0.15 dex level, which is consistent with Virgo spirals of similar gas deficiency.
Our results agree qualitatively with a number of recent publications indicat-
196
ing intimate connections between a galaxy’s heavy element content, hydrogen
deficiency, and the density of its local environment.
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Table B.4: Corrected emission line fluxes for H II region spectra using the
VIRUS-P blue setup.
H II region position [O II] H γ Hβ [O III] [O III] R/Re
(arcsec from center) λ3726 + λ3729 λ4959 λ5007
IC 5309
-3.6, +0.0 97 ± 4 ≤ 3 100 ± 5 7 ± 4 16 ± 4 0.109
-1.9, +2.2 12 ± 8 ≤ 5 100 ± 5 ≤ 5 11 ± 5 0.118
+1.7, -2.0 58 ± 6 ≤ 5 100 ± 5 ≤ 3 16 ± 6 0.199
-0.1, -4.0 104 ± 9 ≤ 7 100 ± 6 ≤ 6 17 ± 5 0.222
-0.1, +4.2 67 ± 6 ≤ 6 100 ± 6 15 ± 4 14 ± 9 0.233
-5.6, -1.9 145 ± 7 47 ± 8 100 ± 5 11 ± 4 23 ± 4 0.240
+3.7, -0.1 118 ± 8 ≤ 6 100 ± 5 ≤ 6 7 ± 5 0.270
-5.3, +6.2 72 ± 5 49 ± 5 100 ± 4 11 ± 4 15 ± 4 0.384
-3.4, +8.3 76 ± 7 57 ± 5 100 ± 6 ≤ 4 11 ± 3 0.449
+7.1, -4.1 65 ± 6 47 ± 4 100 ± 4 ≤ 5 8 ± 4 0.500
-1.7,+10.4 133 ± 10 40 ± 6 100 ± 6 8 ± 6 12 ± 5 0.547
-7.0,+12.4 41 ± 10 ≤ 13 100 ± 6 ≤ 6 8 ± 6 0.714
+5.0,-14.4 194 ± 7 38 ± 6 100 ± 4 8 ± 3 12 ± 5 0.831
-8.6,+18.6 103 ± 12 ≤ 11 100 ± 9 ≤ 9 22 ± 9 1.048
+12.3,-14.5 175 ± 14 47 ± 7 100 ± 8 16 ± 5 30 ± 6 1.054
-16.0,+18.7 147 ± 13 23 ± 7 100 ± 8 ≤ 5 42 ± 5 1.244
-12.3,+22.9 151 ± 19 ≤ 11 100 ± 10 37 ± 10 41 ± 7 1.333
NGC 7518
-3.6, +0.1 78 ± 3 44 ± 5 100 ± 4 3 ± 4 14 ± 4 0.098
-1.6, +2.2 48 ± 4 36 ± 3 100 ± 4 4 ± 3 14 ± 3 0.100
+1.3, -2.0 125 ± 4 52 ± 6 100 ± 6 7 ± 3 25 ± 3 0.158
-10.8, +0.1 73 ± 8 42 ± 4 100 ± 7 ≤ 6 11 ± 6 0.423
-14.3,+10.6 97 ± 5 45 ± 3 100 ± 4 ≤ 4 25 ± 3 0.754
-18.6, +6.4 69 ± 13 ≤ 12 100 ± 10 ≤ 8 16 ± 7 0.830
+16.2, -8.4 95 ± 5 48 ± 4 100 ± 3 ≤ 3 15 ± 3 0.890
-19.2,+12.6 103 ± 3 53 ± 2 100 ± 2 ≤ 2 11 ± 2 0.987
+16.8,-14.6 142 ± 8 ≤ 7 100 ± 6 ≤ 7 15 ± 7 1.063
-23.7, +8.7 103 ± 7 43 ± 4 100 ± 4 4 ± 3 17 ± 4 1.085
+21.4,-16.6 131 ± 6 36 ± 5 100 ± 4 ≤ 4 17 ± 4 1.285
+33.6,-12.8 173 ± 13 29 ± 7 100 ± 8 5 ± 7 28 ± 5 1.698
+48.6,-19.1 138 ± 34 ≤ 25 100 ± 22 ≤ 22 13 ± 23 2.435
NGC 7643
-1.7,-10.1 109 ± 6 45 ± 4 100 ± 4 4 ± 3 11 ± 3 0.512
-7.0, +8.4 85 ± 7 ≤ 6 100 ± 6 6 ± 5 21 ± 5 0.547
+5.6,-10.2 79 ± 5 38 ± 3 100 ± 4 ≤ 3 5 ± 2 0.583
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Table B.4 cont’d.
H II region position [O II] H γ Hβ [O III] [O III] R/Re
λ3726 + λ3729 λ4959 λ5007
-5.9,+10.4 128 ± 10 ≤ 15 100 ± 11 ≤ 10 6 ± 6 0.598
-4.8,+12.4 86 ± 9 ≤ 7 100 ± 7 2 ± 6 5 ± 5 0.664
+4.8,-12.4 118 ± 6 ≤ 6 100 ± 5 ≤ 5 8 ± 4 0.664
+3.7,-14.3 105 ± 9 ≤ 7 100 ± 7 ≤ 6 10 ± 5 0.738
NGC 7529
+1.3, +6.1 180 ± 13 ≤ 8 100 ± 9 10 ± 6 29 ± 7 0.567
-1.6, -6.1 323 ± 6 43 ± 3 100 ± 4 21 ± 3 67 ± 3 0.574
-5.9, +6.2 138 ± 14 ≤ 8 100 ± 7 4 ± 4 17 ± 6 0.777
+10.7, -0.2 211 ± 6 ≤ 4 100 ± 3 11 ± 3 45 ± 3 0.974
-11.0, +0.2 232 ± 6 47 ± 3 100 ± 4 17 ± 3 61 ± 3 1.001
-13.1, +6.3 200 ± 3 49 ± 2 100 ± 1 16 ± 1 51 ± 1 1.322
+7.9, -12.4 242 ± 6 55 ± 4 100 ± 5 20 ± 4 67 ± 3 1.338
-8.2, +12.4 263 ± 9 82 ± 5 100 ± 4 42 ± 5 79 ± 6 1.353
+17.9, -0.3 353 ± 13 38 ± 6 100 ± 6 23 ± 5 97 ± 7 1.629
+15.1, -12.5 428 ± 8 56 ± 4 100 ± 5 14 ± 5 56 ± 5 1.785
+20.0, -6.4 449 ± 10 42 ± 5 100 ± 5 22 ± 5 58 ± 5 1.910
+29.6, -12.7 359 ± 16 ≤ 9 100 ± 7 38 ± 7 127 ± 7 2.924
NGC 7591
-0.8, -4.0 88 ± 6 ≤ 5 100 ± 6 ≤ 4 19 ± 4 0.328
-3.6, +0.0 113 ± 11 ≤ 10 100 ± 6 4 ± 3 31 ± 5 0.362
+2.9, +6.1 135 ± 7 51 ± 3 100 ± 4 ≤ 3 10 ± 3 0.447
-2.1, +8.3 129 ± 10 ≤ 8 100 ± 5 6 ± 4 11 ± 6 0.645
-8.8, +2.3 102 ± 4 36 ± 4 100 ± 4 6 ± 2 25 ± 4 0.750
+7.0,-10.2 91 ± 4 51 ± 5 100 ± 4 10 ± 3 18 ± 3 0.828
-5.0,+12.4 94 ± 5 30 ± 3 100 ± 2 ≤ 2 14 ± 2 0.998
+20.0, +1.9 123 ± 13 ≤ 7 100 ± 6 7 ± 5 16 ± 6 1.328
-10.1,+14.6 100 ± 4 35 ± 3 100 ± 3 9 ± 2 15 ± 3 1.330
-12.7,+18.6 143 ± 9 30 ± 5 100 ± 5 8 ± 4 27 ± 6 1.672
+35.0,-25.1 171 ± 9 ≤ 5 100 ± 4 ≤ 4 20 ± 4 2.990
+30.1, -2.4 272 ± 12 38 ± 8 100 ± 7 29 ± 9 97 ± 9 2.054
-28.5,+31.1 228 ± 11 52 ± 6 100 ± 6 13 ± 7 32 ± 7 3.085
+33.3,-33.2 186 ± 28 ≤ 13 100 ± 15 13 ± 11 63 ± 11 3.287
+42.2,-25.2 214 ± 6 33 ± 3 100 ± 3 2 ± 3 33 ± 3 3.421
+41.5,-19.0 323 ± 14 38 ± 7 100 ± 8 ≤ 8 66 ± 8 3.636
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Table B.5: Corrected emission line fluxes for H II region spectra using the
VIRUS-P red setup. Normalized to Hβ = 100, and reddening corrected so
Hα = 286.
H II region [O III] [O III] [N II] [N II] [S II] [S II] R/Re c
(” from λ4959 λ5007 λ6548 λ6583 λ6716 λ6731
center)
IC 5309
-3.6, +0.0 8 ± 5 29 ± 5 30 ± 6 90 ± 5 27 ± 8 28 ± 8 0.109 0.94
-1.9, +2.2 ≤ 6 7 ± 6 259 ± 4 965 ± 4 578 ± 4 452 ± 4 0.118 0.73
+1.7, -2.0 ≤ 6 12 ± 7 20 ± 8 90 ± 7 29 ± 8 24 ± 6 0.199 1.00
-0.1, -4.0 4 ± 4 11 ± 5 22 ± 4 86 ± 4 29 ± 4 26 ± 5 0.222 0.88
-0.1, +4.2 3 ± 4 10 ± 4 27 ± 10 88 ± 9 31 ± 12 27 ± 12 0.233 1.32
-5.6, -1.9 2 ± 5 12 ± 5 18 ± 5 76 ± 4 41 ± 6 28 ± 5 0.240 0.80
+3.7, -0.1 4 ± 5 19 ± 6 25 ± 8 95 ± 7 31 ± 7 35 ± 7 0.270 1.07
-5.3, +6.2 4 ± 5 26 ± 6 24 ± 6 94 ± 5 34 ± 6 23 ± 6 0.384 0.78
-3.4, +8.3 7 ± 6 26 ± 5 27 ± 6 99 ± 4 36 ± 7 25 ± 8 0.449 0.87
+7.1, -4.1 ≤ 4 8 ± 5 22 ± 5 106 ± 5 48 ± 4 30 ± 7 0.500 0.67
-1.7,+10.4 12 ± 5 33 ± 6 21 ± 9 70 ± 6 42 ± 8 45 ± 11 0.547 0.55
-7.0,+12.4 ≤ 7 6 ± 9 22 ± 13 91 ± 11 54 ± 11 48 ± 12 0.714 0.55
+5.0,-14.4 1 ± 3 19 ± 4 19 ± 6 77 ± 5 53 ± 4 41 ± 7 0.831 0.43
-8.6,+18.6 41 ± 7 49 ± 7 23 ± 11 90 ± 13 45 ± 17 29 ± 17 1.048 0.58
+12.3,-14.5 13 ± 6 64 ± 7 16 ± 9 82 ± 11 49 ± 10 54 ± 17 1.054 0.75
-16.0,+18.7 10 ± 12 38 ± 10 51 ± 13 84 ± 13 55 ± 13 108 ± 17 1.244 0.34
-12.3,+22.9 10 ± 10 50 ± 10 19 ± 17 49 ± 11 48 ± 13 67 ± 22 1.333 0.51
NGC 7518
-3.6, +0.1 9 ± 3 21 ± 4 30 ± 5 117 ± 3 33 ± 3 26 ± 4 0.098 0.90
-1.6, +2.2 ≤ 7 25 ± 9 29 ± 7 133 ± 7 64 ± 6 53 ± 6 0.100 0.29
+1.3, -2.0 ≤ 8 30 ± 7 31 ± 11 121 ± 11 31 ± 13 26 ± 17 0.158 1.75
-10.8, +0.1 ≤ 6 9 ± 8 25 ± 6 113 ± 7 30 ± 8 2 ± 12 0.423 0.53
-14.3,+10.6 ≤ 6 8 ± 5 25 ± 6 92 ± 11 18 ± 10 19 ± 7 0.754 1.38
-18.6, +6.4 ≤ 7 7 ± 8 23 ± 11 98 ± 8 48 ± 9 30 ± 15 0.830 0.38
+16.2, -8.4 ≤ 5 19 ± 7 26 ± 10 90 ± 10 23 ± 9 25 ± 11 0.890 1.45
-19.2,+12.6 4 ± 4 14 ± 3 37 ± 3 104 ± 4 29 ± 3 18 ± 7 0.987 0.87
+16.8,-14.6 36 ± 15 19 ± 15 13 ± 14 128 ± 14 60 ± 17 38 ± 32 1.063 1.07
-23.7, +8.7 ≤ 14 5 ± 12 23 ± 11 84 ± 14 19 ± 17 10 ± 11 1.085 1.15
+21.4,-16.6 ≤ 7 12 ± 10 38 ± 9 116 ± 9 52 ± 13 56 ± 16 1.285 0.61
+33.6,-12.8 18 ± 9 22 ± 9 29 ± 12 104 ± 10 49 ± 8 37 ± 10 1.698 0.54
+48.6,-19.1 ≤ 23 6 ± 23 17 ± 45 114 ± 38 ≤ 47 67 ± 47 2.435 1.06
NGC 7643
-1.7,-10.1 8 ± 8 26 ± 6 28 ± 9 103 ± 10 39 ± 8 31 ± 6 0.512 0.86
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Table B.5 cont’d.
H II [O III] [O III] [N II] [N II] [S II] [S II] R/Re c
region λ4959 λ5007 λ6548 λ6583 λ6716 λ6731
-7.0, +8.4 ≤ 8 27 ± 13 45 ± 13 124 ± 11 51 ± 15 25 ± 18 0.547 0.65
+5.6,-10.2 5 ± 5 26 ± 6 32 ± 7 115 ± 5 38 ± 8 35 ± 7 0.583 0.61
-5.9,+10.4 ≤ 10 15 ± 9 27 ± 7 127 ± 8 37 ± 7 48 ± 10 0.598 0.75
-4.8,+12.4 ≤ 16 9 ± 11 69 ± 16 165 ± 14 74 ± 11 37 ± 15 0.664 -0.15
+4.8,-12.4 ≤ 6 5 ± 4 32 ± 6 113 ± 4 46 ± 3 43 ± 5 0.664 0.31
+3.7,-14.3 ≤ 4 ≤ 6 32 ± 7 107 ± 6 39 ± 8 49 ± 12 0.738 0.68
IC 1474
+3.3, +6.1 13 ± 10 93 ± 10 32 ± 10 97 ± 13 45 ± 10 55 ± 20 0.454 0.58
-1.6, +8.4 ≤ 4 27 ± 3 35 ± 5 106 ± 4 47 ± 4 35 ± 4 0.639 0.60
-6.4, +4.3 ≤ 13 20 ± 10 31 ± 15 107 ± 14 47 ± 12 30 ± 18 0.640 1.40
-8.7, +2.3 4 ± 2 25 ± 2 28 ± 2 99 ± 1 48 ± 1 34 ± 2 0.748 0.73
+8.4, -8.3 ≤ 7 23 ± 7 16 ± 13 107 ± 12 30 ± 12 28 ± 12 0.771 1.12
+6.0,-10.2 ≤ 3 13 ± 3 22 ± 4 89 ± 3 37 ± 3 29 ± 4 0.796 0.78
+13.0, -4.2 8 ± 2 34 ± 2 27 ± 2 90 ± 1 51 ± 2 38 ± 2 0.877 0.65
-8.8, +8.5 5 ± 3 23 ± 3 33 ± 2 100 ± 2 43 ± 2 33 ± 3 0.954 0.63
+15.6,-14.5 9 ± 4 38 ± 4 25 ± 6 97 ± 4 45 ± 4 24 ± 6 1.446 0.71
+18.0,-12.6 8 ± 6 41 ± 5 25 ± 7 92 ± 6 51 ± 6 36 ± 12 1.486 0.81
+30.3,-27.0 23 ± 22 100 ± 22 39 ± 23 58 ± 17 24 ± 24 17 ± 24 2.821 0.75
+35.0,-22.9 29 ± 6 102 ± 6 30 ± 10 87 ± 5 33 ± 8 25 ± 16 2.897 0.75
NGC 7529
-2.2, +2.2 15 ± 7 31 ± 6 28 ± 6 102 ± 4 50 ± 3 35 ± 14 0.285 0.34
+0.1, -4.0 5 ± 6 29 ± 6 25 ± 5 110 ± 6 76 ± 5 47 ± 9 0.364 0.42
+1.3, +6.1 16 ± 10 47 ± 10 23 ± 7 89 ± 9 82 ± 14 75 ± 14 0.567 0.39
-1.6, -6.1 11 ± 4 40 ± 4 22 ± 4 87 ± 4 54 ± 4 51 ± 5 0.574 0.53
-7.1, -3.9 21 ± 3 62 ± 3 23 ± 3 90 ± 4 51 ± 3 44 ± 2 0.737 0.34
+7.3, -4.1 ≤ 3 28 ± 4 31 ± 3 90 ± 4 68 ± 5 49 ± 9 0.762 0.41
-5.9, +6.2 22 ± 11 31 ± 9 23 ± 8 118 ± 12 55 ± 10 44 ± 10 0.777 0.70
-3.3, -8.1 24 ± 2 83 ± 2 18 ± 3 70 ± 3 57 ± 2 42 ± 3 0.794 0.31
+9.0, -2.1 17 ± 4 33 ± 4 29 ± 5 88 ± 4 58 ± 5 35 ± 5 0.837 0.35
-2.7,+10.3 26 ± 6 73 ± 6 10 ± 3 76 ± 5 60 ± 7 39 ± 16 0.968 0.07
+10.7, -0.2 23 ± 3 66 ± 4 21 ± 3 71 ± 3 67 ± 6 54 ± 5 0.974 0.43
-11.0, +0.2 21 ± 2 57 ± 3 19 ± 1 80 ± 2 47 ± 3 42 ± 3 1.001 0.61
-12.7, -1.8 11 ± 3 61 ± 4 25 ± 4 67 ± 4 56 ± 4 44 ± 12 1.162 0.16
+9.4,-10.2 16 ± 4 47 ± 2 24 ± 3 94 ± 4 60 ± 3 36 ± 2 1.261 0.35
-13.1, +6.3 6 ± 4 49 ± 4 25 ± 3 82 ± 4 56 ± 4 51 ± 5 1.322 0.68
+7.9, -12.4 14 ± 6 73 ± 5 24 ± 7 75 ± 5 71 ± 8 69 ± 10 1.338 0.43
-8.2, +12.4 21 ± 8 86 ± 7 24 ± 9 86 ± 9 64 ± 9 44 ± 11 1.353 0.53
+14.5, -4.2 21 ± 3 58 ± 3 21 ± 3 83 ± 3 80 ± 5 62 ± 5 1.373 0.39
+16.2, -2.2 30 ± 6 98 ± 6 20 ± 8 64 ± 8 64 ± 6 36 ± 12 1.483 0.36
+17.9, -0.3 87 ± 15 228 ± 15 29 ± 7 76 ± 13 56 ± 20 28 ± 17 1.629 0.73
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Table B.5 cont’d.
H II [O III] [O III] [N II] [N II] [S II] [S II] R/Re c
region λ4959 λ5007 λ6548 λ6583 λ6716 λ6731
+16.6,-10.3 23 ± 3 94 ± 2 25 ± 1 82 ± 2 59 ± 3 38 ± 7 1.776 0.51
+15.1, -12.5 20 ± 1 59 ± 2 26 ± 2 77 ± 2 49 ± 1 33 ± 3 1.785 0.36
-13.9,+14.6 38 ± 7 100 ± 7 32 ± 4 65 ± 6 77 ± 8 45 ± 17 1.832 0.22
+18.4, -8.4 21 ± 4 97 ± 4 18 ± 5 82 ± 5 64 ± 6 30 ± 11 1.835 0.27
+1.2,-20.4 72 ± 9 206 ± 9 ≤ 12 26 ± 8 49 ± 8 61 ± 25 1.858 -0.09
+20.0, -6.4 ≤ 20 119 ± 16 ≤ 21 65 ± 21 71 ± 21 48 ± 59 1.910 1.33
-21.5, -3.7 72 ± 9 189 ± 9 ≤ 7 24 ± 7 52 ± 10 20 ± 14 1.985 0.17
+18.8,-16.5 9 ± 7 47 ± 8 25 ± 10 73 ± 7 82 ± 8 36 ± 10 2.274 0.43
+23.8,-10.4 29 ± 10 138 ± 10 17 ± 5 76 ± 9 51 ± 9 37 ± 19 2.362 0.47
+29.6, -12.7 16 ± 7 81 ± 7 24 ± 7 46 ± 7 93 ± 12 33 ± 15 2.924 0.31
NGC 7591
-0.8, -4.0 4 ± 4 13 ± 4 30 ± 2 112 ± 3 27 ± 4 16 ± 4 0.328 0.78
-3.6, +0.0 7 ± 8 27 ± 7 41 ± 9 252 ± 5 40 ± 4 30 ± 8 0.362 0.58
+2.9, +6.1 6 ± 5 22 ± 5 24 ± 3 106 ± 5 43 ± 5 33 ± 20 0.447 1.21
-2.1, +8.3 ≤ 3 17 ± 3 25 ± 3 96 ± 3 36 ± 3 25 ± 6 0.645 1.32
-8.8, +2.3 ≤ 5 23 ± 5 29 ± 6 125 ± 5 42 ± 4 29 ± 11 0.750 0.83
+7.0,-10.2 ≤ 5 22 ± 5 26 ± 2 98 ± 5 32 ± 5 22 ± 17 0.828 1.32
-5.0,+12.4 ≤ 2 21 ± 2 29 ± 2 99 ± 2 35 ± 2 24 ± 7 0.998 1.30
+20.0, +1.9 9 ± 5 36 ± 5 28 ± 6 89 ± 6 43 ± 6 22 ± 6 1.328 1.03
-10.1,+14.6 ≤ 2 15 ± 3 26 ± 1 90 ± 2 38 ± 2 27 ± 10 1.330 1.12
-12.7,+18.6 12 ± 5 27 ± 5 28 ± 3 104 ± 5 55 ± 7 29 ± 17 1.672 1.18
+30.1, -2.4 ≤ 19 44 ± 19 ≤ 25 116 ± 25 77 ± 19 22 ± 19 2.054 0.15
+35.0,-25.1 ≤ 3 17 ± 5 31 ± 5 96 ± 6 47 ± 6 29 ± 16 2.990 1.16
-28.5,+31.1 ≤ 8 50 ± 8 18 ± 6 95 ± 6 48 ± 8 27 ± 17 3.085 0.43
+33.3,-33.2 ≤ 17 53 ± 13 57 ± 22 94 ± 23 133 ± 17 12 ± 29 3.287 0.25
+42.2,-25.2 16 ± 3 44 ± 3 24 ± 5 91 ± 5 61 ± 5 35 ± 11 3.421 0.79
+41.5,-19.0 12 ± 9 102 ± 9 27 ± 8 75 ± 12 70 ± 12 42 ± 24 3.636 1.41
202
Appendix C
Hydrogen Content and Metallicity in Field
Spiral Galaxies
C.1 Background
The relationship between galactic H I content and other properties of
giant spiral galaxies is a well-documented phenomenon. Most notably, star for-
mation (e.g. [123, 194]) and gas-phase metal abundance ([70, 204, 242], among
others) are known to be intimately connected to a galaxy’s overall H I mass.
Many observational studies of the H I-metallicity relation interpret the phe-
nomenon as a consequence of environment-driven evolution (namely ram pres-
sure gas stripping or infall cutoff) through either cluster membership [176, 204]
or local overdensity [46, 70]. On the other hand, cosmological hydrodynamical
simulations (e.g. [52]) predict a dependence of galactic metallicity on H I con-
tent for galaxies in the field as well.
In [188], we took the approach of the [204] analysis of Virgo, exam-
ining a single galaxy cluster–Pegasus I–to evaluate the effect of H I content
on mean galactic metallicity for giant spirals. Rather than bifurcate our sam-
ple into “gas-rich” and “gas-poor,” as had been done for Virgo, we quantified
H I content using the DEF parameter described in [206], and considered galac-
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tic abundances as a function of this quantity. In the case of Pegasus I, DEF
proved to be an excellent predictor of galactic log(O/H). Furthermore, the
Virgo galaxies from the [204] study agreed nicely with the log(O/H)-DEF
correlation despite the dramatically different properties (density, number of
galaxies, velocity dispersion) of the two clusters.
The most significant limitation of the observed relation between log(O/H)
and DEF is the small number of galaxies for which the dependence has been
tested. Between the Virgo and Pegasus I clusters, only 12 cluster galaxies were
included in the [188] paper. Furthermore, while we included a small number
of field spirals from the [239] sample, the number of objects and the precision
of their associated log(O/H) measurements made it impossible to conclude
whether our observed correlation extended to galaxies in the field. In this
chapter, we remedy both of these shortcomings by utilizing galaxy-integrated
spectra of 60 giant spirals (35 cluster, 25 field) from the [165] catalog. Here, we
show that the abundances of these galaxies confirm the dependence of galactic
log(O/H) on DEF for cluster spirals, and that field spirals are subject to a
similar relation, in agreement with cosmological hydrodynamical simulations.
C.2 Data
To expand on the results of [204] and ([188], hereafter Paper I), we
sought to obtain H I and metallicity measures for a large number of galaxies
in a wide range of environments. Because our H I deficiency parameter DEF
requires accurate 21 cm H I fluxes and morphological types, we were confined
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to relatively nearby galaxies. Also, since accurate log(O/H) determinations
for spiral galaxies are dependent on spectra covering the entire galactic disk,
very large surveys such as SDSS are unsuitable, as nearby spirals do not fit
within a single fiber.
We found a suitable sample of objects in the [165] catalog of long-slit
galactic spectra. The catalog contains emission-line spectra for 417 galaxies.
While Paper I and other similar studies determine galactic nebular metallicities
by fitting abundance gradients to spatially resolved H II region spectra, [166]
show that the integrated spectra from these long-slit observations yield equiv-
alent log(O/H) values. Taking advantage of their result, we derived galactic
abundances from this catalog. First, though, we selected the galaxies suitable
for our log(O/H)/DEF analysis according to the following criteria:
I. We selected only objects for which H I 21cm flux measurements,
optical diameters, and T-types exist in the Third Reference Catalog of Bright
Galaxies (RC3; [59]).
II. We eliminated any objects without significant detections of the
[O II]λ3727 or H β emission lines.
III. We selected only massive spirals, with T-types between 0 and 8.
Additionally, we eliminated any objects known to be in interacting or merg-
ing pairs because of the difficulty of assigning morphological types to these
galaxies, and because of the known metallicity dilution effects [69, 125] for in-
teracting pairs. Galaxies known to be in groups (not clusters) have also been
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eliminated due to their relatively limited number.
After selecting for the above requirements, we are left with a sample of
60 spiral galaxies. For these objects, we first calculated the H I deficiency pa-
rameter DEF [88]. We computed DEF following [206], who define the quantity
as
DEF = logMH I,exp − logMH I
where MH I,exp is an expectation value for a galaxy’s H I mass based on its
optical diameter and morphological type. Since DEF is an underabundance
relative to the expectation, more positive values represent lower H I content.
As in Paper I, we used oxygen as a proxy for a galaxy’s heavy-element
abundance, and used the strong-line R23 calibration for the [O II] and [O III]
emission lines. To facilitate direct comparison to Paper I, we have again used
the [239] R23 calibration to compute 12 + log(O/H). Our error bars are ob-
tained from standard propagation of the uncertainties given for the [165] emis-
sion lines.
We categorized our galaxies as cluster, group, or field members using
the associations listed in HyperLeda [173]. In cases where HyperLeda did not
offer this information, we consulted the SIMBAD and SDSS SkyServer Object
Explorer databases, and references therein. If a galaxy was not listed as a
group or cluster member in any available literature or database, we considered
it a field galaxy.
In Table C.1, we list the names, DEFs, 12+log(O/H) values, and, where
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applicable, host clusters of the galaxies examined in this study. For cluster
members, we have also included approximate sky-projected separations ρC
from the cluster center, using the coordinates and redshifts of cluster centers
from [4], assuming H0 = 72 km s
−1 Mpc−1. The Table is separated into cluster
and field populations, as they will be presented in the following section.
C.3 Analysis
As in Paper I, we are interested in the dependence of log(O/H) on DEF
for the galaxies in Table C.1. In order to evaluate any functional dependence,
it is important that our sample cover a satisfactory dynamical range in DEF.
In Figure C.1, we show a histogram of DEF for the galaxies studied herein.
For comparison, we also indicate the DEFs sampled in Paper I. We see that
these objects cover a broad range of H I deficiency, and include significantly
more very high- and low-DEF galaxies than the targets of Paper I and [204].
We note that, while there are members of both cluster and field samples with
very low DEFs, there are considerably more cluster galaxies with positive DEF
values. This is consistent with the results of [207] and [139], among others,
who show that the cluster environment drives galactic H I depletion.
In order to properly understand the influence of H I content on galactic
heavy-element abundance, we must first correct for the mass-metallicity rela-
tionship (MZR; [215, 239]). To ensure easy comparison to Paper I, we have
again removed the effect of the MZR by using inclination-corrected circular
velocity as a proxy for galactic mass, and subtracting the log(O/H) versus vC
207
Figure C.1: Distributions of the H I deficiency parameter DEF for our cluster
(top) and field (bottom) selections of galaxies from the [165] catalog. The
open bins show the DEF distributions from Paper I.
fit derived in Paper I:
12 + log(O/H)= 8.57 + 0.356× VC/(200 km/s).
We plot the residual log(O/H) differential for each galaxy in Figure
C.2. In order to ensure that our results are not dependent on our MZR cor-
rection, we also present the same data, corrected by instead subtracting the
log(O/H) versus MB relation from Paper I:
12 + log(O/H)= 8.95− 0.0594× (MB + 20).
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Note that we show our MB-corrected data as a consistency check, and
base all of our formal conclusions on the vC-based MZR correction. This is
because, as mentioned in Paper I and [239], vC is independent of distance and
unbiased by recent star formation.
Because Paper I showed a clear correlation between oxygen content and
DEF for cluster galaxies, but was unable to confirm or reject that correlation
for galaxies in the field, we examine the cluster and field galaxies separately.
C.3.1 Cluster Galaxies
Considering first the subset of cluster galaxies (Figure C.2(a)), we see
that the greatly increased number of objects contains a considerable amount
of scatter in comparison to the Virgo/Pegasus sample of Paper I (Figure 6
in that paper). Evaluating the dependence of log(O/H) on DEF therefore
requires a careful statistical analysis.
As mentioned in the previous section, uncertainties on galactic log(O/H) are
obtained in a straightforward manner from the errors on the line fluxes. How-
ever, understanding the uncertainty on DEF is considerably more complicated.
Because the calcluation of DEF relies on T-type and optical diameter in ad-
dition to 21 cm flux, uncertainties in all of those parameters contribute to the
overall error budget. Additionally, since DEF is calibrated to a finite sample of
field galaxies [206], the calculation of expected H I mass is not exact. Rather
than assign individual errors to each object, we chose instead to adopt a uni-
form error σDEF = 0.15 for all galaxies, based on the recommendation of [139],
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Figure C.2: Residual log(O/H) after subtracting the mass-metallicity rela-
tionship (MZR) for our selected galaxies, plotted as a function of DEF. Our
sample is separated into [a,b] cluster and [c,d] field galaxies. Plots on the left
[a,c] have been corrected for the MZR using circular velocity, while plots on
the right [b,d] use absolute blue magnitude instead (see text for details). For
each subset of galaxies, we have included linear fits according to ordinary least
squares (red) and maximum likelihood (blue). For the cluster galaxies, we
have also included our ordinary least squares fit to the Virgo/Pegasus data
from Paper I (dashed green line).
210
who estimate a “cosmic scatter” of 0.15 in DEF. Our derived dependencies on
DEF will therefore have relatively conservative error estimates, since purely
statistical error calculations would result in smaller uncertainties.
We began our analysis with a standard linear regression on the cluster
subset. Although we experimented with a number of weighting schemes, be-
cause the uncertainties in our data only differ in the estimates of log(O/H),
which does not by itself dominate the error budget, each of our weighted fits
resulted in unreasonably small errors on the resulting slopes and intercepts.
For this reason, all least-squares fits presented herein are computed with equal
weights for all data points. With an ordinary least squares (OLS) fit, our
model is
log(O/H)res = 0.18±0.03 + 0.31±0.08 × DEF (C.1)
where log(O/H)res is the measured abundance after subtracting our MZR fit.
Because our fitted slope is only ∼ 3σ away from zero, we also performed
a Pearson correlation test on the data in our cluster sample to confirm the sta-
tistical significance of the relation between log(O/H) and DEF. The correlation
coefficient for the cluster galaxies is 0.55. For a sample size of 35 galaxies, this
coefficient indicates the probability of no correlation is just 0.0006. We see,
then, that there is a significant correlation between log(O/H) and DEF, and
the slope of the relation is consistent with that found in Paper I.
To obtain a better estimate of the actual functional relationship be-
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tween log(O/H) and DEF, we have performed a more statistically rigorous
linear fit to the data using the maximum likelihood (MLE) method outlined
by [121]. The code works by creating a likelihood function for the true distri-
bution of regression parameters, based on the observed data and errors. The
regression coefficients and errors are estimated by performing Bayesian infer-
ence using 10,000 MCMC samples of the parameter space, where each chain
performs a random walk through the parameter space (using a Gibbs sampler),
eventually converging on the posterior distribution. The values of the slope
and intercept to which each chain converges represents a single random draw
from the posterior distribution. Fitting a gaussian to the resulting distribution
of slopes, and extracting the mean and FWHM, the resulting “mean fit” to
the cluster subset becomes
log(O/H)res = 0.18±0.15 + 0.37±0.15 × DEF (C.2)
We have included both of the fits above in Figure C.2(a). Since the
MLE routine allowed us to include uncertainties on both DEF and log(O/H),
we adopt the MLE fit as our final model. However, it is worth pointing out the
agreement between the OLS and MLE fits for the cluster subset, suggesting
OLS is actually adequate in this case.
When considering our sample using theMB-based MZR, we find results
consistent with our primary MZR correction. We obtain slopes of 0.31± 0.08
(OLS) and 0.28± 0.13 (MLE), which agree with the fits above.
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In addition to being internally consistent, our fits to the log(O/H) versus
DEF relation, also agree with our fits to the Virgo and Pegasus spirals derived
in Paper I. For comparison, we have included these fits in Figures C.2(a) and
C.2(b).
C.3.2 Field Galaxies
Having recovered the log(O/H) versus DEF relationship discovered in
Paper I, we revisited the question of whether the same dependence exists for
galaxies in the field. Our field galaxy sample is plotted in Figure C.2(c). Again,
there is plenty of scatter, but a positive trend is visible. We again performed a
Pearson correlation test to the field sample, acquiring a correlation coefficient
of 0.58. For 25 galaxies, our correlation coefficient gives the probability of no
correlation at P = 0.0024. Our OLS model for the field subset gives
log(O/H)res = 0.19±0.04 + 0.47±0.14 × DEF (C.3)
To properly quantify the relationship using our errors on DEF, we again
calculate the MLE fit, giving a final model
log(O/H)res = 0.19±0.09 + 0.41±0.14 × DEF (C.4)
We note that the OLS and MLE fits for field galaxies all agree to within
1σ regardless of which MZR correction we use. However, it is worth noting that
the MLE fit to the MB-corrected data (Figure C.2(d) results in a very steep
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slope of 0.57 ± 0.4. We find that when we exclude NGC 4605, which is very
metal-poor for its DEF value (0.34), the OLS fit also displays a much higher
slope. Since our vC MZR correction places NGC 4605 in better agreement
with the observed trend, we do not exclude it as an outlier.
Since the [165] selection of spiral galaxies is not a volume-limited sam-
ple, it is prudent to consider whether our observed trends in log(O/H) versus
DEF could be produced by an observational bias. The RC3 catalog is essen-
tially complete for galaxies with optical diameters greater than 1 arcminute
and total B magnitudes brigher than 15.5. Although the surface brightness
cutoff may lead to the omission of some edge-on spirals, such a bias should not
have a significant influence on our result, as the uncertainty in morphological
type and increase in interstellar reddening complicate the determinations of
DEF and log(O/H), respectively. In Paper I, we intentionally avoided edge-on
spirals for this reason.
As for the [165] selection, which is described in [166] while it is neither
blind nor complete, the galaxies included cover a wide range in MB, B − V ,
and morphological type. We therefore expect a representative sampling of
different galaxy masses, star formation histories, and dust content.
In order for a bias to create such an effect, we would somehow have
to systematically exclude H I-rich galaxies with high metallicity and/or H I-
poor galaxies with low metallicities. We believe both possibilities are very
unlikely. Galaxies with low DEF (high H I content) should produce strong 21
cm radiation, and will also likely have relatively high specific star formation
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rates (e.g. [194]), leading to strong H β lines. Therefore, low-DEF galaxies
should not be excluded from our selection at any metallicity, according to our
criteria listed in the previous section. As for high DEF/low metallicity spirals,
their low metal content should lead to strong nebular emission lines via higher
temperatures, ensuring their inclusion from the [165] catalog. Furthermore,
even our highest-DEF galaxies represent 21 cm detections well above the 100σ
level, so we are not excluding any high-DEF galaxies due to nondetections
of H I emission. We are therefore confident that our result is not due to an
observational bias, despite the fact that our sample was not specifically chosen
to be completely unbiased.
C.4 Discussion
C.4.1 Comparison to Previous Observations
The slope of the DEF-log(O/H) relation for cluster galaxies (0.37 ±
0.15) remains in good agreement with the slope derived in Paper I (0.26±0.1)
upon increasing the number of galaxies in our sample by a factor of 3. While
the scatter around the fit in Figure C.2(a) is higher than seen in the Virgo and
Pegasus samples, it is important to consider the differences between the galax-
ies examined in the two studies. The Virgo and Pegasus galaxies selected by
[204] and Paper I were chosen for their abundance of bright individual H II re-
gions, and were also all nearly face-on. Furthermore, the Virgo/Pegasus galax-
ies were all very similar in mass and luminosity. In this larger sample, there
is certainly scatter introduced by inclination effects, ambiguous morphological
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types, and imperfect mass correction which was largely inconsequential in the
smaller, more homogeneous earlier data sets. In this sense, the Virgo/Pegasus
galaxies can be interpreted as the “ideal case,” and our analysis of the [165]
sample extends the preliminary results to a much broader group of objects.
Considering most studies of the interrelation between galactic gas con-
tent and metallicity (e.g. [70, 176, 204]) have examined H I deficiency in the
context of cluster environment or local galactic density, it is somewhat surpris-
ing to find that the observed metallicity dependence extends to field galaxies.
In fact, our measured slope for the field subset is actually higher than for the
cluster galaxies, although it is doubtful that difference is significant. While
the distributions of the slopes in our Monte Carlo resamplings are different,
given the uncertainties on our fits, we are not confident that the difference in
the observed slopes is significant over the range of DEF explored here. We
therefore conclude that, within the uncertainties, the log(O/H) versus DEF
relation applies generally to any non-interacting massive spiral galaxy in a
similar way, regardless of environment.
C.4.2 Comparison to Hydrodynamic Models
Modern cosmological hydrodynamic simulations can predict the neutral
hydrogen and oxygen content for representative samples of galaxies. Here we
compare our DEF-log(O/H)res results to the simulations of [52]. Since these
simulations have a box length of 48 h−1 Mpc on a side that does not contain any
cluster-sized objects, their simulated sample is most appropriately compared
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to our field sample. Similar to [52], we have excluded any galaxies with stellar
masses lower than M∗ = 2 × 109M⊙. While the sample does not include
morphological data, the masses, star formation rates, and gas fractions of our
simulated galaxies are a good match to the selection of [165], who note in [166]
that their observed galaxies are largely late-type (Sbc and later) spirals.
In these models, we compute the deviations in metal and H I content
at a given specific star formation rate (sSFR≡ SFR/M∗). This is different
than our treatment of the observations, where DEF is defined based on the
expected HI content of galaxies with similar morphology and size. Unfor-
tunately, these simulations lack the resolution to predict these parameters,
and hence we must choose a proxy from among the available model-predicted
quantities. We choose sSFR because [194] showed that DEF is most tightly
correlated with sSFR, as opposed to SFR orM∗ alone. To verify this approach
is qualitatively valid, we have examined 19 spiral galaxies with measured sS-
FRs from [109]. Taking T-types, 21cm fluxes, and optical diameters from
HyperLeda, we computed DEF via the [206] formulae. We then estimated
H I deficiency by correcting for a trend in MH I versus sSFR, and adopting
DEF as the vertical offset from this trend. We show a comparison between the
two estimates of DEF in Figure C.3. Performing a linear fit to the data, we
find a slope of 0.87± 0.19, but also a vertical offset of 0.36± 0.09, indicating
a systematic difference between the two calculations. Therefore, while we are
confident that the two estimates of DEF reflect qualitatively similar trends,
the offset prevents us from directly equating the simulations and our data.
217
-0.8 -0.6 -0.4 -0.2 0
DEF (via Solanes et al. 1996)
-0.4
-0.2
0
0.2
0.4
0.6
D
EF
 (v
ia 
sS
FR
)
Figure C.3: We compare DEF as measured by the [206] method and by using
our estimate relative to a given sSFR. The red line gives the best fit to the
data, while the dotted blue line indicates the line y = x.
Figure C.4 shows the correlation between DEF and log(O/H)res from
the momentum-driven wind scaling simulation of [52], defined relative to the
mean at a given sSFR. The galaxy metallicities are computed as described in
[52], while the H I mass accounts for self-shielding and conversion to molecular
hydrogen as described in [54], broadly following [180] and [65]. The green
line shows the best-fit power law to these points, which follows the relation
DEF= 0.07 + 0.43× [O/H ]res. Also shown in the Figure is the best linear fit
to the constant wind model (red line, see [52] for details on the constant wind
model).
The predicted slope is close to that observed (0.41), and the results
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Figure C.4: Residual [O/H] as a function of DEF for galaxies from our hydro-
dynamical simulation. The green line gives our best fit to the relation, while
the red line represents the best fit to the same galaxies with a constant wind
model (see text). We note that DEF in this figure is computed relative to a
“normal” H I content at fixed sSFR to account for a lack of morphological
information in our simulations.
display a similar amount of scatter around the fit. The predicted amplitude
is slightly low, but likely within uncertainties given the different way in which
DEF is computed between the models and the data. We note that had we
chosen stellar mass rather than sSFR about which to measure our deviations,
the predicted slope would be shallower, namely 0.27, but still within 1σ of
that observed. Hence the trend in DEF vs. [O/H ]res appears to be a relatively
robust prediction of hierarchical galaxy formation simulations, regardless of the
details of feedback.
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Why do these hierarchical models predict such a trend? The physical
origin can be explained by appealing to the equilibrium model of galaxy evo-
lution [53]. In this scenario, galaxies live in a slowly-evolving balance between
accretion, outflows, and star formation. This results in preferred equilibrium
relations for the main physical properties of galaxies, such as tight relations
between stellar mass, star formation rate [50], metallicity [75], and H I content
[180].
Galaxies are perturbed off these equilibrium relations owing to the
stochasticity in accretion (e.g. mergers), which governs the scatter around
these relations [75]. Consider a galaxy undergoing a merger with a smaller
system. Its metallicity will go down because the smaller system will tend to
have lower metallicity. However, its H I content will rise since smaller systems
tend to be more H I-rich. Hence deviations towards low metallicity will be
correlated with deviations towards high H I content. The converse can also
happen, where a galaxy experiences a lull in accretion (or a dimunition owing
to it becoming a satellite in a larger halo), in which case it will consume its
available gas reservoir, increase its metallicity, and lower its H I content. It
is straightforward to see that such perturbations will produce a trend in DEF
vs. [O/H ]res that is qualitatively as observed. Furthermore, the fact that an
upward trend exists regardless of wind model indicates the behavior does not
arise as the result of an outflow effect, but rather it appears because of inflow
stochasticity, which is independent of outflows.
We attribute the slope of the DEF vs. [O/H ]res relation in the simu-
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lations primarily to three physical phenomena: First, it reflects the character-
istic spectrum of mergers and smooth accretion that drive perturbations off
the equilibrium relations. Second, it reflects the tendency of minor mergers to
enrich spirals with metal-poor gas, decreasing the global nebular metallicity.
Finally, it reflects the trend of H I richness vs. sSFR, which analogously sets
the typical deviation in H I content when a giant spiral merges with a gas-rich
dwarf.
The agreement between the models and the data suggests that the
simulations are properly capturing these phenomena. As shown in [52], this
model produces roughly the correct mass-metallicity relation. In [54] we show
that it also broadly matches the observed mass-H I richness relation. The
spectrum of mergers is set by the underlying cosmology, which is assumed to
be WMAP7-concordant. Given that all the individual pieces in the model
agree with data, it is perhaps not surprising that the DEF vs. [O/H ]res is
also reproduced. Also, since the constant and momentum-driven wind models
yield qualitatively similar trends (Figure C.4) for metallicity and H I richness,
it is also not surprising that our simulation results are not strongly sensitive
to the assumed feedback model.
We see that this scenario for what sets the H I deficiency in galaxies
offers a mechanism to produce the log(O/H)-DEF relation separate from tra-
ditional scenarios that have posited that it arises from environmentally-driven
processes such as ram pressure stripping (e.g. [92]). Naively, such scenarios
would predict that the trends would be stronger in clusters, but our observa-
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tions suggest that the trend of DEF vs. [O/H ]res is similar in the field. In
the simulations, environment does not play a large role (except for satellite
galaxies; [51]). Instead, DEF is simply set by the stochastic nature of hierar-
chical accretion, and galaxies’ response to such stochasticity generically yields
the observed trend in DEF vs. [O/H ]res. We caution that these simulations
only produce field galaxies, so environmental processes may still play a major
role in extreme environments such as clusters. But the success of these models
suggests that at least for typical field galaxies, it is not necessary to appeal to
environmental processes in order to understand the behavior of [O/H ]res vs.
DEF. Evidently, changes to a galaxy’s nebular metallicity caused by varying
H I content are to some degree insensitive to the specific physical processes
(i.e. infall, minor mergers, ram-pressure stripping) responsible for regulating
H I richness.
C.5 Conclusion
Using the spectral library of [165], we have conducted an expanded
investigation into the influence of H I abundance on galactic nebular metallicity
analogous to the analysis of [188] for the Pegasus cluster. We have compared
these results to predictions based on cosmological hydrodynamical simulations.
Our conclusions can be summarized in three main results:
1. For galaxies in clusters, we recover the previously observed trend of
increasing log(O/H) with decreasing H I content.
2. For galaxies in the field, log(O/H) is similarly dependent on H I de-
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ficiency.
3. Our hydrodynamical simulations for field galaxies predict a metallicity-
DEF correlation similar to that observed. We interpret this result as the
product of a galaxy’s natural “excursions” between H I-rich/metal-poor and
H I-poor/metal-rich in response to stochastic fluctuations in the inflow rate.
These departures from equilibrium with respect to the mass-metallicity rela-
tion can occur in any environment, and do not require cluster membership or
enhanced local galaxy density.
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Table C.1: Galaxy data from [165]. DEF has been computed according to
[206], and 12 + log(O/H) is calibrated using the method outlined in [239]. vC
values are taken from the HyperLeda database, and are corrected for inclina-
tion. Where appropriate, UGCl cluster listings have been replaced with their
more familiar names according to [4].
Galaxy Name DEF 12 + log(O/H) vC Cluster ρC (kpc)
Cluster Galaxies
NGC 0660 −0.22 8.97± 0.19 140.82 UGCl 029 1650
UGC 01281 0.30 8.97± 0.16 50.11 UGCl 032 2340
UGC 01385 −0.29 9.21± 0.04 227.69 Abell 262 513
NGC 0784 0.34 8.77± 0.11 41.31 UGCl 032 3700
NGC 0877 −0.58 9.09± 0.05 272.82 UGCl 035 2090
NGC 0976 −0.39 9.12± 0.09 400.9 UGCl 038 6840
NGC 0972 0.22 9.11± 0.05 145.99 UGCl 038 3640
NGC 1003 −0.28 8.73± 0.08 95.49 Perseus 6580
NGC 1058 −0.44 9.10± 0.06 13.27 Perseus 6750
NGC 1087 −0.01 9.08± 0.04 120.27 UGCl 043 937
NGC 1345 −0.18 8.82± 0.13 97.19 Eridanus 369
NGC 2893 0.01 9.16± 0.06 109.36 UGCl 148 505
NGC 3079 0.02 8.89± 0.11 208.39 UGCl 163 22100
NGC 3310 −0.39 8.75± 0.07 288.38 UGCl 163 9170
NGC 3353 0.05 8.57± 0.09 57.16 UGCl 189 167
NGC 3504 0.49 9.13± 0.04 194.09 Abell 1185 1590
UGC 06665 −0.69 8.64± 0.09 114.58 UGCl 231 3660
NGC 3913 0.20 8.92± 0.20 34.07 UGCl 229 3260
NGC 3953 0.47 9.23± 0.10 215.86 UGCl 229 9490
NGC 3972 0.67 9.18± 0.18 114.36 UGCl 229 3830
NGC 3982 0.11 9.11± 0.04 191.83 UGCl 229 4290
NGC 4062 0.28 9.13± 0.11 140.47 UGCl 263 8531
NGC 4085 0.11 9.07± 0.04 127.84 UGCl 229 14600
NGC 4088 −0.08 9.14± 0.05 167.29 UGCl 229 14200
NGC 4102 0.48 9.03± 0.09 158.14 UGCl 229 10100
NGC 4136 0.01 8.81± 0.17 101.3 UGCl 263 3880
NGC 4157 −0.03 9.17± 0.12 188.89 UGCl 229 15000
NGC 4288 −0.45 8.76± 0.10 114.37 UGCl 265 388
NGC 4389 0.83 9.21± 0.04 95.47 UGCl 265 47.1
NGC 4414 −0.24 9.23± 0.04 217.83 UGCl 267 19.2
NGC 5014 0.25 9.04± 0.07 85.29 UGCl 281 2530
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Table C.1 cont’d.
Galaxy Name DEF 12 + log(O/H) vC Cluster ρC (kpc)
NGC 6052 −0.58 8.77± 0.07 293.49 Hercules 4620
NGC 7518 0.07 9.18± 0.11 35.61 Pegasus 2590
NGC 7591 −0.49 9.12± 0.10 211.21 Pegasus 2480
NGC 7625 −0.42 9.17± 0.05 285.57 UGCl 486 1880
NGC 7678 −0.05 9.09± 0.04 198.3 Abell 2657 13100
Field Galaxies
NGC 0095 −0.34 8.96± 0.07 203.78
NGC 0157 −0.34 9.18± 0.04 154.42
NGC 0278 −0.05 9.16± 0.03 256.28
NGC 0922 −0.42 8.75± 0.08 178.59
NGC 1421 −0.26 8.97± 0.07 161.59
NGC 2139 −0.54 8.75± 0.08 135.61
NGC 2782 −0.05 8.87± 0.06 116.73
NGC 2903 0.08 9.22± 0.07 186.95
NGC 3049 −0.05 9.13± 0.09 102.61
NGC 3198 −0.14 8.88± 0.14 142.51
NGC 3274 −0.60 8.63± 0.09 79.62
NGC 3344 −0.07 9.01± 0.08 222.87
NGC 3521 −0.18 9.10± 0.06 244.92
NGC 3600 −0.28 8.72± 0.12 86.9
NGC 4384 −0.10 9.03± 0.05 102.29
NGC 4455 −0.14 8.71± 0.10 56.98
NGC 4605 0.34 8.81± 0.07 60.87
NGC 4670 −0.04 8.72± 0.08 140.4
NGC 5104 −0.43 8.81± 0.19 203.18
NGC 6207 −0.11 8.97± 0.05 114.83
NGC 7137 −0.04 9.12± 0.04 104.46
NGC 7620 −0.50 9.07± 0.05 423.69
NGC 7624 −0.16 9.21± 0.07 173.88
NGC 7640 −0.08 8.84± 0.09 107.92
NGC 7742 0.04 9.08± 0.05 112.06
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